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Abstract:

Previously, iron features were not known to be a common feature of the X-ray spectra of Active
Galactic Nuclei (AGN). The data from a long observation of NGC 5506 performed by EXOSAT were
reanalyzed, and an emission line and an absorption edge were found. Subsequently, 47 X-ray spectra
from a sample of 40 AGN observed with EXOSAT were reanalyzed. Evidence for line emission was
found in 13 spectra from 12 sources; however, the line intensities were not well determined.

X-ray variability is an interesting feature of some low luminosity Seyfert 1 galaxies. As part of
Tsuruta’s simultaneous multi-frequency campaign, the Seyfert I nuclei NGC 7469. and NGC 6814
were observed with the LAC onboard Ginga. These data were analyzed along with a second Ginga
observation of NGC 6814. The flux level of NGC 7469 was low and the satellite pointing was not
stable, making detailed analysis difficult. The flux level was seen to decrease during the second day of
observation with a halving time scale of 25,000 seconds. The photon index was remarkably flat.

From the two observations of NGC 6814, a wealth of interesting results emerged. The rapid flux
variability with time scale of ~ 300 seconds and the 12000 second periodicity characteristic of this
unusual source were confirmed in both observations. During the first observation, periodic dips were
found, in which the flux fell to nearly zero. Spectral variability was confirmed during these dips, as
well as a decrease in line emission. During the second observation, periods of rapid flux increase and
decrease were found, and spectral variability was again found. Well defined energy delays were also
discovered. A variable absorption model was explicitly fit to the delay data. This model could
successfully though qualitatively explain the spectral variability during the regions of fastest
variability.

In the intense radiation field of an AGN, the motion of particles is influenced by the gravitational and
radiation fields. To explore the motion of such particles, a spherically symmetric model by
Abramowicz et al. 1990 was extended to a more realistic case by using a modified radiation stress
energy tensor. This modification produced a significant change in the character of the critical point
solutions.
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ABSTRACT

Previously, iron features were not known to be a common feature of the X-
ray spectra of Active Galactic Nuclei (AGN). The data from a long observation
of NGC 5506 performed by EXOSAT were reanalyzed, and an emission line and
an absorption edge were found. Subsequently, 47 X-ray spectra from a sample of
40 AGN observed with EXOSAT were reanalyzed. Evidence for line emission was
found in 13 spectra from 12 sources; however, the line intensities were not well
determined.

X-ray variability is an interesting feature of some low luminosity Seyfert
1 galaxies. As part of Tsuruta’s simultaneous multi-frequency campaign, the
Seyfert 1 nuclei NGC 7469.and NGC 6814 were observed with the LAC on-
board Ginga. These data were analyzed along with a second Ginga observalion
of NGC 6814. The flux level of NGC 7469 was low and the satellite pointing was
not stable, making detailed analysis difficult. The flux level was seen to decrease
during the second day of observation with a halving time scale of 25,000 seconds.
The photon index was remarkably flat.

From the two observations of NGC 6814, a wealth of interesting results
emerged. The rapid flux variability with time scale of ~ 300 seconds and the
12000 second periodicity characteristic of this unusual source were confirmed in
both observations. During the first observation, periodic dips were found, in which
the flux fell to nearly zero. Spectral variability was confirmed during these dips, as
well as a decrease in line emission. During the second observation, periods of rapid
flux increase and decrease were found, and spectral variability was again found.
Well defined energy delays were also discovered. A variable absorption model was
explicitly fit to the delay data. This model could successfully though qualitatively
explain the spectral variability during the regions of fastest variability.

In the intense radiation field of an AGN, the motion of particles is influenced
by the gravitational and radiation fields. To explore the motion of such particles,
a spherically symmetric model by Abramowicz et al. 1990 was extended to a more
realistic case by using a modified radiation stress energy tensor. This modification
produced a significant change in the character of the critical point solutions.




CHAPTER 1

INTRODUCTION
General

Active Galactic Nuclei (AGNs) are the bright nuclei of some galaxiés. They
are some of the most energetic objects in the universe. Their energy spectra are
characteristically non-thermal; that is, the energy spectrum cannot be adequately
described by a sum of stellar spectra. They emit nearly equal amounts of energy
in all wave bands, and are a strong source of X-rays. There are many different
kinds of AGN, and because they are so well studied in the optical wave band, the
classification generally depends on their optical properties.

In this thesis, Seyfert 1 nuclei are the predominant type of AGN studied.
These are characterized by a strong non-thermal infrared to X-ray continuum and
broad optical emission lines from a wide range of ionizations. Generally the host
galaxy can be optically resolved. However, Quasi-stellar Objects (QSOs), Seyfert
type 2 nuclei, Narrow Emission Line Galaxies (NELGs), and Low Ionization Nu-
clear Emission Line Regions (LINERS) are also included, as well as a variety of
Seyferts whose type are somewhere in between 1 and 2 (1.2, 1.9, for example)
depending on the relative strength of the broad aﬁd narrow components of their
emission lines (Turner 1988). In general many of the differences between these

types are in their optical properties. Some differ in luminosity. For example,




92 .
QSOs are more luminous than Seyfert 1 nuclei, having a typical bolometric lumi-

044—47 1 041—44

nosity of 1 ergs™! for Seyfert 1s. However,

ergs™ - compared with 1
many of these AGN objects seem to ha\}e quite similar X-ray properties, perhaps
indicating that the primary emission mechanism is the same.

It has been pointed out that the largest amount of energy from many AGN
is emitted from the central region. Since the discovery of this fact, thé source of
power for this eﬁission has been debated. The currently most pbpular idea for
the predominant source of pov;rer is the accre,tion'of .material onto a supermassive
black hole having a mass from 108-10° solar masses. The form of the accretion
flow is generally thought to depend on the accretion rate (e.g. Rees 1984). Rapid
X-ray variability from a fraction of low luminosity Seyfert 1 nuclei implies that the
X-rays may be produced in a small central region, from 5 to 100 rg, where rg is
the Schwartzschild radius appropriate for the supermassive black hole. The broad
emission lines are in general thought to come from a fegion larger than 100rs, from -
clouds which have been photoionized by the strong high energy continuum from
further inside. \

Many AGN, and in particular, Seyfert 1 nuclei have been detected in X-rays.
Recent analysis of maneuvering data from the Japanese éinga X-ray satellite from
3 years o.f operation found 93 Seyfert galaxies detectéd‘ (Awaki 1991). In this study,
it was estimated that 139 'op.tically identified Seyfert 1‘ga.la,xies came into the field
of view. Pointin-g observation data from 75 Seyfert galaxies from the FEinstein
Observatory Ifnaginihg Proportional Counter has been recént‘ly analyzed by Kru-
per, Urry and Canizares (1990). Many more detections ‘in X-rays are expécted
from more sensitive detectors such as those used i:)y the X-ray satellite ROSAT in

the recently completed All Skjf Survey. X-ray emission from at least a portion of

Seyfert galéxies has been frequently observed.




As will be discussed in Chapter 2, the primary X-ray radiation from Seyfert 1
galaxies seems to be non-thermal. Hoﬁever, there are ’spectral features imprinted
on the non-thermal primary spectrum which may be fhermal, or which come from
reprocessing of X-rays in cold material. Therefore, the careful study of the X-ray
spectra from Seyfert 1 galaxies can give information aboﬁt both the nature of the
primary spectrum and the material surroundiﬁg the emission region.

A fraction of Seyfert 1 nuclei have beeﬁ found to be rapidly variable, with
a._doubling time scale of as small as 100 seconds. There is some evidence that
the time scale of variability is characteristic of the primary emission process, since
luminosity and the time scale of variability have been found to be correlated (Barr -
and Mushotzky 1986; McHardy 1989). The most naive estimation of the size
~of the X-ray emission region comes from the light crossing time scale, and can
be found from the relation R = cAT. In many of the fastest variable AGN,
this region is found to be as small as 102 cm. Much information about th.e
nature of the efmission process and the material around the 'Seyfert 1 can be gained
by studying in detail the variability of AGN. Of particular interest is spectral
variability, because 6f the strong constraints which can be placed on rﬁodels of f'he
emission region.

Coupled ‘with the obser.va,tioﬁs of Seyfert 1 nuclei are the theories of 'the
emission reéion and of the material surrounding the emission region. As mentioned
above, copious X-rays have been observed from rna,n}.f Seyfert 1 galaxies, and the
rapid variability implies that the emission region must be very small. Therefore,
close to the emission region, the flux of radiation will be very intense. Uﬁder such
radiation flux, some particles may not be gravitationally bound to AGN, and so |
particle winds may result. Therefore, it is interesting to investigate the nature of

such a wind.




- 4
Plan of the Thesis

The remainder of this thesis is divided into nine chapters. Two of these
chapters, Chép£ers 2 and 5, provide review of spectra and variability of Seyfért 1
nuclei. Two others, Chapters 3 and 6 provide descriptions of the instrumentation
and satellites used to obtain the data under investigation. Three of the chapters,
Chapters 4, 7 and 8 cieécri'be details of the data analysis conducted by the auth01‘"‘,
and interpretation of the results. One chapter, Chapter 9, describes her purely
theoretical calculation descriBing the motion of particles in a radiation ﬁeld.\ The
final chapter is the conclusion.. , N

_Cha.pter,,z gives a partial review of the form of the X-ray spectral components
found in Seyfert 1 nuclei. At least five separate spectral components h'a:ve been
identified. This chapter was written from the observer’s point of view. Some
theories of emission are briefly discussed.

Chapter 3 describes the European X-ray Observatory Satellite, aﬁd particu-
larly the Medium Energy instrument. This description of the instrumentation is
included for several reésoné. The main reason is that it is unwise to use X-ray
. data without understanding the limitations of the instrument which collected it.
Such use can lead to over-interpretation of results. But also, the understanding of -
the instrument provides a depth and richness to the data analysis. Also included
in this chapter are details of the background subtraction for future reference, and
also a short review of the sta.tist‘ics involved in fitting X-ray spectra.

Chapter 4 describes all of the EXOSAT data. analysis done by the author. The
first pa,rt. describes the analysis and results of a long observation of NGG 5506. ‘
The purpose of this analysis was a search for iron emission and absorption features' :

at ~ TkeV. The long observation was used because of the better statistics which
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it could provide. A compé,rison with a Ginga observation was also included, and
some discussion of possible models is given.

The second part of Chapter 4 describes the reanalysis of the EXOSAT spec-.
tral survey sources. Again the intent of the reanalysis was the search for iron
features. Since these observations were in general shorter in duration, the criteria
for detection were necessarily statistical. A comparison with recent Ginga data
from Awaki 1990 is also given. Some statistical correlations are performed on the
sample of iron line detections.

Chapter 5 gives a review of X-ray variability of Seyfert 1 nuclei. First the de-
scription and nature of the flux variability is described. Several possible models for
the most common kind of variability found are briefly discussed. The remainder of
the chapter discusses spectral variability. This review was included for reference,
because all three of the Ginga observations described in subsequent chapters in-
dicated spectral variability. The most common type of spectral variability found
is flux correlatéd. That is, in general, the X-ray spectra are usually observed to
become softer as the X-ray flux increases. Thus this section describes models of
spectral variability and shows how they can result in apparent flux correlated spec-
tral variability. Diagnostics are described which can ideally decide which model
of spectral variability is appropriate.

Chapter 6 describes the Japanese X-ray observatory s’a,tellite Ginga, as well
as the Large Area Counter, the main instrument on-Boa;rd Ginga. Data selection,
and background subtraction and modeling are discussed in some detail, since there
was a background subtractiqn problem in one of the Ginga observations. Finally
in this cflapter are described some relatively new methods, not yet widely used,

for time series analysis of data with gaps.
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In Chapter 7 the analysis, results la.nd interpretation by the author of an
observation of NGC 7469 are discussed. This observation found the ;s,ource in a low
flux state. Also there were pointing problems of the satellite further decreasing the
flux. Because of the low flux, a background subtraction problem was encountered.
The analysis of this problem and two possible solutions are described. Fi.nally,
the results of the time series and spectral analysis are compa,red. with previous
observations of this source, and a possible model is described.

Chépter 8, the longest chapterof the thesis, also describes the most sign.i.ﬁcant
and important work of this thesis. Results from,d‘eta,iled time series and spectral
analysis of two G’iﬁga observations of NGC 6814 are giveﬁ. New results; never 05-
served before from Seyfert 1 nuclei, or from this source, were found. Specifically,
the hardness ratio from one of the observations was found to have 12,000 period-
icity. Periodic dips to nearly zero flux from the othér observation were observed.
In addition, fast spectral variability, within a few hundred seconds, was discovered
during both obse’rvatioﬁs. Also, during (-)ne of the observations, energy-lags \;vere
found, in the sense that the hard flux lagged the soft flux during flux decreases,
while the soft flux lagged the hard .ﬂux during flux increases. Also shown are
calculations from a new variation of the partial covering model exélicitly fit to the
time series results which successfully ‘t'hough' qualitativeiy describes the spectral
fitting results. Extensions of this simple model to explain the rest of the new
observations are described. |

Chapter 9 describes briefly the author’s calculation of wind velocity profiles
from AGN. In this calculation the pa,rti'cle. approach has been taken; that is, the
motion of the wind is~ interpreted to be the motion of -non-‘interacting particles.
“Work has been done extending this to the fluid approach, in which the particles

are assumed to be coupled by a magnetic -ﬁeld; however, a description of this work
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" is not included in this thesis. A derivation of the radial motion of the particle in
the intense radiation field is given, including special and general -relativity. ‘This
derivation is quite similar to thra;t given by Ab:.ra,mowicz, Ellis and Lanza 1990.
Next the solution of the wind equation under two different radiation stress energy
tensors is shown. One of these cases was also. used by Abramov;ricz, Ellis and
Lanza 1990, and is presented for comparison with the other, new stress energy
tensor deviéed by the author. A small change in the form of the stress energy
tensor is Ashow‘n té corilpletely change the nature of the critical point solutions.
Finally, Chapter 10 describés the major results and conc'lusion‘s of the thesis.
The work which has not yet be-en done is also described here. Finally, the future

prospects of X-ray astronomy are briefly described.




CHAPTER 2
X-RAY SPECTRA OF SEYFERT GALAXIES
Generél

As discussed 1n the previous chapter, many Seyfert galaxies and other emission
line galaxies are observed in X-rays, and in fact emit a substantial fraction of their
energy in X-rays. It has been found that the X-ray spectra from these galaxies
have many similarities, and to date, at least five components have been identified
" which are-common to the spectra of many Seyfert 1 nuclei. ' Thesé are: (1) a

power law continuum, (2) low energy absorption, (3) a soft excess component, (4)
iron emission and absorption features around 7 keV, and (5) a hard tail. These
features, the current state of observation and some tileoretical models are reviewed

in this chapter.

X-ray Power Law Emission

LI has been found that the medium energy X—ray spectra of Seyfert‘: 1 galaxies ’
is generally well described by a power law. An early study bsr Mushotzky e;c al.
(1980) performed with the A-2 experilﬁ\ent on-board HEAO,1 found that the
s-p'ectra of seven Seyfert 1 galaxies from 5-60 keV was well _descriBed by power
laws with energy indices i’n the range 0.3 to 1.0, with the most common index
found being 0.7. However, becau'se of poor enérgy resolution, he found that most

of these spectra could also be adequately fit with a high temperature thermal
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bremsstrahlung model. A more sensitive survey of 48 Seyfert type AGN provided
by EXOSAT showed that generally power law models provided better fits to the
data than thermal bremsstrahlung models (see Chapter 3 for a description of the
EXOSAT mission). The weighted mean index in this study was found to be 0.70,
~ with 1 o dispersion of 0.17. It was noted also that there was a significant spread in
the values of the index, beyond that expected for only statistical reasons (Turner
and Pounds 1989). Another survey of Ginga data from 22 Seyfert 1 galaxies.
analyzed by Awaki (1991), found the average energy index to be 0.68 with the
1 o dispersion being 0.15 (see Chapter 6 for a desc-:ription of the Ginga mission).
Another sample of 29 Ginga spectra from 20 Seyferts found the mean index to
be 0.722 with a standard deviation of 0.25 (Pounds, Nandra and Stewart 1990).
Other surveys in medium energies (2-10 keV) seem to find a similar result (Turner
et al. 1991). These results consistently show that the most common energy index
is 0.7; however, the spread in values is too large to be entirely due to statistics, so
there must be an intrinsic spread in the value of the enefgy index from‘ob ject to
object. This intrinsic spread may be due to differing emission mechanisms, or as
discussed later in this chapter, could be due to the influence of additional broad
spectral components. |

The theory of the production of the power law X-_ray émission is a topic of
intense debate. Several mechanisms have been proposed.

A naturally promising mechanism involves synchrotron radiation, since it is
a well known fact that an electron population with a power law energy distribu-
tion in a uniform magnetic field will produce a power law photon distribution.
One particular model proposed is the synchrotron self-Compton model (Urry and

Mushotzky 1982). In this process, radio to soft X-ray emission is synchrotron while

the harder X-ray tail is due to Comptonization of the same synchrotron emission.
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Another possibility is the ‘Comp.ton model. In this model, primary IR-O-
UV soft photons are scattered by higher energy electrons to produce a power law
spectrum. In.some cases, the X-ray source shows high luminosity as well as fast
variability. This implies that the source has a large compactness; in this case it is
reasonable to expect that a significant population of electron—positron pairslwould
be present (e.g., Gﬁilbert, Fabian and Rees 1983). Because of this expectation,
many groups of theorists have investigated the spectrum of the radiation due to
Comptonization in such electron-positron pair plasmas (e.g., Fabian et al. 1986;

Lightman and Zdziarski 1987; Svensson 1987; Done and Fabian 1989). Their

results in general indicate that an X-ray power law with an energy index of 0.7

might indeed be produced. However, a general concern with these models is that

for a largé region of parameter space, more v-ray photons are produced than

is consistent with the observed v-ray background. This situation is particularly .

true if the observed energy index is to be 0.7. A way out of this dilemma may

be the choice of realistic geometries. Recently, Tritz and Tsuruta (1991) have -

investigated a model in which the soft thermal emission is confined to a thin disk,
and the reprocé_ssing by Comptonization occurs in an elfctron-pos‘itron pair corona
above the disk. Preliminary results indicate that indeed a power law with energy
index of 0.7 might be p;oduced without an over-abundance of «-rays. Another
way may be the addition of another hard X-ray épectral component with a harder
spectrun;1 to the steeper primary spectrum, modifying the measuréd powér law

index (Zdziarski et al. 1991). This point will be discussed later:in this chapter.

Low Energy Absorption

The hard limit of the X-ray band pass measured depends usually on the

detector used; that is, hard X-rays can in general be detected if the optical depth -
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of the detector is large enough. On the other hand, .low energy photons are cut
,off due to an astronomical reason: they are easily photo-electrically absorbed by
interstellar hy.drogen, as well as heavier elements. A significant column density
of interstellar material is present in our Ga,lla.xy. Column densities of this origin
have been measured by their 21-cm hydrogen emission (Heiles 1975). The column
number densities typically range from 1.0 x 1029 cm™2 to 3.0x 102! cm~2 in our line
of sight to Seyfert galaxies considered in this thesis (Turner and Pounds 1989).
In spectral fitting, the energy dependent absorption cross section is taken from.
Morrison and McCammon 1983, who include the effects of neutral heavy elements
at cosmic abundances.

Many Seyfert 1 galaxies are not intrinsically heavily absorbed, and the ab-
sorption column as measured by spectral fitting is no larger than that due to our
Galaxy. However, the results of a recent survey from EXOSAT showed that about
half of 35 sources in which the absorption column could be measured showed sig-
nificant absorption beyond that due to our Galaxy (Turner and Pounds 1989).
Note that EXOSAT was a particularly good instrument to measure low energy
absorption intrinsic to the host galaxy; because of its extended low energy detec-

-2

. tion, .absorption columns down to 1020 cm™2 could be measured. There is also

some evidence that, in general, high absorption columns are more common in low
luminosity AGN (Reichert et al. 1985; Turner and Pounds 1989; Turner et al.
1991).

To clearly see the effect of the energy dependent absorption on the measured
spectrum, in Figure 1 is shown the ideal spectra for various absorption columns.
The dashed line shows the input spectrum with energy index of 0.7, while the solid

lines show the emergent spectra. The numbers next to the emergent spectra give




Absorbed Spectra

Rux (Arbitrary Units)

Energy (keV)

Figure I. Absorbed spectra. Here the dashed line is the input spectrum with
energy index 0.7, while the solid lines show the absorbed spectra. The figures by

the solid lines give the absorption column densities in units of cm-2.
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the column density in units of cm™2. As this figure illustrates, for columns above
about 1023 cm™2, the spectrum is quite heavily cut off at low energies. |
In some cases there is evidence that the covering material is not uniform over
the source, or that it is ionized and the ionization state is changing. These points

will be discussed in Chapfer 5.

Soft Excess Emission

Surveys performed with instruments having a band pass constrained to low
energies have tended to measure steeper energy indices for power law models than
those performed in the medium energy band. For example, a survey from the
Imaging Proportional Counter on-board Einstein in the energy band from 0.2 to
.4 keV finds an average index of 0.81 (Kruper, Urry and Canizares 1990). The
steeper index may be the result of an additional soft X-ray component, known as
the soft excess. The EXOSAT spectral survey, taking advantage of the coverage
of low and medium energy X-rays provided by the combination of the LE and
ME experiments, found evidence for soft excess emission in approximately half of
the unabsorbed sources (Turner and Pounds 1989). Because of the poor energy
resolution of the LE instrument, these soft excess components could generally be
fit with either an additional power law having an eﬁergy index in the range from
21t0 7, or with a thermal bremsstrahlung spectrum with kT of 0.15-0.4 keV. The
detailed shape of the soft excess emission could not be determined.

The possibility that this excess is due to thermal emission has been inves-
tigated by theorists. It has been noted that excess emission known as the ‘blue
bump’ is also found in the short wavelength ultraviolet continuum. Note that
infornﬁatioﬁ from the extreme ultraviolet is not available d_ue to interstellar photo-

electric absorption, to the extent that the implied EUV excess cannot be directly
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measured. However, in order to estimate the size of the ;:xcess, the two excesses
have been fit by a variety of thermal models. For example, for Mkn 841, a single
temperature blackbody fit to these excesses gives a lﬁnﬁnosity of 2 x 1046 ergs™!
(Arnaud et al. 1985). This is an extremely large luminosity, and it would be
super-Eddington for the range of black hole masses relevant for a,‘ Seyfert nucleus.
Such a radiation field should cause the thin disk to blow up, making the argument
inconsistent. Other theorists have proposed more réa.listic. emission models (e.g.
Sun and Malka.n 1987; Czerny and Elvis 1987; Elyis, ‘Czerny and Wilkes 1987) »
which may make this type of model more fa.vora,ble;. .

Recently the data from the Solid State Spectrometer was re-analyzed simul-
taneously with data from the Monitor Proportional Counter on-board Einstein,
and further evidence for soft excess emission was found. In fact, soft excesses were
discovered in 46% of 26 sources studied (Turner et al. 1991). The higher resolu-
tion of the SSS and its low band pass (0.6~4 keV) combined with the wider band
pass (1.2-20 keV) of the MPC made the measurement of the shape of the soft
excess possible. Thé interesting result is that, in some cases, the soft excess mea-
sured was well fit by line emission rather than an additional power law or thermal
bremsstrahlung. The interpretation was thé,t the soft excess may be a blend of
- soft X-ray lines, rather than being thermal emission (Tufner et al. 1991). This is
an interesting 1;esult for several rea.sons.. First, if the ‘soft excess is not thermal in
origin, the previously -discussed problems with super-Eddington emission may be
solved. Secondly, if this emission is due to soft X-ray lines, then the source of these

lines, and the ionization state of the material emitting them must be identified.
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Iron Emission and Absorption

For iron K-shell emission and absorption features to be observed in the hard
X-ray spectra of Seyfert 1 galaxies, material in a relatively low state of ionization
must exist which is illuminated by a substantial fraction of the continuum emission.
The emission energy of the iron fluorescence line is not extremely sensitive to the
ionization state for low states of ionization; however, the iron absorption,edge
energy is very sensitive (Makishima 1986). The least that must be true is that

iron cannot be fully ionized, unless the iron line is due to recombination. However,

the observed iron line energy from the better energy resolution data from Ginga .

indicates that the iron is not extremely ionized; in general, the iron must be more
recombined than XVII. Such relatively recombined iron may ber difficult to attain
in the central region of an AGN unless the absorbing material is .very dense. This
is due to the extremely intense primary X-ray %pectr_um, which can completely
ionize any ironv atoms available, by photo-ionization. For example, a typical Seyfert
galaxy may have an intriﬁsic luminosity of 1043. ergs 1 in the X-ray band from
2-10 keV. Therefore, the flux available fo.r photo-ionization may be at least an

order of magnitude larger. Assuming a black hole mass of 107 solar masses, based

on variability arguments, the Schwartzschild radius is rs ~ 3 x 1012 cm. At least -

in one object '(NGC 6814), the iron line flux has been found to vary in phase with
the continuum X-ray flux (Kunieda et al. 1990). Therefore both the continuum
and the line flux must be coming from the region of the central engine, taken for
compactness'argumeﬁts to be ~ 10— 1007,. The ionization state of optically thin
gas can be described by the ionizaﬁion parameter ¢ defined to be (Kallrnén and
McCray 1982) - )

Lo

{= nRg n (2.1)
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where n is the number density. Néw ¢ must be less than ~ 1000 for iron not to be
heavily ionized, and less than ~ 100 for oxygen to be an important contribution to
the low energy opacity. For comparison, consider the Broad Line Region clouds,
which lie outside the nucleus and have a typical density of ~ lO_locm_s., If thej
were inside the nucleus, ¢ would be ~ 10° and ir;)n would be cqmpletely ionized.
On the othér hand, if the density were ~"10150m“’3, iron would be on the average
unionized.

Can such deﬁse ga,sAexist.; in the central engine region of a Seyfert 1 galaxy?
Guilbert and Rees- (1988) demonstrated by a simple argument that such cool,
extremely dense material necessary for iron emiséion might well exist in the cen-
tral regioﬁ of an AGN. This is because very dense material can easily cool by’
bremsstfajrllung 'emission'. In particular, if the accretion flow adopts a two phase
configuration, and if the conﬁning’ pressure is large enough to make the clouds
dense enough, this process rﬁay Be possible. Such a large confining pressure may
be available from a magnetic field whose energy density is in equipartition with
the gravitational potential energy of the infalling material (Reés 1987).

If cold material does exist in the central region, then iron emission featureé at ﬂ.
~ 6.5 keV are expected to be important spectral components because of several
reasons. First, iron is relatively abundant, being 4.5 x 10% less abundant than
hydrogen (Morrison and McCammon 1983). More importantly, the fluorescence
yield for iron is relatively large. The K-shell electrons of lowly ionized iron can
easily absorb an X-ray photon of energy equal to and somewhat greater than
7.1 keV. Because of their relative localization around the nucleus, the cross section
of absorption is relatively large. This K-shell vacainc‘y is -rea,dily filled by a L-shell
or M-shell electron creating a fluorescence photon. If the electron comes from the

L shell, then a K, photon is born, with an energy of ~ 6.4 keV for iron less ionized -
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than XVII. If the electron comes from the M shell, the result is a Kz photon with
an energy of ~ 7.1 keV. The radiation probability ratio of Ko/Kg is 0.135 (Weast
1975). As the ionization sta;te of the iron becomes greater than XVII, the energy
of the fluorescence photon also increases, becoming 6.7 keV for hydrogen-like iron -
(Makishima 1986). However, these photons do not always escape the atom. They
may instead be absorbed by the atom causing the emission of an Auger electron.
The fraction that does escape is known as the fluorescence yield, and iron has
the highest fluorescence yield, being 0.34 (Bambynek 1972). Note that this is the
fluorescence yield for neutral iron. If the iron is highly ionized, the fluorescence
yield increases. For Fe XXIV, the yield is 0.75, for Fe XXV, the yield is 0.7, and
for Fe XX VI, the yield is 0.5 (Krolik and Kallman 1987). Third, the iron emission
line has energy of 6.4-6.7 keV and the iron edge has energy 7.1-9 keV,' depending
on the ionization state of the material (Makishima 1986). These features falls in
the medium X-ray band where no other strong lines are expected. In contrast,
emission lines due to lighter elements such as sulfur, oxygen, and neon, as well as
the iron L emission line fall in the soft X-ray band; for example, the iron L line
occurs at about 0.7 keV, the oxygen K, line occurs at 0.52 keV, the neon K, line
occurs at 0.85 keV and the sulfur K, line occurs at 2.3 keV. Therefore, because
of its isolation, the iron line is more likely to be found by the speétral fitting of
data from detectors Wit'h relatively low energy resolution.

If such cold material is available in the central region of the AGN, what
would be the equivalent width of the iron line that might be expected to be
measured? Recall that the line equivalent width is defined to be the width of
the continuum flux band having the same flux as the line. If the emission arises
from the fluorescence from material in the line of sight, the equivalent width will

be quite small. For example for a column number density of 1022 cm=2, and cosmic
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abundances, the equiva,lent. width is only about 10 eV (Makishima 1986). On the
othér hand, if the material is illuminated by the source and not in our line of
sight, it can have a thicker column density than if it were in our line of sight. For
example, a possible geometry is a flat thin accretion disk, which may be like a wall
behind the source, being illuminated by the source. Then the solid angle being .
illuminated is 27 steradians, but the column density/ may be much larger, and

theref<')re, the expected eq1:1iva,lent width is much larger. Monte-Carlo simulations

indicate that the equivalent width in this situation rﬁight be as large as 200 eV,

for a flat spectrum with a photon iﬁdex of 1.4 when the disk system is viewed face
on, falling to 0 when the disk is viewed nearly edge on (George and Fabian 1990).

Note that thé equivalent width has been found to be inversely correlated with the

_index, as expected (Awaki 1991). The equivalent width of the iron line can also be

augmented if the continuum ‘emission to our line of sight is soméhow blocited, and

we see preferentially the iron emission region (Makishima 1986). Such a situation

might be the case in Seyfert 2 galaxies (Awaki 1991). Iﬁ this case the equiva,lenil:

width may be more than 1000 eV (Koyama 1989; Awaki 1991). However, very
iarge equivalent widths from Seyfert 1 ﬁuél‘ei may be difficult to explain.

‘In some cases, the absorption edge due to iron can be measured. This can
give some indication of the position of the iron emitting rha,teriai, since material
out of our line of sight with a givén column density will show a much less deep edge
than material with the same column in the liﬁe of sight. It can also indicate the
relative abundance of iron in the central region. It is certainly possible to imagine
that near the center of such an energetic object as an AGN, iron abundances may
be enriched over the cosmic abundance value and in sorné cases, evidence for such
a situdtion have been fc;und (e.g. Holt et al. 1980). However, overabundance is

generally an unattractive explanation, and such apparent overabundances can be
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explained by geometry or ionization. For example, in some cases the iron edge
energy may be measured. If the iron absorption edge has an energy much higher
that the neutral edge energy, the contribution of a substantially ionized column is
indicated.

The observations of the iron line around 7 keV are now many. Iron emission
features have long been known to be present in the spectra of two bright active
galaxies, Cen A (Mushotzky et al. 1978; Inoue 1985) and NGC 4151 (e.g. Warwick
et al. 1989). Subsequently, the presence of these features has been discovered in the
spectra of a Seyfert 1 nucleus, MCG-6-30-15, from zli long observation by EXOSAT
(Nandra et al. 1989). Iron features were also found in the spectrum of NGC 5506
from the long EXOSAT observe;,tion. This result will be described in Chapter 4.
Recently, with the larger detector area on-board Ginga, iron emission lines were
found to be comrnoﬁ in Seyfért 1 nuclei (Awaki 1991; Nandra 1991). In the survey
by Awaki (1991) sample of 22 Seyfert 1 galaxies were considered. Evidence for an
iron emission line was found in all spe>ctra. These features indicate the presence of
neutral or paftially ionized material being illuminated by the central continuum
source. The equivalent widths measured ranged from 100 to 250 e\/", with an
average of 160 eV and a standard deviation of 60 eV. The study by Nandra (1991)
of a sample of 29 spectra from 20 Seyferts found 26 line detections. In this sample
the line energy was consistent with 6.4 keV. The average equivalent width found
was 140 eV, with a standard deviation of 80 eV (Pounds, Nandra and Stewart
1991).

Note that in general a narrow Gaussian line (o = 0.05keV) provides usually
an adequate fit to the Ginga spectra from Seyfert galaxies. This implies that,

unlike the optical lines from the Broad Line Region, the material may not be in
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rapid motion around the central black hole. Note that, however, the LAC on-
nboard' Ginga has the poor energy resolution characteristic of proportional counter
detectors, and a small amount of broadening may not be detected. The width of
the line has been constrained in only one case. This exception is NGC 4151, an
exceptionally nearby Seyfert 1, in which the intrinsic width of the iron Kq line was
found to be ~ 38,000kms~1 FWHM, implying that the cold matter lies within
1 light day from the source (Yagoob and Warwick 1991). Another exception is
NGC 3227, a Seyfert 1 galaxy, from which an asymmetrical line was discovered
(Pounds et al. 1989). This was subsequently modeled and interpreted to have
been emitted from a rotating thin accretion disk, and subsequently to have been
broadened due to gra,vit;a,tiona,l redshift and Doppler shift (George, Nandra and
Fabian 1990).

In one case, the iron emission line flux has been found to be variable. In
NGC 6814, a 1989 Ginga observation found the line flux to vary in phase with the
continuum flux, with the lag being less than 300 seconds (Kunieda et al. 1990).
This observation places severe constraints on the position of the emitting gas, as

discussed previously.

Hard X-ray Hump

The Large Area proportional Counter array on-board Ginga was the first X-
ray detector to have both a large enough area and a largé enou'gh‘opﬂtical depth
so that the spectra above 10 keV for Seyferts could be measured with fairly good
resolution. The Ginga spectra from several Seyfe;t 1 nuclei seem to flatten at
energies above ~ 10 keV. Detailed studies from several Seyfe;rt 1 nuclei have found
this result; included are MCG-6-30-15 (Nandra, Pounds and Stewart 1990; Mat-
suoka et al. 1990), NGC 4051 (Matsuoka et al. 1990; Kunieda et al. 1991).; NGC
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5548 (Nandra et al. 1991), NGC 7469 and IC4329A (Piro, Yamauchi and Mat-
suoka 1990). Such a tail also was evident in the average of 12 Ginga spectra from
Seyfert 1 nuclei (Pounds et al. 1990). In fact, a study by Nandra (1991) of 29
Ginga observations from 20 Seyferts finds the average of the 2-10 keV energy index
to be 0.722, while the average of the 10-18 keV index is 0.37, and a statistical test
finds the two index distfibutions to be different at greater than 99% confidence
level (Poﬁnds et al. 1991).

Theoretically, there are at least two ex.pla.na,tions for the physical origin of the
hard tail. These are the partial covering origin, and the reflection origin.

In.the partial covering origin, a fraction of the primary X-rays is assumed to
be occulted by a screen of thicker material. This screen can be in the form of clouds
which cover the source (Poisson clouds), or in the form of a fraction of the source
covered. Thus it is the sum of the two emissions which reach the observer. This
model was proposed early to explain some aspects from the soft X-ray spectrum
of NGC 4151 (Holt et al. 1980). In this case, the column density of the covered
fraction is relatively small, typically ~ 1022cm~2. When this model is used to
explain the hard tail above 10 keV, a denser column is needed. Figure 2 illustrates
the partial covering model. The incident spectrum with energy index of 0.7 is
shown by the dashed line. The spectrum from the covered component is shown
by the dotted line. The column density of the covering cloud is 3 x 1023cm™—2.
The solid line gives the sum of the two components, where the normalization is
such that 1/2 of the source would be covered. The spectral break is seen to be
at around 9 or 10 keV, for this choice of covering column density and relative
normalization.

Another possible origin of the hard tail emerges if the thick material illumi-

nated by X-rays is behind the source instead of in front of it. That is, if very
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Partial Covering Spectrum

Rux (Arbitrary Units)

Energy (keV)

Figure 2. Partial covering spectrum. Here the incident spectrum with energy
index of 0.7 is shown by the dashed line, the absorbed (3 x 1023cm-2) spectrum
is shown by the dotted line, and the total is shown by the solid line.
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thick material subtends a large solid angle to the primary X-ray source, and if this
material can be viewed by the observer, it is expected that some X-rays Will be
scattered back toward the observer. This effect is due to the energy dependence
of the absorption cross section. The absorption cross section decreases with en-
ergy, so X-rays which have energies above ~ 5 keV are not so easily absorbed.
However, the Thompson scattering cross section which is independent of energy
is still appropriate up until about 15 keV, because the scattering is still approxi-
mately elastic. At higher energies, the scattering becomes inelastic, and also the
scattering cross section becomes smaller, because the Klein-Nishina cross section
is appropriate. Therefore, the reflection spectrum rises at low energies, peaks at
around 30 keV, and falls off at high energies (Lightman and White 1988). The
' total spectrum appropriate in this case is illustrated in Figure 3. The incident
X-ray spectrum of energy index 0.7 is shown.by the dashed line. The reflection
spectrum is shown by the dotted line. This was calculated using Lightman and |
White (1988) Equation 11, alnd is only appropriate for the elastic regime, less than
~ 15 keV. The degradation of higher energy photons by inelastic scattering into
this energy band is not taken into account. The total spectrum is given by the
solid line. The normalization between components is such that 1/2 of the flux
is emitted toward the observer, while 1/2 is emitted toward an infinite reflecting
wall.

The shape of the reflection spectrum is somewhat different than that of the
partial covering spectrum shown in Figure 2. Specifically, the flattening due to
the reflection spectrum is more gradual and affects lower energies, compared with
the partial covering spectrum which has a break. However, note that the energy
resolution of the LAC on-board Ginga is not good enough in general to dis:tinguish

between these two. Note also, the partial covering spectrum assumes transmission
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Reflection Spectrum

Rux (Arbitrary Units)

Energy (keV)

Figure 3. Reflection spectrum. Here the dashed line shows the incident spectrum
of energ?/ index 0.7, the dotted line is the reflected spectrum, and the solid line is

the total.
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through only one column density, corresponding to a cloud with hard edges. In
reality, it may be that the column at the edges of such a cloud would decrease
only slowly to 0, and the blend of spectra would soften the spectral break. This
possibility is discussed further in Chapter 8.

The possibility that the reflection épectra are common from Seyfert 1 nuclei
has far reaching implications. The first implication is for the theory of pair models.
As discussed in thesection on power law spectra earlier in this chapter, a problem
with pair models is that they generally produce too many 7-ray photons to be -
consistent with the «-ray background if the the X-ray energy index is required
to be 0.7. With the addition of a reflection spectrum, the intrinsic index is not
_ required to be so flat; power law spectra with energy indices of ~ 0.9 added to a
reflection spectrum would give a 2-10 keV slope of 0.7 (Zdziarski et al. 1990)

The reflection spectrum also affects the soft excess component. Recall that,
from the EXOSAT spe_ctral survey, one half of all of the relatively unabsorbed
sources showed evidence for a soft excess component. Some of these were based
on separate variability of the soft and medium energy light curves. Reflection
spectra do not affect this determination. However, others were found on the basis
of spectral fitting; that is, a separate, steeper spectral component was required
to adequately fit the l;)west energies. If the intrinsic energy index of the medium
energy power law is ~ 0.9, then because of modification due to the addition of
the reflection component, the necessity of an additional spectral component is
in question. A steeper intrinsic index may not make a soft excess component
necessary. At least, however, even though it may be found that the soft excess
.component is still necessary, the energy in this component will be reduced. This
will affect models of the soft excess, since they will not be required to explain

the production of such a large amount of energy. In fact, some old accretion disk
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models which have been rejected should be re-exar'n‘ined, since they may not have

the same super-Eddington problems which they had previously.

—~
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CHAPTER 3
THE EUROPEAN X-RAY OBSERVATORY SATELLITE

The EXOSAT Mission

General

The European X-ray Observatory Satellite (EXOSAT) was operavti‘onal from
May 1983 and was operated sﬁccessfully until April 1986. The payload consisted
of three instruments: a large area proportional counter array system known .as
the Medium Energy (ME) Experiment, two imaging telescopes known as the Low
Energy (LE) Experment, and a gas scintillation proportional‘ counter known as the
GSPC. Because of the relative weakness of AGN, only the ME and LE experiments
are relevant to this discussion; the GSPC could only be used for strong targets.

With this payload, the mission objectives were several, including precise lo-
cation of sources and ma.ppiné of diffuse sources, but the most relevant objective
for this discussion was the broad band spectroscc;py of sources. .Thg observation
energy band for AGN was about 0.1-10 keV.

EXOSAT was placed in a rather unusual orbit. The orbit was highly eccentric
with apogee of 2 x 10° km and perigee of 500 km. This resulted in a period of 90
hours. During 80 hours per period the satellite was above the Earth’s radiation
belts, and so was opérational. The primary purpose of this eccentric orbit was
to use lunar occultation to precisely locate sources, but the aavantage for weak

sources such as AGN is that a source could be observed continuously for up to
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‘80 hours, with no earth occultations of the source. Another advantage .Was that
the inclination of the satellite was such that it was continuously in sight of the
" ground station, so no on-board data storage was necessa,‘ry. A major disadvantage
_is that i‘t was subject to a high and unpredictably variable particle baékground,
approximately 10 tirﬁes larger than that experienced in alow earth orbit. Another
obvious disadvantagfe is the wear and tear experienced while the satellite passed
through its perigee.

The satellite was powered by a solar‘ array. The attitude control and pointing
was performed using a propa,né gas thruster system. Less than 90 minutes were
required between observations for attitude slew. The attitude measurement system
consisted of sun sensors, gyros and two star trackers, and could be determined to

_better than 10".

During EXOSAT’s lifetime, 1780 sources were successfully observed. These
- data are available to the public as automated data products on the EXOSAT
Data Base. Information about the EXOSAT Data Base ﬁay be obtained from the
EXOSAT Observatory, ESTEC. |

The ME Experiment

The Medium Energy experiment consisted of a system of proportional coun-
ters. An effective area of 2,000 cm? was the design goal; however, only 1,800 cm?
were realized (Turner and Smith 1981). The proportional counters were designed
as two chambers, the front one being filled with a mixture of argon and CO? while
the back one was filled with a mixture of xenon and CO?. The front window was
of beryllium, the thickness of which limited the lowest energy of X-ray that could
be measured. The effective energy range for the ME experiment was 1.5 keV to

50 keV; however, for AGN which typically have a steep spectrum and also low flux,
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the upper limit was about 10 keV. This is because generally the data from the
xenon layer, having a small signal to noise ratio, were not used in AGN studies.
In this discussion, the data from the xenon layer was only used once.

A proportional counter is a gas filled detector with an anode and a cathode.
As the X-ray enters the detector, through photo-electric absorption, it liberates
electrons from atoms in the ﬁlligas. By momentum conservation, the momentum-
of the electron is approximately equal to the photon energy minus the energy
of photo-ionization. This electron is accelerated by the applied electric field as it
continues through the fill gas, creating by collision a,.nurnber of ion pairs. Electrons
from these ion pairs are also accelerated, liberating more electrons, until the bunch
of electrons are detected at the cathode as a charge pulse. The voltage.drop is
maintained so that the final charge collected is proportional to the original number
of ion pairs.

The energy resolution of the detector is an important descriptive measurement
of the detector. It defines the response of the detector to a mono-energetic incident
pulse. When a mono-energetic signal is applied to the detectgr, the measured pulse
height spectrum, or flux in each energy bin measured, is spread out to a Gaussian
function from the incident delta function. The resolution R is defined to be the full
width at half maximum (FWHM) of the measured pulse divided by the energy of
the incident radiation. For the EXOSAT ME detector, the energy resolution was
approximately 20% at 6.4 keV. This means that the probability a given incident
photon of energy E will be measured outside the region E — RE — E + RE is
about 24%.

The limiting, statistical resolution of a proportional counter is always pro-
portional to 1/E%, where E is the incident photon energy. This is because the

uncertainty in the number of original ion pairs created is equal to the square root
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of that number, because the creation of each ion pair is considered to be a Pois-
son process. Then; because of proportionality, the charge measured also has an
uncertainty proportional to the square root of the charge. The original number of

charges produced is proportional to the energy of the photon. Therefore, the un-

certainty in the measured charge divided by the measured charge is proportional |

to 1/E'21' This.uncertain’cy is the same as the resolu-tic;n. The proportionality
constant depends on the fill gas used and the counter design.

This gives t']:'1e statistical limit. Another major contribution to the energy
resolution is the background radiation. For EXOSAT, at 6.4 keV, the typical
count rate of the background in one detector half (4 detectors) is 6 counts s~! in the
energy band from 2—6 keV while the source count rate for a typical Seyfert 1 galaxy
in the same energy band is 0.5-10 counts s 1half !, Because of the additivity of
the uncertainties, the uncertainty in the source count rate is much larger than the
ideal Poissoniaﬁ uﬁcertainty.

Because of the high particle background experienced in the eccentric orbit
and the weakness of AGN, background rejection and subtraction methods are
important. Good background rejection was attained By having several layers of
anode and cathode wires. Then anticoincidence logic could be used to discriminate
between photon detection and events due -to particle intera.ction. To prevent source
confusion, and contamination of weak X-ray sources like AGN by strong sources
such as X—fay binaries, the ME was equipped with a collimator reducing the field
of view to 45' FWHM. This collimator was made by fusing very thin pieces of
drawn lead glass together. However, the collimator reduced the transmission raté

of X-rays, and so the effective area was modified to 1800 cm? from the original

12000 cm?.
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The LE Experiment

The main purpose of these two imaging telescopes was to map extended
sources (Taylor et al. 1981; de Korte et al. 1981). However, they could also
be used to obfain flux measurements of soft X-rays with low energy resolution.
Unfortunately one of the telescopes failed early in the mission.

. The two teléscopes had a focal length of about 1 meter, and the total collecting
- area for each telescope was about 90 cm?. Each telescope consisted of two nested
mirrors with grazihg incidence optics. Each telescope had two detectors that
could be alternately moved into the focal point: a posiil:ion sensitive ‘proport.iona,l
counter ‘(PSD) and a channel multiplier array (CMA). Also a series of ﬁlters weré
available for each detector, and for bright sources, a transmission gfating could
also be placed in the beam.

For weak sources such as AGN, the observing configuration was usually with

the CMA at the focal point. To absorb excess UV emission, the CMA had to be -

operated with a filter. Three filters were available, which each allowed transmission
of different energy bands. In this way, low energy flux measurements could be made

with poor energy resolution.

In this study, the LE data was used only.once, in the study of NGC 5506.

The 3000 A LEXAN filter was used, which allowed through a band of soft X-rays -

from 0.04 to 1 keV peaking at a wavelength of ~ 100 A.

Data Analyéis and Spectral Fitting

Background Subtraction

The ME Experiment. The X-ray background for the ME consisted of the cos-

mic X-ray background, particle events, and internal background of the satellite.

The ME detector was built of eight prﬂoportion-a.l counters, with four in each of two
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halves. For the observation of weak sources the standard mode of operation was to
point one half at the source while the other half was aligned toward some near sky
source-free background. This methéd was particularly valuable for rejecting parts
of the data which showed ﬂares‘in both halves, identifying noisy, contaminated
data. Examination of the light curves for the on-source and off-source data for
flares was usually done. Because the halves had different responses, the off-source
data could not be subtracted directly from the on-source data. Instead, two stan-
dard methods were used for background subtraction. The method used mostly
for short observations was known as the ‘slew’ method. In this case, the source
had been only observed by one half and so the backg’rouhd data was taken from
the same half during> the time of slewing from target to target before and after
the observation, when the field of view was source free. However, the preferred
method was known as the ‘nod’ method. Nod background subtractidn was used
for longer observations in which the halves were switched, or nodded, so that each
was on the source for some time during the observation. Then, the ba.ckgrouﬁd
data could be used from the same detectors which had observed the source, and
both types of data would be obtained in the pc')inted mode. " Also, it was found
that, of the four detectors in each half, the two closest to Lhe bo'dy of the satellite
were subject to more internal background than the two farther from the satellité.
Therefore, in the case of very weak sources, sometimes the data from .only the

outer two detectors of each half were used for spectral analysis.

The LE Experiment. The LE flux rate was found from the LE irnage. Two

boxes were used, centered on the source, one of 100" x 100" and another of 300" x

300" in area. The background spectrum is 'estimaLted from the region between the
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two boxes. The source rate is then found by subtracting the background from the

flux in the smaller box.

In the study of NGC 5506, the LE flux point was used. However, the back-

ground subtraction had already been done by I. McHardy.

Spectral Fitting

Once a satisfactory background subtracted spectrum was obtained, spectral

fitting was carried out. For the ME data, usually energy channels 6-40 were

chosen for spectral fitting, corresponding to the energy band from 2 to 10 keV.
X-ray detection is a Poisson process. In the case when many photons are received,
the Poisson distribution converges to the Gaussian distribution. However, when

weak sources such as AGN are observed, this limit is not appropriate. Therefore,

" the source spectrum cannot be deconvolved directly from the measured spectrum.

Thus spectra] fitting proceeded iteratively. A model spectrum was chosen, con-
volved through the detector response matrix, and then the result was compared
with the measured spectrum. The goodness-of-fit of the model with this set of
parameters was evaluated using the x2 statistic (Bevington 1969). Subsequently,
the model parameters were varied, until the x% was minimized. In the case that
the LE detector pbints were used, a detectof response matrix for the LE was also
made, and the data from the two instruments were fit simultaneously.

' The best fit which resulted from the iteration process was evaluated by exam-
ining the final X%z , defined to be x2 divided by thg number of degrees of freedom.
Because of the statistical nature of X-ray detection, a good model fit is indicate.d
by a X%{ nearly equal to 1. The proximity to 1 necessary to indicate a good ﬁt.
depends on the number of degrees of freedom. For example, a reduced x? of 1.34

for 30 degrees of freedom indicates that the probability of obtaining such a large
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value of x2 for a correct fitting function is leés than 10%, while the X% must be
1.49 for 15 degrees of freedom for the same confidence level (Bevingtén 1969). In
general, a XZR of very much greater than one indicates that the model was inappro-
priate, and a X%{ of very mu(_:h less than one indicates that the model was perhaps
too complicated, and the measured spectrum was over-fit. If over-fit, there is not
enough information in the data to constrain additional paraﬁeters. |

The ca,l(;ula,ted x? is a mixture of two, things. It is of course a measure of
- how well the model spectrum fits the measured spectrum, but it also measures the
deviation of the measured spectrum from the pareﬁt spectrum. Therefore, if very
few X-ray photons are received, then the statistical noise in the data dominates,
and the paramete'rs cannot be determined. In order to separate the sta‘tistica,l noise
from a poor fit, thé F statistic maybe used (Bevington 1969). The F statistic can
be used to evaluate the irnproverﬁent of a fit due to the addition of any number of
parameters; however, it is particularly useful in the casé that only one additional
parameter is added to the model. The F for the validity of adding an nth pa‘fameter

compared with n — 1 parameters is defined to be

, _X(n-1) —x*(n)
| = (V=) R

where N is the number of points, and n is the number of parameters. Values and

confidence levels.are tabulated; for example, see Bevington 1969.
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CHAPTER 4

IRON EMISSION AND ABSORPTION FEATURES
IN EXOSAT X-RAY SPECTRA -

The Long Observation of NGC 5506

-~

Towards the end of the EXOSAT mission several AGN were observed con-
tinuously for an entire orbit (~ three days). Although the primary purpose éf
" these extended observat.ions was to investigate variability, a by-product was X-ray
spectra with better statistics. Because X-ray detection is a Poisson process, the
uﬁcertain‘ty in a flux point is proportional to v/N, where N is the number of pho-
tons observed. Therefore, a longer observation, by virtue of the large number of
photons; gathered, provides a less noisy spectrum, and finer spectral features such
as emission lines can be measured if present | |

Such a s1tuat10n was the case in the observation of MCG-6- 30-15, analyzed by
Nandra et al. (1989). Fixing the emission line energy at 6.4 keV he found evidence
for a line with equivalent width of 150+110 eV, with high statistical confidence.
There was also evidence of additional absorption by iron. This was the first such
discovery of iron features in an ordinary Seyfert 1 galaxy. NGC 5506, also a
Seyfert 1 galaxy with similar flux level, was observed for three days directly after .
the observation of MCG-6-30~15. This observation was analyzed by Leighly with

the intention of measuring the iron line emission and iron absorption, if present.

ey
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Since the flux and observation times were similar to the previous successful study

of MCG-6-30-15, our hopes for success seem justified.

Results

Data Reduction. The Seyfert galaxy NGC 5506 was observed continuously

from the 24th through the 27th of January, 1986. Our data analysis was carried
out at the University of Leicester, Le.icester, U.K. during the first two weeks of
‘S‘eptember, 1988, and is reported in Pounds et al. 1989. This data was previously
analyzed by I. McHardy and B. Czerny for its timing properties, and that analysis
“is reported in McHardy and Czerny 1987.

The standard nod method of background subtraction was used, as described
in Chapter 3. It was found that the background subtraction was not completely
satisfactory for all four detectors used per half detector array, so the spectrum
was accumulated using the data from only the corner detectors. However, this
spectrum was not completely satisfactory, because when the data from each half
were fit separately, the spectral fitting results were not consistent. Specifically,
the spectral fitting of the data from the corner detectors of half 2, or detectors
5 and 8, resultea in an anomalously large power law spectral index of 2.13. This
observation was taken late in the life of EXOSAT, and it may be that some gain
changes had occurred in the detectors due to loss of fill gas and this problem
was not correctly compensated for in the response matrix. In the final spectrum,
therefore, only the data from the half one corner detectors (detectors 1 and 4)
were used.

The LE data used for spectral fitting was already available, having been re-
duced by I. McHardy, and consisting of data using the 3000 A LEXAN filter with
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the CMA detector at the focal point of the telescope. This filter admits a band of

soft X-rays peaking at the wavelength of ~ 100A.

Spectral Fitting. A satisfactory spectrum having been obtained, the spectral

fitting was carried out using PHA channels 6-40, corresponding to energies 2-
10 keV. The spectral fitting results are listed in Table 1. First, a simple power law

plus absorption fit was tried, of the following form:
F(E)=NE e °E)Na (4.1)

Here N is the fit normalization in units of cm™2skeV~—! and Ny is column
density of the neutral material, while o(E) is the cross section for absorption,
taken from Morrison and McCammon 1983. In the table, the photon index I is
quoted. The photon index is the energy index « plus 1.

This fit was unsatisfactory, as the reduced x2 was 3.26 for 33 degrees of
freedom. The best fit aﬁd the x? residuals are shown in Figure 4. The photoﬁ
index of the fit was 1.68 & 0.06, where the uncertainty quoted is the 90% level,
for a fit with all parameters of interest. The photon index found by McHardy
and Czerny (1987) was larger, being 1.84 + 0.04. However, the best fit value for
the 'large absorption column agreed with the previous analysis. Therefore, the
difference in index is significant. One explanation for the discrepancy in spectral
index is that they may have used the data from both detectors. However, the
details of their data reduction are not given in the publication.

Examination of the residuals shows that much of the contribution to the x2
was from an excess at about 6-7 keV. Therefore, the next spectral fitting tried was

the absorbed power law with the addition of a Gaussian emission line, as follows:

F(E)= N E~®[1 + Line(e, AE, 7)) ¢~ (F)Nx (4.2)




Table 1. Spectral fitting results from the EXOSAT long observation of NGC 5506.

Normalization Photon Ng Iron Line Flux Equivalent Nge X%z /d.of.
(10"2cm™ 257 'keV™!)  Index  (10%cm™2) (107%cm™2s"!)  Width (eV)  (1016-52cm—2) :

2781031 1.68 +0.06 27.9+23 - - - 3.26/33

-0.27
) 0.57 0.10 3.4 0.11 920 .
3.12773% 1761000 293153 1947008 1607 - - 2.25/32 .
2.6510.75 1.651018 26733 - 1.43+0.12 1201390 140 < 290 2.05/31 *

—0.57
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Figure 4. Power law fitting to NGC 5506 data. Fit residuals are shown below in
units of x2'



40

where

2
E
__ (2- &%)
T VarAE YT (AEE
Here AFE is the width of the li}1e, and Z is the cosmological redshift. The line

Line(E,AE, Z)

(4.3)

energy was fixed at 6.4 keV, corresponding to iron with an ionization state of less
than about XVII. The width of the line was also fixed at 0.05 keV, appropriate for
a line unaffected by b.roa,dening, and appropriate for the resolution of the detector.
This fit resulted in a significant reduction in x2, finding a reduced x2 of 2.25 for
32 degrees of freedom. Using the F test described in Chapter 3 the improvement
to the fit was found to be significant at > 99.9% confidence level. The equivalent
width of the line was moderate, being 160’_':?8 eV.

The fit was still unacceptable, due to the large X%{ so a fit including also

additional column of iron absorption was tried, as follows:

F(E) = N E~®[1 + Line(e, AE, 2)]e~l0(E)Nu+or.(E,E5,2)Nr] (4.4)
where
(E,Eg,Z) = (E L ) (4.5)
Ofe\, U, —.’UFe' 1+ 2/ ’

The energy of the additional absorption edge was fixed at 7.1 keV, corresponding to
absorption by neutral iron atoms. (Makishima 1986) The fit and the x2 residuals
are shown in Figure 5 and the fit parameters are listed in Table 1. The reduced
x2 for this fit was found to be 2.05, and calculation of the F statistic showed this
reduction to be significant at the 90% —» 95% level. Notice however the lower
limit of the additional column is 0, at the 90% level, so the value of the additional
absorption column is not well determined. The units of the iron column are given
016.52cm—2

in 1 . This means that for a hydrogen column of 102l¢m=2, the iron

would have cosmic abundance if the iron column were equal to 1 x 1016-52¢m—2,
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Figure 5. Power law plus line fitting to NGC 5506 data. Fit residuals are shown
below in units of x2-
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Therefore, since the N HI column is ~ 30 x 1021cm™2, and the iron column best fit
is 140 x 1016'52‘cm_2, then iron is found to be about 4 times overabundant.

The equivalent width of the iron line was reduced to 120:1)80 eV. The re-
duction of the line equivalent width is easy to understand. If an'additiona;l cold
column is p‘resent, creating an absorption edge at 7.1 keV, and the data is fit with
a model including only the line a:nd not an additional edge, the spectral fitting

program will tend to fall into the edge, and find a x? minimum which measures s a

larger line. Because they are coupled, a larger spectral index will be measured, as l

is indeed the case in this instance (1.68 for simple power law, and 1.76 for power "

law plus line). '

This final fit is still not particularly satisfactory, since the reducedlx2 is 2.05.
However, examination of the residuals shown in Figure 5 show that much of the
contribution to the x? is due to the residuals in the low energy. In the higher
energy region, from 5 to 8 keV, the residuals are quite flat, indicating that at least

the iron features are well fit. -

Discussion

Simultaneous to my analysis of the EXOSAT data of NGC 5506, the analysis
of a Gingd observation of NGC 5506 was performed by G. Stewart. The results
of this analysis are also reported in Pounds et al. 1989. The rgsulté éf the two
analyses Were‘ne.arly consistent. The bho‘ton index found from the (inga data
was somewhat larger, being 1.76. A similar low energy column, iron column, and
line equivaleﬁt'width were found. Another interesting difference was the energ&
of the iron edge. Because of the better resolution and ‘g;e,ater area of the Ginga

~ detector, the iron line energy and iron edge energy could be allowed to remain

_ free during spectral fitting. The best fit iron line energy was 6.34 keV, consistent .
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with the assumption of cold iron emission used in the analysis of the EXOSAT
data. However, the edge energy was 8.31’8:2 keV. This is inconsistent with the
assumption of a cold iron absorption edge that was used in the EXOSAT analysis.

However, there may not have been a discrepancy, because warm edge models were

not tried in the EXOSAT spectral fitting. In fact, the residuals shown in Figure 4 ~

from the power law fit show a flux deficit in the 8-10 keV region. Therefore, it
may be that a warm edgé would have provided a better fit.

The presence of an extra column of cold iron can have severalvexplanations.
First, it is not unreasonable to expect a significant enrichment of heavy elements
in the center of an AGN compared with the cosmic abundance. Presumably the
accreted material to the center of the AGN has come from the surrounding galaxy,

“and has undergone its share of being part of the birth and death of stars. This
may be the best explanation if we knew for sure that the iron was required to be
neutral. However, there is another more attractive explanation, suggested by the
edge energy found in the spectral fitting of the Ginga data. An iron edge at this
energy indicates that the column producing it is ionized to the ~ XXI ionization
state (Makishima 1986). This state is dominant at ionization parameter { > 100.
At this ionizatioﬁ, oxygen can be exﬁected to be completely stripped of its electrons
(Kallman and McCray 1982), and thus the material may be quite transparent to
low energy X-rays. Therefore, the presence of an additional, partially ionized
column would not be measured by the curvature at low energies by which the
spectral fit finds the value of the Np.

Assuming this to be the case in the EXOSAT data, even though a warm
edge fit was not tried, what would be the effect on the equivalent width of the
line measured? The iron line due to the cold column of Ny (~ 3 x 1022cm—2)

would be only about 40 eV. However, the ionized column will also produce iron
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line emiés’ion, with energy close to 6.4 keV if the material has an ionization state
less than XXVI (Makishima 1986). An upper limit of the equivalent width of the

iron line produced by an ionized column ~ 4 times the cold column is then 160

eV, which is nearly the best fit value of 120 eV.

The EXOSAT Spectral- Survey Sources J

A major EXOSAT program was designed to obtain X-ray spectra of a large
sample of hard X-ray selected 'A-GN , and was continued throughout the lifetime of
EXOSAT (Turner and Pounds 1989). The results c.>f the analysis of these spectra
were very important because of the model constraints imposed by careful exami-
nation of the soft X-ray continuum, as discussed in‘Cha.pter 2.

Because simple power law fits were generally fairly good in most cases above
~ 2 keV, these X-ray spectra were not systematically examined by Turner and
Pounds (1989) for t'he presence of iron features. Most of the observations were
fairly short, (~ 20000 seconds), so because of the poor eﬁergy resolution of the
detector and the high rate of X-ray background, it was not thought that these data
could tightly constrain the size of the equivalent width of the iron line in AGN
data. However, some of the observations were longer, up to nearly 52000 seconds
in the case of NGC 1068. Additionally, some of the sources exhibited quite high
flux levels. For example, from 3C273, 5.23 countsls_lhalf“1 were measured by the
ME experiment (Turner and Pounds 1989). Also, in some cases, examination of
the power-law fit residuals, or difference between the data and the best fit model,
revealed an excess of flux in the region of ~ 6.5keV. Therefore, it was thought
that some useful upper limits might be found, and even some detections. The
likelihood of a detection depended on the length of the observation, the‘ strength

of the source, and the strength of the emission line.
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Data Reduction and Analysis

The EXOSAT spectral survey examined 48 ga,la,};ies (Turner aﬁd Pounds
1989). Of these, acceptable spectra were found for only 42, due to the faintness
and problems with background subtraction in the other six. I considered only 40,
because NGC 4151 and MR 2251 are bright sources and are therefore well studied,
and the results are reported elsewhere (Yagoob, Warwick and Pounds 1989; Pan,
Stewart and Pounds 1988). For some of the sources, multiple observations were
available. The total number of spectra fit was 47. The observing log for these 40
sources is given in Table 2. |

Because the iron emission line and a‘t;sc;rption edge fall near the middle to high
energies (6-9 keV) of the ME bandpass (2-10 keV), only the ME data were consid-
ered for spectral fitting. Background subtracted pulse height (PHA) spectra were
available for 33 of the forty sources, the background subtraction having previously
been performed by T.J. Tﬁrner. Background subtracted PHA spectra were not
available for the remaining seven soquces; NGC 7314, ESO 103-G35, NGC 4051,
NGC 2992, MCG—6—36—15, NGC 5506, and III Zw 2. Of these, the data from
five were reduced using the nod background subtraction method, while the data
from two (NGC 4051 and NGC 7314) were reduced using the slew method of
background subtraction. For ESO 103-G35, a heavily absorbed source, the xenon
layer data was used as well as the argon, and the resulting pulse height spectrum
was fit to nearly 20 keV.

Next spectral fitting was performed. The ME data was first fit with a simple
power law plus absorption model as given by Equation 4.1. The absorption cross
section was taken from Morrison and McCammon 1983. In Table 3 the x2? and
number of degrees of freedom for this fit are listed. A star (*) marks those with

an unacceptable fit at the 90% confidence level.




Table 2. Observation log of the EXOSAT spectral survey sources.

ME Flux

Source name Position (1950) Type* Redshift Date Exposuret
' : (seconds) (107 !lergs™!)
R.iA.(h,m,s) Dec.(°, " (2-10 keV)

Mkn 335 00 03 45'2. +19 55 28.6 S1 0.0258 85/199 23300 1.35

85/334 28910 1.64

- 85/358 23080 1.60

I ZW'2 0007560 +104148  S1/QSO  0.090 85/354 24318 3.29

Mkn 1152 0111 22.0 —15 06 39 S1 0.0527 84/203 36210 7.81

NGC 526a 0121373 —-3519 32 S1/NELG 0.191 83/249 | 22510 2.56

84/357 18590 0.90

Fairall 9 01 21 51.2 —59 03 58.2 S1 0.0461 83/249 19309 - 1.45

Mkn 590 02 12 00.0 ‘ —00 59 58 S1 0.0263 84/003 13910 2.1

Mkn 1040 0225174 +31 05 22 S1 0.0165 84/259 17400 2.02

3A0234 - 526 02 36 40.9 —52 24 30 S1 83/249 13380 2.03

NGC 1068 02 40 7.08 —00 13 31.5 52 0.036 85/008 51960 0.56
0241 + 622 024100.7 462 1528 51 0.044 83/245 18910 3.76

3C111 04 15 00.6 +37 54 20.0 S1 ~0.049 84/027 11000 1.79

3C120 04 30 31.2 +05 14 59.8 S1 0.0330 84/277 21910 4.56

Aknl120 0513379 —00 12 15.3 S1 0.0325 85/024 23910 3.62

0549 46.4 —07 28 06 NELG 83/251 12980 4.24

NGC 2110

0.0071

9%




Table 2 continued.

Source name Position (1950) Type*  Redshift Date Exposuref ME Flux
, (seconds) (10~ lergs—1)
R.A.(hms) Dec.(°,), (2-10 keV)

MCG 8-11-11 055110.0 = 446 25 51 S1 0.0205 84/306 14100 5.26 .
3A0557 05 56 21.0 —38 20 15 S1 0.0344 86,/021 31720 1.44
Mkn 79 07 38 47.3 +49 55 40.9 S1 0.0219 84/090 16820 2.60
NGC 2992 09 43 18.0 —14 05 42 NELG  0.0079 84/337 14330 5.03
MCG 5-23-16 09 45 28.4 —30 42 57 NELG  0.0442 83/347 16410 6.64
NGC 3227 10 20 46.8 +20 07 06 51.2 0.0037 85/131 21810 0.76
' 85/329 24930 . 2.85
85/342 21810 5.48
85/349 26520 3.09
85/361 22860 3.34
NGC 3783 . 11 36 33.0 —37 27 40.9 S1 0.0096 85/138 21350 - 4.76
NGC 4051 12 00 36.4 +44 48 34.7 S1 0.0023 84/099 31000 1.97

3C273 12 26 33.3 +02 19 43.7 QSO 0.1580 85/138 22460 8.27
NGC 4593 1237040  —05 04 01 S1 0.0089 84/154 21400 3.4
MCG-6-30-15 13 33 01.9 —34 02 27 S1 0.0570 84/202 26460 3.714

IC4329A 13 46 27.9 —30 03 40.6 S1 0.0138 84/201 20680 7.29
NGC 5506 S1 0.0060 85/041 22000 8.57

14 10 39.1

—02 58 26.3

Ly




Table 2 continued. '

NGC 7582

Source name Position (1950) Type* Redshift Date Exposuref ME Flux
(seconds) (10~ ergs™1)
R.A.(h,m,;s) Dec.(°).” (2-10 keV)

NGC 5548 1415435 4252201 S1 0.0169 84/193 28840 3.72
"~ Mkn 290 1534448 458 04 00.5 S1 0.0308 86/056 28790 1.02

ES0103-G35 1833220 —642818 S1.9 0.013 85/124 22500 4.95
ESO141-G55 1916 57.0  —58 45 52 S1 0.0368 83/306 16860 2.87
NGC 6814 1939558 1026354  S1.2 0.0054 83/307 24780 2.92
Mkn 509 204126.3  —10 54 18.2 S1 | 0.0355 83/307 17050 481
NGC 7172 21 5856.0 —32 07 54 NELG  0.0054 85/301 18900 3.28
NGC 7213 9206068  —47 24 39 L1.8 0.0058 83/310 14830 4.87
3C445 2221147 . —0221268 S1.5 0.0562 84/159 25860 1.23
NGC 7314 2233010 —26 18 37 NELG  0.0056 84/315 21000 3.69
NGC 7469 23 00 44.1 +08 36 25 S1 0.0161 84/332 25820 3.24
MCG-2-58-22 2302072 —08 57194 S1 0.0480 84/321 13380 6.34
| 2315364  —42 38 42 S1.9 0.0051 84/161 14390 - 1.69

* Type of AGN. S=Seyfert, L=LINER. See Chapter 1 for definitions.
TExposuré times taken from Turner and Pounds 1989, except for NGC 5506.

8%
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Table 3. Iron line spectral fitting results from the EXOSAT spectral survey sources.

Source name Power law Line fit results Ginga t Axial
x2/d.of. : Equivalent  Ratio
Status Energy  Equivalent x?/d.of.  Width (eV)
(keV)  Width (eV)
Mkn 335 155+70 08
(85/199)  20.3/22 Rejected 6.7 < 560  20.3/21
(85/334) 18.0/32 Rejected 6.7 < 910 17.9/31
(85/358) 28.1/28 Accepted 6.7 330 < 1000  27.2/27
IIT ZW 2 23.6/28 Rejected - 6.4 ' < 200 23.8/27 ' 0.66
Mkn 1152 28.2/22 Rejected 6.7 < 930 28.1/21 | 0.18
NGC 5262 | | 240 £ 60  0.67
(83/249)* 44.4/27 Accepted 6.4 120 < 530 43.1/26 |
(84/357) 26.4/22 Rejected 6.7 <2400 26.3/21
Fairall 9 - 17.4/29 Accepted 6.7 300 < 1300 16.8/28 0.8
Mkn 590 23.9/24 Accepted 6.4 560 < 1530  21.3/23 0.79
Mkn 1040 35.4/32 © 95% <97.5% 64 470 <1020  30.7/31 ©0.21
3A0234 - 526 33.7/32 Rejected 6.7 < 670 33.7‘/31
NGC 1068* 19.5/12 95% < 97.5% 6.7 - 1700 £ 1600 12.5/11 1300 + 100 0.88

0241 + 622 (1)  31.0/33 . Accepted 6.4 15 < 360 31.1/31 0.70

6%




Table 3 continued.

Source name Power law Line fit results Ginga { Axial
x2/d.of. Equivalent Ratio
Status Energy Equivalent  x%/d.of. Width (eV)
(keV)  Width (eV)

3C111 7.3/10 Rejected 6.4 < 1150 7.3/9
3C120 29.3/32 Accepted . 6.7 30 < 310 29.1/31 0.6
Akn120 26.1/32 Rejected 6.7 < 340 26.0/31 100 £ 50 0.67
NGC 2110 32.0/29 Accepted 6.4 110 < 430  30.8/28 0.85
MCG 8-11-11 39.7/33  95% < 97.5% 6.7 390 < 770  33.5/32 0.47
3A0557 21.8/22 Accepted 6.4 230 < 820  20.9/21 0.32
Mkn 79* - 45.8/29 Accepted 6.4 240 < 680  44.1/28 0.69
NGC 2992* 46.2/29 . 95% < 97.5% 6.4 3301390 39.8/28 0.21
MCG 5-23-16%  46.0/28 Accepted 6.7 140 < 360  43.3/27 0.23
NGC 3227 | 190 £ 50  0.45

(85/131)* 22.3/9 No fit

(85/329) 22.9/32 99.9% 6.7 65023 14.7/31

(85/342) 32.8/27 Accepted 6.7 190 < 510  30.5/26

(85/349)* 46.3/32  95% < 97.5% 6.4 430 < 870  40.7/31

(85/361) 30.5/32 Rejected 6.7 < 270  30.5/31

0%




. Table 3 continued.

. Source name Power law . Line fit results ' Gingat  Axial i
x2/d.o.f. _ ' _ . Equivalent Ratio
Status Energy Equivalent x?/d.of. Width (eV)
(keV)  Width (eV)

'NGC 3783* 34.8/22 Rejected 6.4 < 300 34.8/21 - 0.80
NGC 4051 21.2/27 97.5% < 99% 6.4 580 < 1300  16.7/26 230 + 30 0.68
3C273 . 32.0/29 Accepted 6.7 10 < 140 31.0/28 . ~50
NGC 4593* 40.1/30 Accepted 64  1T0 < 490 38.1/20 170 +30 0.78
MCG-6-30-15*  41.4/20  99.5% < 99.9% 6.4 3207299 - 202/28 130 £20 05
I1C4329A 415/32  99.5% < 99.9% 6.4 150+120 31.9/31 70 +£15 0.16
NGC 5506* 44.0/32  99.5% <99.9% 64 2607230 31.4/31 150730 0.17
NGC 5548 30.0/32 Accepted = 64 140 < 380 27.7/31 110420 0.83
Mkn 290 25.7/27 Accepted 6.4 660 <1800  23.8/26 0.86

_ESO103-G35-  26.6/30 - Accepted 64 100 < 520 26.6/29 210 +£50 0.2
ESO141 ~ G55 21.4/28 Accepted 6.7 400 < 1220  19.2/27 0.65
NGC 6814 34.4/32 Accepted 6.7 90 < 610 342/31 240 £20 0.71
Mkn 509* 39.5/29 99% < 99.5% 6.4 3801320 30.2/28 80 +40 0.85

NGC 7172 19.5/32 Accepted 6.4 80 < 460 19.1/31 0.44

19




Table 3 continued.

Source name Power law Line fit results Ginga t Axial
x_2 /d.o.f. , Equivalent Ratio
Status . Ener Equivalent  x%/d.o.f. Width (eV)
(keV)  Width (eV)

NGC 7213 34.9/33 Accepted 6.4 60 < 310 33.6/32 0.9
3C445 - 29.8/27 Rejected 6.7 < 440  29.7/26 260 £ 60
NGC 7314 23.5/29 Rejected 6.4 < 280 23.5/28 100 =30 0.5
NGC 7469 - 38.7/32  97.5% < 99% 6.4 2801250 32.2/32 80 +£40 0.58
MCG-2-58-22 34.7/32 Accepted 6.4 60 < 250  34.2/31 180 + 80 0.67
NGC 7582%(f)  42.5/28 ~ 90% 6.4 620 <1150 38.3/27 0.42

(*) These power law fits were unacceptable at the 90% confidence level.

t The Ginga equivalent widths were taken predominately from Awaki (1991). Exceptions are for NGC 5506 taken from
Pounds et al. 1989, and 3C 273 taken from Turner et al. 1989.

1 The axial ratios were mainly taken from de Zotti and Gaskell 1985.

(1) Here the x? for the simple power law plus absorption rnodel for only ME data was unavailable, so the x? for the
ME+LE from Turner and Pounds 1989 is given.

(f) Here it was necessary to fix the power law photon index to 1.7 in order to obtain a fit.

A
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_In order to investigate the presence and strength of a possible line, the ME
data were fit with a power law plus cold hydrogen absorption model with a Gaus-
sian line included, as given in Equation 4.2. Note that the model including the
Gaussian line has three more free parameters than the simple power law model:
the intensity, the width, and the line energy. Because it was known that the qual-
ity of the data was such that so many parameters could not be constrained, the
line energy and the width were fixed during spectral fitting. The width chosen
was 0.05 keV, appropriate for a narrow line. The data was fit with two line ener-
gies: 6.4 keV, appropriate for emission due to cold iron fluorescence, and 6.7 keV,
appropriate for fluorescence or recombination of partially ionized iron (Makishima
1986; see also Chapter 2). Because of the poor energy resolution and the width
chosen for the line, most of the line photons could be gathered by one of these.
The results of these spectral fittings is given in Table 3. In this table, the line fit
parameters'and the resulting fit 2 are quoted, but for only one of either the 6.4
keV fit or the 6.7 keV fit. The line energy quoted provided the better fit, in most
cases; however, in some cases, the 6.7 keV fit is quoted bécause the fit results to
the 6.4 keV fit are unavailable. In many cases, except for some of the detections,
the fit parameters for the 6.7 keV line were nearly identical to those obtained with
the 6.4 keV line. This result is consistent with the péor energy resolution of the

detector. |
Another set of spectral fittings were done in order to test for the presence of
an additional absorption edge in the data. To do this, the data were fit with a

power law model plus additional absorption, as follows:

F(E) = N E=9=|0(B)Ng+ore(E,Ep,Z)Nr.] : (4.6)
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where the form of the absbrption column is given in Equation 4.5.
. Note that two parameters are free in the edge fitting. Because of the reasons

outlined above, the edge energies were fixed, and only the edge depth, implying

Ll

extra absorption, was measured. The absorption edge energies chosen were 7.1

keV, correspohding to absorption by neutral iron, and 8.3 keV, corresponding to

“well ionized, He-like iron' (Makishima 1986). The results of these spectral fits are

given in Table 4. In this table, the results from two sets of fits are given: those
with the energy of the iron edge fixed at 7.1 keV, referred to as the cold edge fit,
and those with the energy of the iron edge fixed at 8.3 keV, referred to as the

warm edge fit.

Results

Iron Line Fitting. The spectral fitting results to the line fits are given in Ta-
ble 3. In the first column, the name c;f the source is listed. In the second column
the x? and number of degrees of freedom for thé simple power law fit are given.
These are given primarily for use in the calculation of the F sta,‘t‘isti(': (Equation
3.1) to evaluate the improvemeﬁt in the fit when the line is included. Next to some
of the names of the sources is a (*). In these.ca.ses, the simple power law plus
absorption model was not acceptable at the 90% conﬁdencg level, as evaluated by
the %% goodness of fit criterion. In columns'3—6 the results to the line fitting are
given. In column 3 the status of the line fit is listed. There are three possible

designations in the status column. If the fit has been ‘rejected’, then this means

that spectral fitting found the best fit value of the line flux to be zero, and there is

no change in the x? due to the inclusion of the line in the model. ‘Accepted’ means
that some non-zero best fit value for the line flux was found; in this case, however,

the resulting reduction in x? is minimal. The third designation gives a range of




Table 4. Iron absorption edge spectral fitting results from the EXOSAT spectral survey sources.

Source name  Power law Channels Cold edge fit results Warm edge fit results
x2/d.o.f. Fit _ . » .
Status  Columnt x2%/d.o.f. Status Columnt x2/d.o.f.:
Mkn 335
(85/199) 20.3/22  6-32 Accepted 35<120 20.1/21  No Fit
(85/334) 18.0/32 6—40 Rejected <150 18.0/31 No Fit
(85/358) 28.1/28 6-36 Rejected < 120 28.1/27 ~  No Fit
III ZW 2 . 23.6/28 7-38 Accepted 80<180 23.5/27 No Fit
Mkn 1152 28.2/22 6-30 Accepted 70 < 300 27.8/21 No Fit
NGC 526a o |

(83/249)*  44.4/27 635  Accepted 200<330 41.5/26  No Fit
- (84/357) 26.4/22 6-30 Accepted 340 <930  25.7/26 No Fit

Fairall 9 17.4/29 5-36 Rejected <130 17.4/28  No Fit

Mkn 590 23.9/24  6-32 Rejected = <110 23.9/23  No Fit

Mkn 1040 354/32 640 Rejected - < 60 35.3/31  Rejected < 900 35.3/31
3A0234 - 526 33.7/32  6-40 Rejected <110 33.7/31 - Rejected < 1600  33.7/31
NGC 1068* 19.5/12  6-34 Rejected <100 19.5/11  No Fit ‘

0241 + 622 (1) 31.0/33  6-40 Accepted 70<150 30.7/31  Rejected < 1000 ' 31.1/31

qq
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Table 4 continued.

Source name

Power law Channels

Cold edge fit results

Warm edge fit results’

x2/d.of. Fit
Status  Columnt x2/d.o.f. Status Columnt x2%/d.of.
3C111 73/10  8-32 Rejected <250  7.3/9 No fit
3C120 29.3/32 640 Accepted 20 < 70  29.1/31 97.5% < 99% 700 <2300 24.1/31
Akn120 26.1/32  6-40  Accepted 20< 80 25.7/31 No Fit '
NGC 2110 32.0/29 6-37 Rejected 110 <430 32.0/28 No Fit
MCG8-11-11 39.7/33 5-45 Rejected < 30 39.7/32 Accepted 140 <1400  39.6/32
3A0557 21.8/22  6-30  Rejected <100 21.8/21 No Fit
Mkn 79* 458/29  6-37 Rejected < 60 45.9/28 No Fit
NGC 2992* 46.2/29 6-37 Accepted 50<140 45.9/28 No Fit
MCG 5-23-16* 46.0/28 6-36 Accepted 30<120 45.9/27 Accepted 500 <2000 43.7/26
NGC 3227 _
(85/131)¢  22.3/9  7-30 No fit
(85/329)  22.9/32 640 . Rejected <360 22.8/31  Accepted.  300<2400 22.1/31
(85/342)  32.8/27  6-35  Rejected < 30 328/26°  Accepted 300 <2400  32.2/26
| (85/349)* 46.3/32 6-40 Accepted 60<150 45.6/31 Accepted 1000 < 7000 43.7/31
30.5/32 640 Accepted 190 <310  29.6/31 Rejected < 900  30.5/31

(85/361)

99




Table 4 continued.

Source name

Power law Channels

Cold edge fit results

Warm edge fit results

Accepted

x2/d.o.f. Fit :
Status Colurnnt x2/d.o.f. Status - Columnt x2/d.o.f.

NGC 3783+ 34.8/22  6-30 Rejected < 80 34.8/21 No fit

* NGC 4051 21.2/27  6-35 Rejected < 80 21.2/26 No fit
3C273 - 32.0/29  9-40 Rejected < 50 31.9/28 Rejected < 240 31.9/28
NGC 4593* 40.1/30  6-38 Rejected < 80 40.1/29 Accepted  400<1600  39.3/29
MCG-6-30-15% 41.4/29  7-38 Accepted 40 <110 40.4/28  99.5% < 99.9% 1050+1890  30.6/28
IC4329A 41.5/32  6-40 Accepted  40<620 41.3/31 Accepted  160< 450  39.8/31
NGC 5506* 440/32  6-40  90% < 95% 260<330 39.9/31  97.5% < 99% 6007700  37.2/41
NGC 5548 30.0/32  6-40 Rejected < 50 30.0/31 Accepted  200<1000 28.9/31
Mkn 290 25.7/27  6-40 Rejected <190 25.7/26 Mo fit
ESO103- G35  26.6/30  6-47 ~99.5% 104011290 20.2/29° No fit
ESO141 - G55  21.4/28  6-36 Rejected <100 21.4/27 Rejected <1900 21.4/27
NGC 6814 34.4/32 6-40 Rejected <170 " 34.4/31 No fit
Mkn 509* 39.5/29  6-37 Rejected < 60 39.5/28 No fit
NGC 7172 19.5/32 640 No fit | No fit |
NGC 7213 34.9/33  5-40 10< 60 348/32  90%.<95% 700 <2400  31.0/32

LS
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Table 4 continued.

Source name

Power law Channels

Cold edge fit results

Warm edge fit results

x2/d.o.f. Fit - _ . , ,
Status  Columnt x2/d.of. Status  Columnt x2/d.of.
3C445 29.8/27 6-35 Acceptéd 310 < 880 29.5/26 | Accepted 400 <4000 28.9/26
NGC 7314 23.5/29 6-37 Accepted 20< 180 23.5/28 No‘ fit _ .
NGC 7469 38.7/32 6-40 Rejected < 30 38.7/32 Rejected < 350 37.7/32
MCG-2-58-22 34.7/32 6-40 Rejected < 30 34.7/31 Rejected < 430 | 34.7/31
NGC 7582%(f) 42.5/28  6-35  Rejected <1400 42.5/27  Nofit

(*) These power law fits were unacceptable at the 90% confidence level.

.1 The iron column is listed in units of 1016'52cm"2, which corresponds to cosmic abundance if Npg = 1021cm™2,

(1) Here the. x2 for the simple power law plus absorption model for only ME data was unavailable, so the x2 for the
ME+LE from Turner and Pounds 1989 is quoted.

(f) Here it was necessary to fix the power law photon index to 1.7 in order to obtain a fit.

89
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percentages. This means that inclusion of the iron emission line in the model has

resulted in a dramatic decrease in x2, so much so that the F statistic finds the

change significant at > 90% confidence. This group is composed of the detections.
Of the detections there are two kinds. There are those for which the power law

model was not acceptable at the 90% confidence level, which are marked by a star

(*) by the source name. For these the improvement in x% is because of a model -

improvement; i.e., the line is indeed necessary for an accepta.ble'ﬁt. On the other
hand, there are those for whom the power law model was acceptable at the 90%
confidence level, and yet the F statistic indicates a éigniﬁcant improvement. For
these, since the power law fit is acceptable, statistical noise dominates. Therefore
we cannot know that a line is absolutely necessary in the model from this data in
these cases. The final status designation was ‘No Fit’. In this case, fit results were
not available.

The fourth column of the table shows the energy of the line which was fit.
Two line energies were possible, 6.4 iceV and 6.7 keV. As mentioned before, in
most cases, the results from the line energy which provided the better fit are
quoted. In some cases, the results from the 6.7 keV fitting are quoted, because
the result.s from the 6.4 keV line fitting were not available. In many cases there
was very little difference in the fit parameters for either line energy, especially
for non-detections, because of the noisiness of the data, and also the width of
the line. In the fifth column the line equivalent width or upper limit is listed.
The uncertainties quoted are the 90% confidence level for one degree of freedom
(Lampton, Margon and Bower 1976). In the sixth column, the resulting line fit x?
and degrees of freedom are quoted. In the seventh column, the equivalent width
of the line as measured by Ginga is given for comparison, when available. Most

of these were taken from Awaki 1991. Finally, in the eighth column, the axial
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ratio, b/a, of the host galaxy is quoted. Most of these were taken from deZotti
and Gaskell 1985.

Forty seven spectra from 40 sources were fit. Of these, 13 were not fit well
enough by the simple power law pius absorption model'at the 90% confidence level.
Seven of these 13 spectra showed a significant improvement in x? as rnea,sﬁred by
the F statistic when a line was added to the model. These were NGC 1068,
NGC 2992, one observation of NGC 3227, MCG-6-30~15, NGC 5506, Mkn 509,
and NGC 7582. The x? of the other six was not reduced significantly by the addi-
tion of the line, indicating that the large X%: was due to excess residuals in some
othe; region in the spectrum; for example, soft excess components were implied
in NGC 526A and NGC 4593 (Turner and Pounds 1989). Six other spectra were
adequately fit by the power law plus absorption model, but showed a significant im-
provement in x% when aline was added to the model. These were Mkn 1040, MCG-
8-11-11, another observation of NGC 3227, NGC 4051, IC4329A, and NGC 7469.
Of these twelve sources in which lines were detected, the presence of lines has
subsequently'been verified in 8 of them from Ginga data. As an example, Figure 6
shows the simple power law fit plus residuals for NGC 3227, while Figure 7 shows
the power law plus line fit and residuals for the same source.

The equivalent width of the lines were not well determined. It is not surbrising
that in the case of all non-detections, the lower limit was consistent with 0 at the
90% confidence level. Of the detections, only 8 of the 13 find the lower limit larger
than 0 at the 90% confidence level. All of the line equivalent widths or upper limits
as measured from the EXOSAT dé,ta are consistent with those measured by the
Ginga data. However, in two cases, the results are suggestively larger than those
measured from the Ginga data. In the case of MCG-6-30-15, the line equivalent

width measured from the EXOSAT data was 320’_"%38 eV, while the equivalent
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Figure 6. Power law fit plus residuals from NGC 3227.
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Figure 7. Power law plus an iron emission line fit plus residuals from NGC 3227.
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width measured from the Ginga data was found to be 130 4 20 eV. Likewise,
for NGC 5506, the line equivalent width measured from the EXOSAT data was
260f%$8 eV, while the equivalent width measured from the Ginga data was found
to be 150'_‘_’38 eV. Although the values are consistent, the EXOSAT results are

larger than they should be. The reason for this will be discussed in the section on

combined spectral fitting.

Iron Absorption Edge Fitting. The results of the edge fitting are given in Ta-

ble 4. As in Table 3, the source name is again listed in column 1 while the x2 and
degrees of freedom for the simple power law fit are listed in column 2. In column 4,
the numbers of the energy channels which were the lower and upper limits for the
spectral fitting are given. For most spectra, the channels fit are usually 6-40 corre-
sponding to 2 to 10 keV. However, for some spectra, particularly those from weak
sources and those in which the background subtraction is not particularly good,
the size of the energy band which is used for spectral fitting is reduced. Usually,
this is accomplished by reducing the upper limit where the signal to noise ratio
may be quite low: The upper limit of the energy band fit is of crucial importance
when trying to fit an absorption edge to the data, since the edge energies of 7.1
keV and 8.3 keV are so near the upper cutoff, that in some cases only a few points
are being fit above the edge. Clearly, statistical fluctuations due to unavoidable
systematic errors in the background subtraction can greatly affect the outcome.
In the next two major columns are the fit results from the cold absorption
edge model (7.1 keV) and from the warm absorption edge model (8.3 keV). Under
each column heading are three subcolumns. The first subcolumn is the status of
the fit result. These evaluations are the same as in Table 3, for the iron line ﬁts:

However, for the warm edge, the ‘No Fit’ category includes one more possibility.
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In some cases no upper limit was obtained or the upper limit was essentially

infinite. Usually this occurred if the spectral fitting upper limit was chosen at a

lower energy, like channel 30, correspoAnding to ~ 7.5 keV. There were 25 spectra

with the ‘No Fit’ designation. The upper limit was less than or equél Ito ~ 9

keV for 11 of those with the ‘No Fit’ designation. No fit was also obtained if

the source was weak. The avérage source flux for the remaining ‘No Fit’ listings

was 3.15 x 10~ Mergss—! while the average source flux for those with some fit

recordeci was 4.24 x 10~Hergss~!. The standard deviations of these show that

the fluxes do not differ significantly; however, the result is suggestive. There is

also dependence on the length of observation, and the number of detectors used.

The second subcolumn lists the column of iron measured, times 101652, A value of

1 x 101652 —2 represents a cosmic abundance of iron if the hydrogen absorption

column is 1 x 1021lcm™2. Finally, the third subcolumn lists the x% and degrees of

freedom for the edge fit.

For a cold edge, there were two detections. An edge at 7.1 keV was detected

“in NGC 5506, aqd also in ESO 103-G35. As shown in the preceding section, the
long observation of NGC 5506 showed evidence for additional absorption in this

Seyfert galaxy. The value of the iron absorption column measured is consistent

~ with that measured previously. For ESO 103—-G35, the detection can be considered
to be reliable. This is because of several reasons. First, in this spectrum, data
from the xenon layer was used as well as data from the argon layer. The xenon
layer shows a larger detection efficiency for high energy photons, although for most
AGN it is not usually used because of the small signal to noise ratio. However, in
this case it was used, and therefore spectral fitting was carried o.ut to ~ 20 keV.
Then, in this case, the edge energy is not near the highest energy considered.in

the spectral fitting, so more than just a few data points are being fit above the
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edge energy. Another reason is because the source is so heavily absorbed. The
column density was found to be Ny = 2101’?8 x 10%Yem™2 for a simple power law
fit; also see Turner and Pounds 1989 and Warwick, Pounds and Turner 1988. The
best fit column for the additional iron 'a,bsor.ption was 1040:&%3?8 x 1016-52¢m~2,
Therefore, the overabundance of iron necessary to explain this is only a factor
of 5. Note also, however, the 90% confidence limit nearly includes 0. Also, it is
interesting that EXOSAT data from ESO 103-G35 found a cold absorption edge,
because a Ginga observation found the energy of the edge to be significantly above
that of cold iron (Warwick et al. 1991). Figure 8 shows the power law fit including
iron absorption fit for ESO 103-G35, as well as the fit residuals.

* For the warm edge fits, there were four detections at the 90% confidence levél.
These were 3C 120, MCG-6-30-15, NGC 5506, and NGC 7213. Of these four,
the detection of a warm edge in MCG-6-30-15 is not surprising, since a cold edge
was detected in the long EXOSAT observation (Nandra et al.' 1989), while an
edge with shifted energy was detected in a previous Ginga observation (Nandra,
Pounds, and Stewart 1990). The detection in NGC 5506'Was; also not surprising,
because as diséussed in the pr~eviou-s section, the Ginga observation found a warm
edge. However, the detections in the other two sources have not been confirmed by
Ginga observations. Note that evidence for extra iron absorption has been detected
from Ginga data (Awa,k’i 1991). Ginga can detect Ng, > 10175 Featoms cm™2. In
half of the 22 Seyfert 1 nuclei, considered in the Ginga sample, evidence for extra
_ iron absorption at 7.1 keV is found. Other detections in the EXOSAT spectral
survey sources may be due to systematic errors in the background subtraction. In
general, it may be considered that it is not'very easy to det‘ect absorption edges
in this data, because of the low signal to noise ratio and because of the relatively

low upper limit on the band pass.
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Figure 8 Power law plus absorption fit for ESO 103-G35. The iron edge energy
was fixed at 7.1 keV, and the fit residuals are show below.
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Combined Fitting. The previous two sections discussed the spectral fitting

to the power law model including the line and the edge separately. From these
spectral fittings, two of the observations indicated evidence for both a line and an
edge separately at greater than 90% confidence level. These were the observations
of MCG-6-30-15 and NGC 5506. Since both showed evidence for the necessity
of a line and an edge separately, it is useful to fit these spectra with a model
* including both a line and an edge. Therefore, the combined line and edge ﬁtv for
these two were made, and the results are listed in Table 5. The best fits resulted
with a neutral iron line at 6.4 keV, and a warm iron‘edge, at 8.3 keV. The addition
of an edge in the combined fit resulted in a reduced line equivalent width. This
is expected; the low energy resolution of EXOSAT is such that the iiﬁe and the
edge fitting should be coupled. In both sources, the best fit parameter value for
the line equivalent width was reduced, from 320 eV to 240 eV, in the case of
MCG-6-30-15, and from 260 eV to 240 €V in the case of NGC 5506. The best fit
parameter values for the line equivalent width and the edge 'cblumn are consistent
with the previous values measured from the EXOSAT long observations, and also
from Ginga results. The best fit'iron absorption columns are large, pointing to a
large overabundance of iron; however, note that the 90% confidence uncertainties
are consistent with 0. Fin,a,lly, the bést fits plus residuals for NGC 5506 are shown
in Figure 9, while the best fits plus residuals for MGC—6-30-15 are shown in

Figure 10.

Statistical Analysis. In this survey sample 13 spectra from 12 sources revealed

evidence for line emission. From most of the other 34 spectra from 28 sources,

line emissjon upper limits were found. Using the detections and the upper limits,




Table 5. Iron line and edge spectral fitting results froin the EXOSAT spectral survey sources. Iron line energy fixed at
6.4 keV and iron edge energy fixed at 8.3 keV.

Source name Photon Ny Line Flux Equivalent Npe X%/d.o.f.
Index (102'em™2) (107%*phem~2s71) Width (eV) (1016-52cm=2)

MCG-6-30-15 176703  4.2<122 1.04 < 2.27 240 <780 650 <2400  0.95/27

" NGC 5506 1.99+930  306%%7, 2.45<4.92 240 <720 230 <1050  1.01/30

89
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Figure 9. Line and edge fit for NGC 5506. The line energy was fixed at 6.4 keV
while the edge energy was fixed at 8.3 keV. Fit residuals are shown below the fit
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Figure 10. Line and edge fit for MCG-6-10-15. The line energy was fixed at
6.4 keV, while the edge energy was fixed at 8.3 keV. Fit residuals are shown below
the fit.
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statistical tests may bé used to investigate the relationship between the line flux
and the equiva,lent.width and other parameters.

Special statistical techniques exist to find means and correla,t‘ic;ns_ from data
which consist of detections and upper limits (Avni et al. 1980; Schmitt 1985;
Feigelson and Nelson 1985; Isobe, Feigelson and Nelson 1986). These methods are
modifications of methods described in the branch of statistics called survival anal-
ysis. These methods were usually implemented to take lower limits into account,
because they were invented for disciplines such as biology, where a test animal
might die before the test is completed. These methods are the correct way to
examine the statistics of the data from the EXOSAT sample. However, this tech-
nique has been applied only to calculate the mean of the sample. The programs to
. calculate the correlations have not yet been written. So in most of this analysis,
the detections and upper limits are considered to be independent populations.

If the detections are used as the sample, the results of correlation must be
interpreted carefully. This is because the uncertainties are so large, that the
equivalent widths of the sample of detections can be shown not to vary significantly
(sz against constant hypothesis of 0.74 for 11 degrees of freedom). Therefore,
no correlation can be considered significant, since the slope of the‘ straight line
fit to equivalent width and any other parameter cannot be significantly different
from 0. There is some uncertainty in this calculation, because of several reasons.
Firs;c, the uncertainties found in spectral fitting are 90% confidence levels. Here to
reduce them to 1o, they were divided by 1.65. This is not really correct, because
it assumes a Gaussian distribution of uncertainty, and this assumption may not
be completely justified. Parameter uncertainties are usually over-estimated by
spectral fitting programs, because they estimate the uncertainty by extrapolation

of a parabola defined by a few points near the best fit point. Howevelr, usually
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the x? increases faster than a parabola. Second, the uncertainties were calculated
assuming one interesting parameter. This is also not necessarily justified, because
the coupling between line flux and other parameters besides the line energy and
the line .width is not strong. Certainly line flux is coupled to the photon index, but
not necessarily coupled so strongly to the low energy é,bsorption. So in geﬁeral,
the line uncertainties are over-estimated.

H. Awaki, in his thesis, considered the Ginga spectra from 22 Seyfert 1 galax-
ies. He detected significant line emission in all of them at the lo confidence
level. The mean of the equivalent widths that he measured was 160 eV with the
standard deviation of 60 e€V. In the EXOSAT sample of detections, NGC 1068 is
neglected because it is a Seyfert 2 galaxy, and Seyfert 2 galaxies are expected to
have much larger equivalent widths than Seyfert 1 galaxies (see Awaki 1991). For
the EXOSAT sample, considering only the detections, the log of the average line
equivalent width is 2.64 and the standard deviation is 0.25, corresponding to a 1o
range of 240 < 430 < 770 €V. These figures are not completely representative of
the data, however. Only thi.'rteen lines were detected, but upper limits from 34
other spectra were available. It is more representative to use statistical methods
to find the mean and standard deviation which take the upper limits into account.
Such a method is described iq Avni et al. 1980. Using this method' to take the
upper limits for the non-detections into account, the average of the log of the line
equivalent‘ width is found to be 2.50 with standard deviation 0.21. Then the 1o
range of equivalent widths is 200 < 320 < 500 e€V. There is an overlap of 20 eV
between this result and that of Awaki (1991).

Awaki also finds that ’the line equivalent width for Seyfert 1 galaxies is corre-
lated with the X-ray continuum emission for the Ginga sample. For the EXOSAT

sample, it was found that the log of the equivalent width for the sample of the
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thirteen detections was inversely correlated with the log of the X-ray continuum
emission. Here, the linear correlation coefficient was » = —0.77 for 11 degrees of
freedom. This corresponds to a probability of greater than 97.5% that the sam-
ple was drawn from a correlated parent population. NGC 1068, being a Seyfert
type 2 galaxy, is expected to have a large equivalent width and a low luminosity.
Since this point could heavily weight the distribution, it was neglected, and the
correlation again calculated. Strong evidence for inverse correlation was again

found, with r = —O.68/10d.o.f. and P > 90%. The upper limits for the log of the

line equivalent widths for the non-detections were found to be uncorrelated with

the luminosity (r = —0.15/25d.0.f. and P > 50%). This non-correlation is not
surprising, because a selection effect is also folded into the data. More luminous
sources can be seen from farther away; however, they may not be observable at a
sufficient flux level to find a line. But if the flux is large enough, the upper limit
might be quite small, decorrelating the data. .

Awaki also finds a correlation at the 98% confidence level that the equivalent
"width is correlated with the photon index. This result is expected if the line is
due to fluorescence, because of the relative larger number of hard X-ray photons
above the iron K edge which may be absorbed for a lower photon index. Such a
test has not been performed with the EXOSAT sample.

If the iron line emission is due to fluorescence from material arranged in a
, thin accretion disk, one might expect a larger equivalent width to be found from
those galaxies in which the disk is oriented face-on towards us. With this idea in
mind, statistical tests were applied to check if there is any correlation. From the
Ginga data (Awaki 1991), for the 15 of the Seyfert 1 galaxies for which the axial
ratios were available, the correlation was significant at the 90% level. With the

Seyfert 2 NGC 1068 removed from the sample, the correlation was significant at the
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95% level. A similar correlation betwéen the EXOSAT detection data equivalent
widths and a).cia,l ratios find a significant correlation. However, note that the active
nucleus and host galaxy need not be coupled by angular momentum. A classic
example is the Seyfert 2 galaxy, NGC 1068, whose host galaxy is nearly face-on,
having an axial ratio of 0.88, but for which the most successful model requires the |
active nucleus to be edge-on (e.g. Antonucci and Miller 1985). It is interesting
to note that significant line detections were found more often from sources with
host ga.laxieé more nearly edge-on than face-on. This may be a selection effect,
as face-on galaxies are more common and thus represent the lower source fluxes
of our sample. However, the line upper limits for sources with host galaxies more
nearly face-on are in general larger than the source; with host galaxies more nearly
édge-on.

Approximately half of ﬁhe spectral survey sample indicated substantial in-
trinsic column in the source galaxy (Turner and Péuﬁds 1989): Only four of the
12 sources with significant lines have substantial intrinsic column. These were
NGC 2992, MCG-6-30-15, NGC 5506, and NGC 7582. Fits for three of these,
excepting NGC 7582, were impr;)ved by the addition of a warm absorption edge.
There is a suggestion of a positive correlation’bétweeﬁ line equivalent width and
absorption column (r = 0.77/4d.o.f. and P¥0.30).

Excess soft X-ray emission was established in eight of the spectrfal survey

sources and implied in another seven (Turner and Pounds, 1989). A significant

line was found in three of these: NGC 4051, MCG-6-30-15, and NGC 7469.

Discussion
Perhaps the most significant result of this investigation is the presence of

detectable lines at the 90% confidence level in ~ 1/3 of the sample. Because
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of the peor energy resolution of EXOSAT and the small detector area, the line
equivalent widths were not well determined. The measured equivalent widths are
comparable in size with the upper limits, but are smaller for the most part. This
fact indicates that lines might be present in many of these sources, although not
detectable with EXOSAT in such short observations. A calculation shows that the
detection limit for the equivalent width is expected to be inversely proportional
to the square root of the length of the observation times the square root of the
continuum flux in the line 1t‘>an.d. Subsequently, of course, analysis of Ginga data

have confirmed the presence of lines in Seyfert 1 spectra,-(Awa.ki 1991).
The suggestion that the line equivalent width is inversely correlated with
‘the source luminosity seems to indicate that there is more material around low
luminosity sources to fluoresce. This may be because cold or partially ionized
material cannot survive around powerful sources. This result is supported by.
the suggestion of a correlation between the line equivalent width and the intrinsic
column, since it is known that intrinsic columns are associated with low luminosity
objects (e.g. Turner and Pounds 1989).

Perhaps a more significant correlation with soft emission is expected, since
an iron emission line and thermal emission might be expected to originate in the
same place. However, disk lines are expected to be < 200eV (George and Fabian
1991) and such small lmes would not easily be observed by EXOSAT in these short
observation.

The iron line features can help determine the geoﬁetry of the emission region
and can help deterrhine the structures responsible for the emission or reprocessing.
The comparison of axial ratio with line equivalent width lends some support to cur-
rent theories of line emission from thin accretion disk. George and Fabian (1991)

have done extensive Monte-Carlo simulations in order to estimate the equivalent
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width of the line as a function of inclination angle from a thin accretion disk. They'

find that the equivalent width of the line drops dramatically with inclination an-

gle. This is because fluorescence photons trying to escape the disk with a large

inclination angle see a larger optical depth than those emerging normal to the disk
plane and so are more likely to be re-absorbed.

Features due to the emission and absorption of iron atoms in a low state of
ionization seem_‘.co be a common phenomenon. This fact has a strong impact on
models of AGN, since such models must provide such neutral material to fluoresce.
There is some latitude, however, since in most AGN line variability is not observed.

| Therefore, the line emission site need not be in the central engine. On the other
hand, with current detectors, line variability is difficult to detect. Only from bright‘
_Seyfert 1s with lines having a large equivalent width has line flux variability been

| confirmed (Kunieda et al. 1990).
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CHAPTER 5
VARIABILITY OF X-RAYS FROM SEYFERT NUCLEI

The nature of the variability of X-ray emission from Seyfert nuclei can be
divided into two related parts: the total flux or temporal variability and the
spectral variability. Evidence for both types of var'iability was found in all three
of our Ginga observations. The results from the detailed spectral and temporal
analysis of these observations will be given in Chapters 7 and 8. The purpose of
this chapter is to give a non-comprehensive review of the current status of theories
and observatio‘ns of t'he temporal and spectral variability of X-rays from Seyfert
nuclei, from the observer’s point of view. This review will serve as a framework
against which the results of the subsequent chapters will be analyzed. As will be
seen, much more information about the nature and en'virqnment of the central
engine can be obtained by examining in detail the variability, compared with just

evaluating the time averaged spectra.

Intensity Variability of X-Rays

Observations

The intensity variability of X-rays from AGN has been observed to have mény
different time scales, depending on the source. Early studies using Ariel V found
variability on the time scale of a year or less in about half the AGN studied

(Marshall, Warwick and Pounds 1981). A subsequent study using the HEAQO 1

A-2 experiment found that rapid variability (time scales of minutes to hours)
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was rare in a sample of 54 observations from 38 AGN which were mostly Seyfert
I’s (Tennant and Mushotzky 1A983). However, using EXOSAT and Ginga, rapid
variability has been found from some low luminosity Seyfert 1 nuclei. Continuous,
remarkably fast variability, with time scales of minutes to hours, has been observed
consistently from MCG-6-30-15 (Pounds, Turner and Warwick 1986; Matsuoka
et al. 1990; Naﬁdra, Pounds and Stewart 1990), NGC 4051 (Marshall, Holt and
Mushotzky 1983; Lawrence et al. 1985, 1987; Matsuoka, et al. 1990; Kunieda et al.
1991), Mkn 335 (Turner and Pounds 1988), NGC 6814 (Tennant et al. 1981; Mittaz
and Branduardi-Raymont 1989; Done et al. 1990) and NGC 5506 (McHardy
and Czerny 1987). Rapid variability has also been observea intermittently from
NGC 4593 (Barr et al. 1986). Longer time scale variability has been observed
from NGC 4151 (Yaqoob and Warwick 1991, and references therein). In addition,
some objects have been observed to flare at one time or another. Examples are

NGC 7469 (Marshall, Warwick and Pounds, 1981), and NGC 7314 (Turner 1987).

Rapid variability from quasars seems to be much rarer. Of 51 quasars observed

with the Einstein Observatory only four were found to vary on a time scale of 1
day (Zamorani et al. 1984).

In general, it appears that low luminosity Seyfert galaxies are observed to vary
more rapidly than high luminosity quasars. In order to investigate this point, Barr
and Mushotzky (1986) looked for and found a correlation between the luminosity of
the source and the variability doubling time scale. They found that low luminosity
Seyfert galaxies were observed to vary by a factor of 2 on a time scale as small as
100 secon’ds, while high luminosity quasars were observed to vary on a time scale
of one year. A study of only low luminosity Seyferts verifies this relationship;
however, instead of using the doubling time scale to measure the variability, the

normalized amplitude of the power at a given frequency was used (McHardy 1989).
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The most intriguing type of variability is the continuous rapid variability
expressed by some of the low luminosity Seyferts. This variability usually lacks
characteristic time scalés, but rather is characterized by a power spectrum that
can be described by a power law function of frequenc& with a range of negative
power law slopes (McHardy 1989). '

The slope that is exhibited by the power spectrum has a physical interpreta-

tion (Press 1978). White noise is described by a power spectrum with a slope of .

zero. This describes entirely uncorrelated variability. White noise has the property
that the power is convergent at low frequencies but divergent at high frequencies.
Thus the time series is infinitely choppy, and successive pcgints are always nearly
the maximum distance from éach other. In contrast, ra.r;dorn walk processes are
described by power spectra with the slope of ~2 and are, by definition, the fre-

quency integral of white noise. This type of noise is convergent at high frequencies,

but divergent at low frequencies. This is because points can be quite far from each

other at long time scales, while quite close to each other at short time scales. An
intermediate case is that of flicker noise which has a power spectral slope of —1.
Flicker noise is also called 1/f noise. This type of noise is divergent at both low
" and high frequencies. |

Physically speaking, the variability power must converge. r].."‘herefore, if the
variability of a Seyfert galaxy is of the power law type, it must have spectral

"breaks such that the slope is zero at low frequencies (no net variability at very

long time scales) and slope is —2 at high frequencies (no net variability at very

short time scales). However, what has been generally observed is that many vari-
able low luminosity Seyfert 1s display variability with power law slopes of around
—1 over the several decades of frequency which can be conveniently measured,

and the turn-overs to the low frequency and high frequency ends have not been
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clearly identified. However, some spectral breaks have been found for some. For -

- example, NGC 4593 was observed to have a power spectral slope of —2 (Barr

et al. 1986) and clear high and low freqﬁency turnovers have been identified for
NGC 5506 (McHardy, 1989). Two problems with finding the break frequencies
are clear. Low frequency observations are hampered by the small number of X-
ray missions available for flux measurements over the years. Also detectors able
to observe AGN in X-rays have been available for only a relatively short time.
High frequency observations are limited by Poisson noise. However, 1/f variabil-
ity has been observed in some Galactic black hole candidates, and spéctral breaks -
have been identified. For example the black hole candidate Cygnus X-1 is found
to exhibit such 1/f variability, with the 1/f region found for frequencies above
~ 0.04 — 0.06 Hz and the power spectrum ﬂa,tten_s below (Nolan et al. 1981). Here
the convergent region, and the break frequencies have been clearly identified.

Note that most AGN have not been found to have any characteristic time
scales which can be interpreted as a physical characteristic of the syste1;n. Only
one low lumiﬁosity Seyfert has clearly been found to exhibit a characteristic time
scale; this is NGC 6814, and the properties of this source will be discussed in
Chapter 8. |

Models

One model which has been explored to explain the 1/f variability of the low
luminosity Seyferts is discussed by Lehto (1989). His model is based on the fact
that similar 1/ f noise is found in a variety of physical systems, including electronic
systémé. In electronics systems a shot noise model is often used. Lehto’s model
uses shots with a variety of decay times. When shot noise of only one decay time is

used, the region of the power spectrum with slope —1 spans in effect less than one
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- decade of frequency. Therefore, a variety of decay times are used. Adjusting the
parameters can produce slopes of ~ 1/ f over a range of frequency. Physically, the
range of shot decay times might be due to shocks or other nén-therma.l phenomena
in a variety of densities (McHardy 1989). |

Another new explanation of 1/f noise has just been proposed by Bak, Tang
and Wiesenfeld (1987, 1988). The idea here is roughly that some dynamical sys-
tems will evolve into a cri'tical state, and 1/ f noise will be generated, as the system,
under perturbations, goes back to the critical state. The example used is of a pile
of sand. Starting with no sand, if sand is added, it will pile up until the slope
reaches a critical value. If more sand iswadded, excess sand will slide off so that
the critical slope is maintained. The amount of sand which slides off will exhibit
1/ f noise (Bak, Tang and Wiesenfeld 1988). As far as I know, this model has not
yet been applied in detail to astronomical 1/ f noise.

Several other models have recently been described. A ‘reservoir’ model has
been proposed by Begelman and De Kool (1991). In this model the variability is
broduced by a sum of pulses, with a correlation assumed between the pulse height
and the mean rate of pulses. In this reservoir process, a large flare would drain the
system of a large amount of energy, and so a long time would be required for the
energy reservoir to store up enough energy for another flare. Anothér model uses
hot spots in an accretion disk, with some apparently augmented by the Doppler
beaming effect (Zhang 1991).

This short review shows that many of these models can explain 1 / f variability
quite well. Begelman and De Kool (1991) point out that one of the problems is
that too many models are successful, and the reason is partially because the power

spectrum is a relatively crude measure of the characteristics of the light curve

(Press 1978).
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Spectral Variability

The spectra of Seyfert galaxies can vary in many ways. Conceivably all of
the spectral components discussed in Chapter 2 could vary independently of one
another, under special circumstances. This may be because sorﬁe physical process
may vary the magnitude of one of the components. Then, when observed with
instruments of poor energy resolution, many types of spectral variability coul&
masquerade as simple variability of the spéctral index. Therefore, the mést'closely
studied type of spectral variability is that of apparent spectral index change. Since
the one other characteristic which is easily measured is the flux of the source, the
most common type of investigation has focused on the correlation between flux
and spectral index. Such a correlation has been found. Most often the épectral
index is correlated with the flux; i.e. the spectrum of the source is observed to
soften as the source brightens. In addition, other types of variability have been
observed. For example, changes in the low energy absorption column have been
seen. The remainder of this chapter will explore the types of \.fa,ria.bility which have
been observed, and will give some explanations which have been proposed. The
focus will be on those types of spectral variability which can appear to be intrinsic
spectral index variability, and on analysis methods which can be used to diagnose
the origin of the spectral variability. This is necessary for the understanding of the
results of the analysis of the two observations of NGC 6814; here rapid spectral
variability was observed. We propose a specific model to explain the observations;
however, since it is a new variation of the partial covering model, other models

must be ruled out.
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" Absorption Column Variability

Variability of Cold Column. In at least a few objects the measured low energy

absorption column has been observed to change from observation to observation.

For e)'ca,rnple;the measured line of sight column in ESO 103-G35 was observed t6

show a factor of 2 decrease in a period of 90 da,y's (W.a,rwick, Pounds and Turner

1988). This aecrease was interpreted as being due to the motion out of the field yof‘
view of broad line clouds assumed responsible for the large column measured in this

source. EXOSAT data from NGC 3227 was also found to exhibit variable column

from ob'serva;cion to observation (Turner and Pounds 1989). In addition, one of
5 observatioﬁs of NGC 6814 showed a rﬁarked increése in the absorptiop column
(a factor of 20), while the sourcé flux decreased by 30%. Mittaz and Branduardi-
Raymont (1989) claim that this may be due to broad line cloud a.b‘sorp.tion also.

Most of the observations for which column variability has been verified have
been from EXOS‘AT..\ This is because EXOSAT had such a large ba,nd'péss, par-
ticularly in the low energies where absorptioﬁ column is rﬁeasu;ed, that both the
é.bsorptfon column and spectral index could both be measured fairly accurately.
However, a re-analysis of SSS and MPC data by Turner et al. (1990) find also
column density variability in several other objecfs. For example, 3C120 and 3C111
showed index and column variability.

Absorption column changes may be confused with spectral index cha_ngés,
because the energy~index is usually tightly coupled to the measured absorption
column. x2 contours plotting energy index and N usually are an ellipse with the .
long axis along the direction of increasing colurﬁn and index. Only by plotting
these contours for each observation can pure column or index variability be iden-
tified, if the fits use only one parameter of interest (Lampton, Margon, and Bower

1976).
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Warm Absorber. This model for spectral variability was first introduced by

Halpern (1984). In this case, an enormous change in the absorption was measured
between two observations of the QSO MR2251-178. Data from the Monitor Pro-
portional Counter on-board Einstein, sensitive in the energy range from 1.2 to 20
keV, as well as data from the simulte;neous observation using the High Resolution
Imager, sensitive in the range from 0.1 to 3 keV, were available. The MPC ft
showed the remarkable change in absorption, while the flux level from the HRI
showed no significant change. The warm observer model was proposed to explain
this observation. Central to this model is the fact that not all energies of X-rays
are equally absorbed. Above 0.53 keV, oxygen is the major absorber, while below,
helium dominates. If the absorbing column is partially 1onized, so that helium
is completely stripped, the absorbing column will be transparent below 0.7 keV.
However, oxygen need not be completely stripped, and so the absorbing column
may be optically thick at 1 keV. Therefore, a partially ionized column can ex-
plain a spectrum with substantial low energy absorption and a very low energy
excess emission. Also, the absorption of other. elements will be changed, causing
the spectrum to in general soften in the presence of the warm absorber (Krolik
and Kallman 1984). Such an absorber is called ‘warm’ by Halpern; because the
temperature of the ébsorbing material is only about 10° K, as the ionization is
assumed to be caused by photoionization, and not thermal ionization. |

What will be the identifying variability characteristics of this situation? As
the luminosity changes, the ionization st'ate of the absorption colw.u'rnn will change.
Therefore, the apparent Ny column measured will be ‘inversely correlated with
the luminosity of the source. Another diagnostic is the time scale of variability
for the column. The variability time scale depends ouly on the ionizalion and

recombination rates, which typically depend on the density. If the material is
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not very dense, the recombination will be slow, and fast variability cannot be
explained. Assuming the temperature of the gas is smaller -than 104K, the de1_1sity
must be > 108cm=3 for the time scale for recombination to be less than 10%
seconds.

This model can explain flux correlated spectral variability. If the spectra
are fit to a simple power law model, the power law index will decrease as the
source brightens. This is because the excess emission below 1 keV, as well as the
reduction in opacity above the oxy‘gen edge, causes the power law index to be
pulled up. However, for the warm absorber as described by Halpern (1984), where
the degree of ionization is rvelatively small, the spectral index change above about
3.5 keV would be very slight. |

Since Halpern used this model in the spectral fitting of the QSO MR2251~1 78,
it has been used again to describe oti1er data from MR2251-178 (Pan, Stewart and
Pounds 1990) and also at times to explain data from other objects. For example,
in EXOSAT observations of NGC 4151, the low energy ﬂux was found to remain
constant while the medium energy varied by a factor of 10. The hardness ratio
was found to vary with the luminosity also, showing the spectrum to soften as
the source brightens. Detailed analysis showed that this data could Be fit by a
constant spectral index when a partially ionized screen having a variable ionization
parameter was included (.Ya,qoob, Warwick and Pounds 1989).

A lérger change in ionization parameter will cause changes in spectral index
for a larger range of energies; however, other spectral features will be observed,
because a highly ionized absorber will leave characteristic features on the X-ray
spectrum. First, the iron line flux will be enhanced over the flux expected from the
measured cold absorption screen. The iron absorption edge will also be enhanced.

This is because the Ny column measured does not reflect the presence of the warm
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absorber, and the warm a,bsprber is assumed nof to be ionized to such a degree that
iron would be corﬁpletely stripped. However, if the ionization parameter is large,
the energy of the iron absorption edge will increase. For very high ionizations,
the energy of the iron line from the warm absorber will increase also (Makishima
1986). The change in the absorption edge energy is potentially one of the most
valuable diagnostics to'interpret the presence of the warm absorber, for high energy
resolution instruments.

An example of the use of this model with a more highly ionized absorber
was an analysis of a Gifz;ga observation of MCG~6-30-15 by Nandra, Pounds and
Stewart (1990). They found spectral variability below ~ 5 keV only, and they
found that -the spectral index for a simple lpower law fit was correlated with the
. ﬂ\ix. Also, they found that the bes"c fit value of the absorption edge energy was 7.8

keV, although the confidence level for this result did not reject the 7.1 keV edge

energy. Thus they interpreted this spectral variability to be due to a partially -

ionized screen, which modified the spectrum below.5 keV. They interpreted the
shifted edge energy to be due to the sum of an edge at a higher energy from the
ionized- screen and the edge due to the cold. screen which determined the column
density.

These two examples p‘oint out the important restriction of the warm absorber
mode]l where the absorption screen lies between the observer and the source of
the X-ray flux. It can only be used to explain spectral variability of the low
éﬁergy region of the spectrum. For the medium energy region to be modified the
lonization would have to be very high, and the deep absorption edge at a much
higher energy would be measured. Again, fast spectral variability could not be

explained.
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Another application of the warm absorber that has not been investigated
thoroughly yet is reflection from a partially ionized region. This would remove
part of the iron edge energy constraint, because the edge seen by reflection is
smaller than the edge seen through the material in the line of sight (Mushotzky
1984).

Variability in Relative Normalization
ot Separate Spectral Components

The soft excess and hard tail are two spectral components which were dis-
cussed in Chapter 2. In some situations, the relati've normalization of these com-
ponents with respect to the medium energy power law can vary. This can cause
apparent softening of the specfrum as the source brightens.

This explanation of spectral variability has been used on at least two oc-
casions. First, the EXOSAT long observation of Mkn 335 (Turner and Pounds
1988) found rapid variability with a 1-2 hour time scale in the medium energy
X-rays, while the LE data varied with a much longer time scale, ~ 10 hours.
There were suggestions that the ME lagged the LE, and that the LE increased
more. r‘I‘he best fits were determined to be two power laws of constant index, with
the normalizations of both allowed to vary. Physically this could arise if the ME
power law emission is due to Comptonization of the soft, possibly thermal LE flux.
Then the ME would be expected to lag the LE. Therefore, the brightening of the
source would be accompanied by a softening of the spectrum, due to the lag of the
ME, and also the larger magnitude increase of the LE. Note that, like the warm
absorber model, variability in the norﬁalization of the soft excess component com-
pared with the medium energy power law only affects the low energy part of the
spectrum. Therefore this type of variability can be distinguished by making power

law fits to spectra excluding the soft region. The spectral index of the medium to
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hard energy spectrum should not change, unless the soft component is described

by an additional po;}ver law with a mild slope. Then this component may be a
significant addition to the fnedium energy X-rays. | |
In anotHé‘r case of the analysis of five Ginga observations of NGC 5548, the
best five fits involved a power law plus a hard tail due to reflection (Nandra et al.
1991). The conclusion was that the apparent sp.ectral‘variability of the spectral
index from a simple power law fit could be accounted for by variability in the

relative normalization of the power law component and the reflected component.

So the intrinsic power law was found to have constant spectral index, and the

apparent flux correlated intrinsic index variability became a less likely explana-
tion. The normalization of the reflected continuum was consistent with a constant.
Physically this is reasonable if the time scale for changes in the normalization of
the reflected continuum is longer than the time scale for changes in the normal-
ization for the primary power law emission. This could Be because variability of
the primary power law is washed out by light travel effects in the reflected contin-
uum. In this way apparent spectral index correlations would be observed,:because
flux increa.ses( of the‘. primary power law, dominating the medium energies of the
spectrum, Would not be matched by changes in the hard reflected continuum.

If the reflection component is from cold unionized material, it will d‘omiﬁate
the hard X-ray region above 10 keV. This situation was shown in Figure 3. There-
fore a diagnostic analysis plan for this situation would be to measure the spectral

index in the hard X-ray region, and the medium X-ray region separately. If the

index in the hard region does not change, but the index in the medium region

does change, this model is supported. This is because since the reflection compo-
nent dominates the spectrum above 10 keV, the measured spectral index in this

region will be the slope of the reflection spectrum. However, as can be seen in
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Figure 3, the reflection spectrum will modify the slope in the 2-10 keV region,
so the spectral index of this region will show flux correlated variability. 'Note,
however, variability of the spectral index in the region above 10 keV does not rule
out a reflection model, if the intrinsic power law index is variable. In this case, a
diagnostic would be the expected lag of the hard flux from the reflection region
over the medium flux, mostly from the primary power law flux, if this could be
measured and if the variability were not washed out by light travel effects.

One other set of parameters have not been mentioned, however. These are the
disk (reflector) inclination angle, and the solid angle by which the disk subtends
the source. It can be seen that these are coupled, since a disk at a highly inclined
angle will produce less reflected flux, and if a larger solid angle subtends the source,
more reflected flux will result. Finally, the role of reflection from a partially ionized
region has not been explored. In this case at least one more parameter would be

necessary, to describe the ionization state.

Spectral Variability Due to Compton Effects

As mentioned in Chapter 2, one likely candidate for the production of the
power law X-ray emission is inverse Corﬁptonization of soft photons by a rela-
tivistic plasma. For thermal models, the distinguishing characteristic of inverse
Comptonization is the lag of the medium energy over the soft. For example, if
there is a rise in the soft photon output, there will be a lag between such an in-
crease and the increase in the flux in the medium energy band. This is because the
harder photons require more scatterings, since each scattering boosts the energy
- by only a given amount each time. In this way a flux correlated spectral variabil-
ity would also be seen; as a source becomes brighter, the low energy flux would .

increase faster, showing a spectral softening.
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A thermal Compton model was used by Lawrence et al. (1985) to explain
the flux cérrelated spectral variability found in a long EXOSAT observation of
NGO 4051. For this to be appropriate a large population of very hot electrons
is necessary. Such a population is present in the ‘two temperature torus’ model
(Shapiro, Lightman and Eardley 1976). The othér component is a soft seed photon
source, which could be thermal. Two mechanisms are possible to describe the
variability: the electron temperature may vary, or the number of seed photons
may vary. If the temperature varies, the photon index would be anti-correlated
with the ﬁux, so this mechanism can be rejected. However, the mechanism in
which the soft seed photon flux varies was found to be a possible explanation, if
the predicted lag were smeared enough to be unrecognizable.

A modification of the thermal Compton model to include the effects of pairs
was proposed to explain the flux correlated spectral variability (White, Fabian,
and MusHotzky 1984). Their idea is that if the switch between the high and low
state occurs at about 1% Eddington luminosity, this would also be the luminosity
at which an optically thick electronr positron plasma will form. The abu‘ndance of
pairs formed will cool the plasma, creating a softer spectrum. The main problem
with this idea as applied to AGN is that the initial, intrinsic spectrum must be
quite hard, and such a spectrum will produce too many y-ray photons, as discussed
in Chapter 2. |

A slightly differe’nt. model was used to explain the flux co‘rrelated spectral
variability of NGC 4151 (Yaqoob and Warwick 1991). This study involved a series
of Ginga observations, and the relatively high energy resolution of this instrument
gave spectra which seemed to require an intrinsic index variability. A non-thermal

Comptonization model was used to explain the change in index. Again these
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authors found that.pairs were important in the high state, but do not exist in the
low state.

Other thermal models have also been found which predict spectral index — flux
correlations. A model recently proposed by Dermer (1989) uses a two temperature
ion supported torus. The spectral index flux correlation is due to changes in the
ion temperature, with the scattering optical depth remaining constant. Again this
model predicts the hard X-rays to lag the soft X-rays.

For thermal Compton models, one diagnostic test is the time variation. In
thermal Compton models which produce spectral softening when the flux increases,
because the harder photons lag the soft photons, the increases and decreases in flux
will be characterized by lags of the medium energy over the soft energy. With the
_relatively high time resolution of Ginga (16 seconds for AGN), strict constraints
on the lag times can be gained. Qualitatively, if the lag is found to be very short,
but not zero, the source is required to be very compact, and such compactness
would require the source to be radiating at very near the Eddington limit. A
further constraint is that only the lag of hard photons over soft phptons should be
seen; these models do not predict the lag of soft photons over hard.

For non-thermal models, the situation is more complicated. Part of the com-
plication arises because of the many parameters available for variation in non-
thermal models; however the variation of some parameters do not produce vari-
_ ability. Three parameters are usually varied in non-thermal pair models (Ghisellini
1991). These are the energy (compactness) in the soft photons, the energy in the
energetic electrons, and the maximum relativistic v of the electrons. Variation of
the energy in the soft photons does not in general change the high energy spec-
trum. Varying the compactness of the high eﬁergy electrons, lp, has a larger effect.

For low [y, pairs are not imf)orta,nt and the radiation spectrum follows the injected
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electron spectrum. For high [}, pairs are saturated and a constant index is found
0.8 < a < 1.0. Dramatic changes are found around I, = 10. This variability has
been studied by Done and Fabian (1989). Finally if the maximum energy of the
electrons is less than the pair production threshold, few pairs will be produced
even though the compactness ma& be quite largé. Th’en if the maximum energy
rises above the threshold, copious pairs will be produced, and the spectrum will
soften dramatically (Ghisellini 1991).

Understanding this, what are the diagnostics for the non-thermal pair models?
First, the lags as outlined above are not a diagﬁostic for non-thermal models
because geometric effects can produce the lag of the hard over the soft as well
as the soft over the hard (Done and Fabian 1989). Apparently, spectral changes
can happen quite quickly (Fabian et al. 1986). However, it seems for most models
which have been investfgated in detail, the change in spectral inde)-c is usually fairly

moderate (< 0.3) while the change in flux is quite large (an order of magnitude)

(Done and Fabian 1989; Yagoob and Warwick 1991). This may be sirﬁply because -

the models were intended to explain observations which exhibited such behavior.
However, perhaps the most restrictive diagnostic is that models in which pair
modiﬁca,tio‘n of the spectrum is important‘ on a short time scale require optically
thick pair plasmas. Such plasmas will affect the variability, in general, by damping
out the fastest variability (Done and Fabian 1989). Therefore, the doubling time

scale for variations may be many times (3-10, Done and Fabian 1989) the light

crossing time scale. For some of the most rapidly variable sources, this will cause

the inferred black hole mass to be very small, and the source to be radiating at

much more than the Eddington limit. .
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Spectral Variation by Partial Covering

A final method has been used in some cases to explain the flux correl'ated‘
spectral variability observed from some Seyfert nuclei. This method employs ab-
sorption of a variable fraction of the intrinsic flux by clouds or some kind of
absorbing screen. The spectra produced by partial covering is discussed in Chap-
ter 2 and an example of such spectra is shown in Figure 2. If the fraction of the
intrinsic flux absorbed is changing, then a flux correlated spectralt variability can
result. Apparent spectral variability is ‘fouﬁd when this bumpy spectrum is fit to
a single power law model. If the fraction covered is temporarily low, and the flux
modulation of the source originates from the absorption of only a small part of the |
intrinsic flux, the s.ource spectrum will appear soft‘ and bright. Then as the covered

fraction increases, the total flux decreases and the absorbed coxﬁponent appears

as a hump in the higher energies. When fit with a simple power law model, the .

source spectrum will appear hard.

Note that this model can explain variabilify between any two regions of the
spectrum. .Unlike the warm absorber model and variable normalization of the $oft
excess model, which applied only to thé low energies, and the variable normal-
ization of the hard tail, which mostly applied to hard energies (-at. least for cold
reflection), the break in energy can occur anywhere in the partial 'coxllering model.

This model has been applied in many different instances. As mentioned in
Chapter 2, the Poisson cloud model was proposed by Holt to explain the low
. energy variability of NGC-) 4151 (Holt et al. 1980).

This model was applied to the Ginga observations of the Seyfertll galaxies
MCG-6-30-15 and NGC 4051 by Matsuoka et al. (1990). In this analysis, they
found that to explain the spectral variability of these sources, an intrinsic change

in spectral index and also partial absorption and scattering by a thick absorber of
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Ng > 10%* cm—2 were required. This data was also analyzed by NaLndra, Pounds
and Stewart t1.990), who found that a model consisting of a warm absorber and
hard reflection tail superimposed on a primary power law of constant spectral
indgx provided a better description. The fact that ,the_ same data can have equally
valid descriptions points out one problem with the partial covering model. If the
absorber is very thick, on the order of Ny =~ 1023_24cm'”2, the partial covering
model cannot be easily distinguished from the reflection model by just examining
the spectrum, because of the limited energy range and poor resolution of current
detectors.

However, the details of the variability can convincingly distinguish the partial
covering spectrum from the reflection spectrum. .Th'e partial covering model was
applied to a Ginga observation of NGC 4051, by Kunieda et al. (1991). Here the
spectral fits also could not distinguish between the reflection and partial covering
models. However, careful examination of the light curves showed regions where the
soft flux appeared to ﬂa.re; while the hard flux remained constant. This behavior
was interpfeted as the uncovering of the source during the flare. Other regions
showed that the soft flux and the hard flux varied together, indiéating‘ intrinsic
flux changes. Such variability would be difficult to explain using only the reflection
model for the hard tail. Howew'fer, to explain the strength of the iron line, assumed
to originate from fluorescence in a cold disk, a reflection component was also
deemed necessary.

Such variability can provide a diagnostic for this model. Also, in the case of

- clouds with hard edges, which are well described by a single thicker column, spec-

tral fitting ought to find that the partial covering models is statistically preferred.-

However, a difficulty emerges, if the cloud does not have a hard edge, and is better
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described by a range of column densities. Such a situation will be described in

Chapter 8.
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CHAPTER 6

THE GINGA X-RAY SATELLITE

General

Astro-C is the third Japanese X-ray satellite, following Hakucho and Tenma
(Makino and the Astro-C team, 1987). It was launched on February 5, 1987 from
the Kagoshima Space Center (KSC) by a M-3SII-3 rocket. It was renamed Ginga,
which means galaxy in Japanese. Ginga is small, weighing 420 kg, with the main
‘rectangular body being 1m x 1m x 1.5m. There are also 4 solar paddles, each
1.7m long and 0.7m wide. These can generate a maximum power of 500 watts. A
schematic view of Ginga is given in Figure 11. The z—axis is defined to be the axis
of rotational symmetry of the satellite.

Unlike EXOSAT, it was launched into a low earth orbit, with a perigee of
505.5 km, apogee of 673.5 km, inclination of 31.1°, and orbital period of 96.5
minutes. This period means that the satéllite makes 15 orbits per day. During.
five of these, it is in contact with the ground station at KSC, at which time it
dumps its memory from the 40 — Mbit bubble memory data recorder, and receives
new observing instructions.

The attitude of Ginga is controlled by a momentum wheel and 3 magnetic
t;)rq_uers. There are three attitude modes available: maneuvering of the z-axis
(maximum rate 5° hour~1), slewing about the z-axis (maximum rate 14° min=1),

and pointing (stability 0.1°day~!; however, see Chapter 7). The attitude was
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All Sky Monitor

Gamma-ray Burst Detector

Star Sensor

Large Area Counters

Figure 11. Schematic view of the Ginga satellite. The three main instruments,
the Large Area Counter (LAC), All Sky Monitor (ASM), and Gamma-ray Burst
Detector (GBD) as well as one of the two STar Trackers (STT) are shown. Taken
with permission from Makino et al. 1987.
measured by geomagnetic aspectmeters, sun sensors, gyroscopes, and also by two
star trackers with CCD detectors which can measure to position of a star of greater
than 6th magnitude to an accuracy of 0.5'.

There are three instruments on-board Ginga: the Large Area (proportional)
Counter (LAC), the All Sky X-ray Monitors (ASM), and the Gamma-ray Burst
Detectors (GBD). Only the LAC was used for this study, so only it will be described

(see next section).
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As the LAC was the main instrument on-board Ginga, the principle objectives
of the mission were to study the time variability of a wide variety of Galactic and
extra-Galactic X-ray sources and to make spectral surveys in the medium energy
band of faint sources. The pointing direction between the LAC field of view
and tfle sun is constrained to be between 50° and 130° by power requirements,
and pointing direction between the LAC and the sun must be > 90° by solar
contamination requirements.

Contact with Ginga was lost October 30, 1991. The reason for its demise was
that the orbit was decaying due to increased solar activity. In December 1990,
despite the loss of two of the eight proportional counters and the loss of one star
tracker, Ginga was still functional and very much involved in doing good science.
An added benefit of its long life is that during the last period, many simultaneous
observations with the ROSAT satellite, which observes a much softer energy band,

were being performed.

The Large Area Counter

Design Characteristics. The LAC was built as a collaboration between the In-

stitute of Space and Astronautical Science, Japan, and the University of Leicester
and Rutherford-Appleton Laboratory, U.K. (Turner et al. 1989). It consists of
eight proportional counters with a total effective area of 4000 crnz._ The counters
are filled with a mixture of 75% argon, 20% xenon, and 5% CO2. The enirance
window was made of a 62um thick beryllium layer. As with EXOSAT, the thick-
ness of this layer determines the lowest photon energy which can be measured.
The counters are arranged in two layers. The TOP layer is sensitive to X-rays in
the energy range of 1.5-37 keV, while the MID layer, being twice as thick as the

TOP layer, can detect X-rays in the range ~ 5-37 keV. The detection efficiency
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as a function of energy is shown in Figure 12 for the total and for the TOP and
MID layers separately. This illustration shows that t.he MID layer is designed to
detect more energetic photons, and the detection efficiency for the MID layer is
larger than that for the TOP layer for energies greater than ~ 12 keV. Because of
the collimator provided, the counter field of view is approximately elliptical, with
dimensions 1.1° x 2.0°, and the long axis is in line with the satellite z-axis.

The energy range from 0 to 37 keV is divided into 64 energy channels, and the
upper 32 are combined into pairs. The data compression mode chosen depends on
the type of source observed, but in general for weak sources like AGN, the MPC-1
mode is chosen. In this mode, the data are stored separately for the TOP and
MID layers and for each of the eiéht detectors, resulting in 16 spectra. This mode
_ provides the greatest spectral resolution. The low bit rate (16 s) is generally chosen
for the storage of the data with the MPC-1 mode. This is because faint objects
are usually observed during the non-contact (remote) orbits, and if a high bii': rate
were chosen, the memory would be filled long before the contact orbits. The low
bit rate provides rather poor time resolution, although adequate for faint sources.
In contrast, the PC-L mode with High time resolution has a bit rate of 0.98 ms. No
energy information is retained, because this mode by-passes the analog to digital
convefter in order to provide the best time resolution. This mode is generally used

for bright variable Galactic sources observed during contact orbits.

Calibration. Part of the calibration of the LAC was carried out on the ground,
‘but the LAC was also calib-ra,ted in orbit during the performance verification (PV)
phase, by measuring the well known spectrum of the Crab Nebula. Most of the
calibration measurements agreed with that expected from the design; however,

there was one discrepancy. The low energy absorption cut-off of the Crab Nebula,
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TOP ¢ MID
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Energy Resolu licxtT

> 10
Energy (keV)

Figure 12. The efficiency of detection as a function of energy of the LAC. The
TOP, the MID and the sum are shown separatedly. The dashed line shows the
measured energy resolution. Taken with permission from Makino et al. 1987.
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was found to be larger than found from previous measurements. This fact was
‘subsequently taken into account by assuming a thicker beryllium window in the
response matrix.

Another important aspect of the response was the effect of satellite aspect
with respect to the source. Recall that the field of view of the LAC is ~ 1° x 2°.
If the source is off-center in the direction of the slew (X-Y) plane, there can be
soft X-ray reflection from the collimator. This can amount to a few percent in the
spectrum below 6 keV. It is estimated that no bright source should be within 3°
of the target in the slew plane in order to totally avoid this effect. Also, spectral
fitting programs available can correct for the deviation in aspect for sources less
than 0.5° from the center of the field of view in the slew plane direction. For

greater angles, the spectral fitting correction was not reliable.

X-Ray Background. Unlike EXOSAT, Ginga provides no simultaneous back-

ground monitor. Also, because of the large detector area, for {faint sources system-
atic background errors dominate the uncertainty. Therefore, the background must
be carefully studied and modeled so that reliable background subtraction can be
made. The background contribution to the signal over the whole energy range
may be 70 countss™!, while the source contribution may be 5-30 countss™!, for
AGN.

There are two sources of background (Hayashida et al. 1989). When the LAC
is pointed at the dark earth there is a residual count rate of ~ 50 countss—!. This
is known as the internal background and the magnitude may vary by a factor of 2
in one day. Note that, as in EXOSAT, sophisticated anti-coincidence ‘background |
fejection techniques are used; otlherwise, the internal background would be ~ 20

times higher.




102

There are three sources to the internal background: cosmic rays, geomagnet-
ically trapped particles, a;nd radioactivation of the satellite.

The cosmic rays create background by Compton interactions of gamma rays
which they produce in the material of the satellite. The density of ;:osmic rays
depends on the magnitude of the local magnetic ﬁeld, because a cosmic ray requires
more energy to penetrate a larger magnetic field. The energy necessary, called
the cut-off rigidity (COR), is one of several housekeeping parameters which are
monitored, and only data with COR greater than 9 GeV/c are selected.

The earth’s magnétic field also traps particles. These may have energies from
several hundred keV to several hundred MeV. The high energy particles act like
cosmic rays, while the low energy particles cause flares. Restrictive data selection
can partially reméve the effects of these contributions to the background. Ginga
passes through the South Atlantic Anomaly (SAA) during. several of its orbits per
day. The SAA is a region of high particle background because in that region the
geomagnetic field is weak. Therefore, the radiation belt is hanging down. For
weak sources the data obtained near SAA passage are not selected.

During the SAA passage the high voltage on the proportional counters is
turned off, but the effect of the SAA passage is felt even after the satellite emerges.
This is because the high energy protons in the SAA cause radioactive isotopes to
be created in the material of the space craft. It has not been possible to identify
the isotopes involved (Hayashida et al. 1989). These decay after SAA emergence,
and can cause spurious signals due to Compton interaction of the .nuclea,r gamma
rays. This is known as the radioactivation component of the internal background.
The half lives of the isotopes have been found to be 5 minutes, 41 minutes and 8
hours. The most persistent and annoying contributions to the spectra are variable

spectral features at about 3 and 5 keV due to the decay. The contribution of these
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componénts to the internal background depends on the altitude of the satellite
du;ing its SAA passage, and also the amount of time it spends in the SAA. The
magnitude of the contributions varies with a 437 day period, due to the small
eccentricity of the orbit. | |

There is also a contribution to the background by the diffuse X-ray back-
ground. This adds about 18 countss~!. The diffuse X-ray background is constant
in time, but varies by location. In order to shield the detector from the diffuse
X-ray background not in the LAC ﬁeld of view, the sa.telhte was covered with a

layer of 0.2 mm thick tin.

Data Analysis

_General

The data analysis of the Ginga observations by Leighly was carried out at
Nagoya University and also at Montana State University. The background sub-
traction was done at Na,goy'a University. The spectral fitting was necessarily done
at Nagoya University, due to the size of the detector response matrix (700 x 700).
However, much of the timing analysis was completed at Montana State University.

Data Selection and Background
dubtraction

As stated earlier, the main contribution to the uncertainty for faint sources
are the systematic background subtraction errors. Therefore, the data selection
and 1t.)a.ckground subtraction are performed very carefully.

First of all, faint sources are observed only in remote orbits, when the as-
cending node is between 180° and 320°. During these orbits the satellite does not
pass through the SAA. Next the data from these orbits are chosen by examining

the values of several housekeeping parameters. As explained earlier, data are only
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accepted when the cut-off rigidity is greater than 9 ‘GeV/c. The data are also
chosen so that the earth elevation angle, or the angle between the LAC and the

bright limb of the earth, is larger than 6°. This is because 'otfherwise reflected solar

X-rays could enter the LAC. Finally, the value of thé another parameter called the

* Surplus over Upper Discriminator (SUD) is examined. The SUD counting rate
is a housekeeping parameter recording the count rate of X-ray-like events whose
energy exceeds an upper discriminator. The upper discriminator was chosen to
be 24 keV. However, the LAC det'ection efliciency for real events is not 0 at 24
keV, so somé source counts ére contained in the SUD. Therefore a variation of

the SUD, called the SSUD, is calculated, which is the SUD with the LAC counts

above 24 keV subtracted. Therefore, the SSUD monitors the rate of events with

energy above 37 keV. These can not be génuine X-rays originating from the tar-
get, because the detection'efﬁciency at those energies is esé;eni:ially 0. Therefore,
the SSUD monitors the number of internal baékgroﬁnd events. If this value is
high, the data are rejected, because they could be contaminated by flares. The
SSUD is a particularly useful parameter because it scales linearly with the internal
background level from 1;18 keV (Awaki 1991). ‘

After having employed this strict data se_lection, the background is subtracted.
In the ana,lysis. of the faint sources, the best way to model the ba.ckground is a
hotly debated issue, and subsequently, several ways to model it have been devised.
However, only the methods; will be discussed here which were subsequently used
in the analysis presented.- However, note that there were some problems in the
. background subtraction for one object, discussed in Chapter 7.

For many observations, the background is measured by monitoring a ﬁel’d
of blank sky for one day adjacent to the observation. Through this the internal

and diffuse background spectra are recorded. For those observations for which a
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background observation is available, a simple SSUD scaled background subtraction
is usually used. In this method, the background observation is sorted by SSUD
level and several background spectra are made. These are then subtractea from
the source sp‘ectr'a, which have the same SSUD levels. Since SSUD is linearly
related to the internal background level, and because the internal background
decreases because of radioactive decay after SAA passage, this metho& provides
some time dependence. The major problem with this method is that the number
of background spectra that can be made is small; one needs at least 300 seconds
of background data to produce an acceptable spectrum. Therefore, the rapidly
varying spectral features at 3 and 5 kéV can not always be adequately subtracted.
For further discussion of this aspect, see Chapter 7. This method of background
sﬁbfraction was used.for the observation of NGC 7469 (discussed in Chapter 7)
and the second observation of NGC 6814 (discussed in Chapter 8). |

For the first observa.ti,on of NGC 6814, no adjacent background was available,
so another background subtraction method was used. This method is known as
~ the Nagoya method of background subtraction, and was developed by H. Awaki
at Nagoya University (Awaki 1991). ‘ A

The Nagoya method of backgrouﬁd subtraction estimates the internal and
cosmic diffuse components separately. The internal background spectrum was
estimated by exanﬁniné large amounts of data obtained while the satellite was
p_ointed at the da,rk' earth. Because of the extremely time dependent contribution
to the internal background from SAA passage, three internal background spectra
were compiled, grouped according to the ascending node of the satellite. Then
careful correlations were made to find housekeeping parameters which would help

describe the background state. One such parameter, SSUD, was found to be well

correlated with the internal background, as described before. Several otliers were
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found, but the other one most useful for faint sources observed 1n .the MPC-1
mode was the LMID. The LMID is the count rate in the MID lé,yer. of the LAC
in the energy range 1.11-4.50 keV. In this energy range, the MID layer detection
efficiency is less than 5% (see Figure 12), and for faint sources, the LMID co'unt.
rate is below the source confusion limit. Therefore, LMID counts are due to

‘background. Then the internal background was modeled by:
IBG=A+4+BxSSUD+C xLMID. (6.1)

Next, the cosmic diffuse X-ray background spectrum was found by examining 50
high Galactic blank sky fields. The internal background was subtracted from each
and the mean spectrum was determined. To use these spectra for subtraction,
if adjacent background observation is available, the average cosmic diffuse X-fay
background was scaled to that of the adjacent field. If no such observation was
available, as was the case for the April observation of NGC 6814, then the mean -

spectrum was subtracted.

Spectral Fitting

The spectral fitting was in gengral carried out as with the EXOSAT spectra, as .
described in Chapter 3. One difference is that the energy range in general extended
to ~ 20 keV, and in general the absorption columns were more poorly determined,
due to the limited low energy extent of the Ginga band pass. When the‘power law
with line and absorption model was fit (Equation 4.1), only thev TOP layer data
were Vused, because the signal to noise ratio in the 2-10 keV range, where these
parameters are prirﬁarily determined, is larger for just the top layer, compared
with the TOP + MID data. For more complicated models involving the 10-20
keV range (see Chapter 2), the TOP + MID data ';»vere used. This is because the

detection efﬁcien-cy of the TOP layer is equal to that of the MID layer at ~ 12 keV.
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Time Series Analysis

In contrast with‘the spectral analysis, the timing analysis was carried out
on the sum of the data from the TOP and MID layers. The timing analysis for
NGC 7469 was carried out completely at Montana State University, and all of the
programs were written by K. Leighly. These programs were very simple, including
linear fits and similar simple programs. For the NGC 6814 timing analysis, some
of the timing analysis was carried out 'at Nagoya University, and it was continued
at Montana State University. Much of the software for this was written by C.

Done, and modified by K. Leighly as necessary.

Because of the low earth orbit of Ginga, the data typica,lly have many gaps, .

at least one per orbit, and the data stream is typically shorter than the gaps.

Because of this, standard methods of timing analysis, including autocorrelation

and power spectral analysis, cannot be used on Ginga data. New methods have
recently been developed, and because they are somewhat different from standard
methods, a short review is provided here.

Standard time series -analysis for continuous funcfions is based on the calcu-
lation of the autocorrelation function (and related cross correlation function) and

the power sp'ectral density (Press .et al. 1986). The correlation of two functions is
defined to be ‘
: . .
Corr(g,h) = / (7 + t)h(7)dr (6.2)

— 00

(Equatién 12.0.10; Press et al. 1968), where g and A are continuous time series.
As stated, this function finds the cross correlation of the functions g and h. If
g equals A, then the autocorrelation is found. The resulting dei)endence is on t,
and thus ¢ is the lag. If there is a periodic component in the data, then when ¢

equals the period, the value of the autocorrelation will be large. An analogous
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situation is true for the cross correlation function. The autocorrelation and cross
correlation are the major types of analysis performed in the time domain.
An analogous test for periodicity may be made in the frequency domain. In

this case, a convenient function to calculate is the power spectfal density, defined

to be
Po(f)=HHP +IH-HP 0<f<oo (6.3)

(Equa,tior; 12.0.14 from Press et al. 1986), where H(f) is the Fourier transform
of h(t). As is true for the autocorrelation, if there is a periodic component of
frequency f in the function, then the value of the power spectrum will be large at
that frequency. If the total pov‘ver is defined by
. o :
TotalPower = [ |n(t)2dt= [ |H(f)df (6.4)
—oo —o0
(Equation 12.0.13 from Press et al. 1986), then the power and the autocorrelation
form a Fourier transform pair.

In general, time series data are ﬁot continuous. There is always a characteris-
tic sampling time. Therefore, the functions defined above cannot be uséd as théy
are. Discrete forms must be used. For the correlation functions the discrete form
1s: |

. Uaab

" (Equation 2, Edelson and Krolik 1988) where E{f} is the expectation value, a

and b are the evenly sampled time series, @ and b are the means, and o4 and oy,

are the standard deviations.

However, this form cannot be used either, because in astronomical data often
the sampling times are not‘evenly .spaced. This is known as data windo.wz'ng.
For Ginga, breaks in the time series result from Earth occultations of the source

and from the data selection criteria. For the analysis in the time domain, there
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have been several different solutions to the problem of uneven spacing proposed.
One has been to interpolate between the points that are available (e.g., Gaskell
and Sparke 1986). This approach Would‘not work at all with Ginga data, if the
source is rapidly variable, because the gaps between the data are so long. Another
technique, which wa;s used here, was developed by Edelson and Krolik 1988. Their

method involves calculating first the unbinned discrete correlation:

(a; —a)(b; — b)
UDCF;; = (6.6)
T V-t - -

(Equation 3 from Edelson and Krolik 1988) where a; and b; are the data pairs. The

standard deviation of the data ,U,.is modified by the subtraction of the average

measurement error associated with the data, e. This is required to maintain the

normalization of the correlation function. From the unbinned correlations, the .

discrete correlation function is made. This is defined to be

1 .

DOF(r) = 37 >_ UDCF; (6.7)
(Equation 4 from Edelson and Krolik 1988) where the sum is. performed for all M
pairs for which 7 — A7/2 < At;; < 7 + A7/2. The uncertainty on the discrete

correlation function is defined by Vo

oper(r) = {5 [UDCF; - DCFPY (68).

(Equation 5 from Edelson and Krolik 1988) where the sum is over appropriate
pairs és in Equation 6.7. This equation'is what would be expécted if the points
were uncorrelated. However, for AGN, because the variability is us“ual]j;r charac-
terized by 1/f noise, the points are correlated, but the length of the correlation is
unknown. Therefore, the error bars calculated using Equation 6.8 are in general

too small, and the error is underestimated.
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In the frequency domain, if the data are evenly sampled, the discrete Fourier
transform must be used, defined as follows

N-1 ,
Hp= Y, hye?™n/N . (6.9)
k=0

(Equation 12.1.7 from Press et al. 1986), and the discrete power spectral den-
sity calculated from this is called the periodogram. The periodogram is subject
to several uncertainties, including what is known as aliasing. Aliasing is a result

of having a finite length data stream, and results in power from high frequen-

cies be moved to low freqﬁencies. For unevenly sampled data, the periodogram -

is calculated by a somewhat different equation, as follows (Press arid Teukolsky

1988).

1 ( [ZJ (h; — R) cos w(t; — 7')]2

202 Zj coszw(tj —T)

_|; [ZJ (hj — 71.) sin w(tj — T>]2)

PN((U) =

6.10)
2 sin? w(t; —7) (6.10)
where 7 is deﬁnéd by
. al 2 . ’
tan(2wr) = Zj sin 2wrj (6.11)

‘ 225 cos 2wT;
(Equations 4 and 5 from Press and Teukolsky 1988). The reason this is chosen is
because, for evenly sampled data., the statistical distribution of the periodogram
turns out to be exponential,-assuming that the signal is Gaussian. This formula
retains this broperty with unevenly sampled data, and this result is shown in
Scargle 1982. Scargle (1982) also explains that the effect of aliasing is reduced by
uneven sampling, but Press and Teukolsky (1988) point out that when large gaps
in the data occur, such as is exberienced in Ginga data, much of the power will
show up at low frequencies. Note that the errors in the periodogram are calculated
by propagation of Ierrors through the formula, and are underestimated in the same

way that the correlation errors are.
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The autocorrelation function and periodogram calculated by these methods
show many spurious peaks due to the Window, a.nd due to aliasing, in the case of
the periodogram. It is perhaps impossible, a priori, to evaluate which ones are
real and which are a result of the data sampling. Therefore, to address this issue,
the standard method employed (Edelson and Krolik 1988; Done et al. 1990) is
to make simulated data; run it through the programs, and compare the results
with the results from the actual data. Because the most frequently observed
type of AGN variability is red noise, the simulated data are made to have a 1/ f
power distribution. So far this is only used to qualitatively compare with the
observed results; however, it is necessary to expand this treatment to estimate
a probability of accidental occurrence (Mittaz and Branduardi-Raymont 1989).

This is a difficult task if data windowing is a factor.




112

CHAPTER.7
THE GINGA OBSERVATION OF NGC 7469

Simultaneous Observations of Seyfert Galaxies

The problem of temporal and spectral variability of X-rays is important in
constraining models of AGN. To this end, S. Tsuruta has developed a campaign to
observe carefully selected Seyfert 1 galaxies in several wave bands simul@aneously.
Already this campaign has produced one very importaﬁt r‘es,ult‘ from the simulta-
neous observa£ion of NGC 4051 (Done et al. 1990b). In this .Observation it was
found that the X-ray flux varied by a factor of 2 with a time scale of tens of min-
utes, while the optical continuum flux varied less than 1%. This is an impbrtant
" result because it implies that the same electron population cannot be producing
both bands of emission, and furt'her, the optical must be produced from a region
6-10 times larger than that producing the X-rays.

Two other Seyfert 1 galaxies were observed by Ginga in this simultaneous ob-

servation effort. They were NGC 7469, and NGC 6814. The author’s contribution

was to perform the X-ray data analysis of the single observation of NGC 7469, and
two observations of NGC 6814. This chapter discusses results from the Ginga ob-

servation of NGC 7469, while the results from the Ginga observations of NGC 6814

are discussed in Chapter 8.

I 1 7 —’

b
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Results From Previous Observations

NGC 7469 is a moderate luminosity Seyfert 1 galaxy. The 2-10 keV luminosity
is 2.8 x 1043 ergs~!. Broadened optical nuclear emission lines were reported by
Seyfert (1943). X-ray emission was identified from this source using UHURU
(Forman et al. 1981). Previous observations of this source have found rapid, large
amplitude flux variability. An early X-ray observation by Ariel V reported by
Marshall, Warwick and Pounds (1981) found a remarkable flare lasting about 2
days, in which the flux increased by a factor of six. Subsequent observations also
showed evidence for substantial variability. Barr (1986) reported the results of
four EXOSAT observations within a period of 10 days. Both the LE and the ME
flux rates varied significantly within the 10 day period. Rapid variability was also
" found during one of the observations, in which the ME flux decreased by a factor
of 2 in 5-6 hours. There was also evidence for day to day variation of the spectral
index for the ME data only.

The spectra of NGC 7469 have shown evidence of interesting components, as
described in Chapter 2. Specifically, a soft excess component, line emission and a
hard tail have been found. .

The EXOSAT data analyzed \by Barr (1986) revealed that spectral fitting
to the.ME plus LE data found a column density below that of the Galaxy in
the direction of NGC 7469, implying a soft excess spectral component. Spectral
fitting from the Imaging Proportional Counter (IPC) on-board Einstein found a
soft spectrum,'with an energy index of 1.85 in the 0.2-4.0 keV region (Kruper,
Urry and Canizares 1990). The soft excess component was also found in the IPC
+ Monitor Proportional Counter (MPC) fits by Urry et al. (1989). The suggestion

of the soft excess was found in the Solid State Spectrometer (0.4-4.5 keV) data
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when considered alone (Petre et al. 1984). Subsequent fits to the SSS + MPC

data, performed by Turner et al. ( 1991), including better modeling for the ice on
the SSS, show a soft excess component necessary, although the forrﬁ of the soft
excess cannot be identified.

NGC 7469 was also observed with Ginga in'July 1988 (Piro, Yamauchi and
Matsuoka 1990). The source was found to be in a bright state; the 2-10 keV flux

25—1, The simple power law plus absorption fit could not

was 4.0 x 10711 ergscm
describe the time averaged spectrum (X%Z = 8.3). Residuals were found, including
excesses at the iron emission line, at low energies, and at high energies. The best fit
found was either a partial covering or a reflection model, plus an iron emission line.
" The fitting could not distinguish between the partial covering and the reflection
model; however, the presence of a ha;rd energy tail was undeniable. The iron line

equivalent width was moderétely large, being 150 +35eV, and there was marginal

evidence for broadening, although a narrow line could not be rejected. Evidence

for an iron line was found in the EXOSAT Spectral Survey sample, at the 97.5%

confidence level (see Chapter 4).

Because of the previous history of medium to rapid time scale variability
and the presence of interesting spectral éomponents, this object was chosen as an
interesting candidate for the simultaneous observation campaign. We had every
reason to expect that temporal and possibly spectral yariability might be observed.
Therefore, this source was observed November 22-24, 1989, as part of Tsuruta’s

simultaneous campaign.
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Results

The Ginga Observation

NGC 7469 was observed'by Ginga for two days, November 23-24 1989, and

the data from the remote orbits from two days were available for analysis. A’

background observation was made on November 22, 1989. The details of the
observation and data selection are givenxi-n Table 6.

During this observation, the satellite was plagued with pointing problems.
Apparently one of the stabilizing gyros failed during the observation before this
one. Although l'at‘er the aspect of the satellite could be more or less controlled,
even th'ouv‘gh the drift rate can be ﬁp to 2° hr—1, at the time of this observation the
method of correction had not yet been devised. In the third column of the table
the transmission coefficient for each continuous data group is listed. In general,
th_e satellite would start out each day with the transmission coeflicient fairly high,
and the aspect Would subsequently dete'rior'ate.

Because of the smaller signal-to-noise ratio of regions where the transmission
coefficient was low, the resulting amount of useful d‘a'ta is not large. This fact
is reflected by the eﬁéctive time, which is the real time multipled by the average
transmission coéfﬁcient. The total effective time for the two days of observation
was 11264 seconds. All of these data were used for the time series analysis. How-
ever, only data with transmission coefficient larger than ‘0..6 were used for final
spectral fitting, and the total effective time for this subgroup is 7374 éeconds.

The backgrouna subtraction rn-ethod used was the SSUD sorted method, dis-
cussed in Chapter 6.

The flux of the source was low. Before aspect correction the source count rate

was about 5 count s~1. This is about 0.5 mCrab, and the Ginga 30 source confusion
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Table 6. Observing log from the Ginga observatlon of NGC 7469. Data selection

criteria were SSUD < 6500, COR < 9 and the earth elevation angle (EELV) > 6.

Included in this table are the subframes therefore chosen using these data selection

I )

criteria. Also shown are the corresponding satellite ascending nodes, and for the -

source observation, the transmission coeflicient of the data.

Subframes Ascending Node Transmission Coefficient

Background. Resulted in 7575 seconds (live time):

139 - 146 (1,2 307 — 304
149 - 154 (1,2 302 - 300
176 — 186 (1,2 287 — 282
195 -~ 198 (1,2 277 - 275
221 — 228 (1,2 263 — 259
- 241 - 243 (1,2 252 ~ 251
266 - 273 (1 238 - 235
286 — 288 227 - 226.
311 - 319 214 - 209
Source observation, first day. Resulted in 5455 seconds (effective time):
68 - 71 320 - 319 0.78
97 ~ 107 (* - 304 - 299 0.75
111 - 113 (* 297 - 296
156 — 162 (* 282 — 279 0.72
175 — 178 (* 272.- 270
200 - 208 " (* 257 — 254 0.66
220 - 223 (* 247 - 246
246 — 253 233 - 229 0.58
266 222 0.52
308 - 317 209 - 204 0.50
349 - 357 184 — 180: 0.43
Source observation, second day. Resulted in 5809 seconds (effective time):
118 - 125 320 - 319 0.77
127 - 136 . 319 - 314 '
162 — 172 (* 300 — 294 0.72
176 — 181 (* 292 - 289
202 - 210 (* 278 - 274 0.64
222 — 226 (* 267 - 265
247 - 255 253 - 249 0.56
268 — 270 242 - 241
338 — 346 229 - 224 0.46
358 — 361 218 - 216 0.42.
383 — 391 204 - 200 0.38
404 - 406 192 - 191 0.34

(1, 2) Background data which should be used for (1) first day or (2) second day
background subtraction.

(*) Preferred data selection.
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limit is 0.2 m;Crab (Ha.yalshida 1989). This fact made the results very sensitive
to the systematic errors in the background subtraction. The ﬁna,i background
subtraction was not completely éatisfactory; this point will be discussed further

later in this chapter.

Time Series Analysis

Much of the time series analysis was performed in Montana, because'of a
problem with the analysis software in Nagoya. Partially because of the pointing
problem, there was also some uncertainty in the attitude determination for part
of the.observation. Therefore a systematic error of 0.037 in the. transmission
coefficient was included in the early part of the first day. Since the transmission
coefficient was fairly large for those data, affected (0.78-0.75), the correction made
only a small decrease in signal to noise. For the 1.2-20.9 keV flux, the decrease was
~ less than ~ 10% for data not binned in time. Subsequently, the timing analysis waé
continued in Montana, using the background subt‘racted time series data brought
from Japan. . .4

The aspect corrected light curves in the energy range of 1.2-20.9 keV for the
two days of observation are shown in Figure 13. The data are shown for the two
days separately. There is a ~ 13 hour gap between the data from the first day
and the second day. During this time the contact ;)rbits and the SAA passage
occur, as discussed in Chapter 6. Although the detector was pointed at the source
during this time, high and variable background prevents these data from being
used. Note also that the data are not continuous. This is due to £he data selection
as described in Chapter 6. The gaps are due to Earth occultation of the source,
contamination by the bright limb of the Earth, or high SSUD levels. Therefore,

each group of data corresponds roughly to one satellite orbit. Note that the error
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Light Curve
1.2- 20.9 keV
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Light Curve
1.2- 20.9 keV
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Figure 13. Light curve for NGC 7469 in the energy range 1.2-20.9 keV. The data
from the two days of observation are shown separately. The bin size is 512 seconds.
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bars are not all of the same length. This is because of the binning. Recall the
intrinsic tithe binning for the MPC-1 mode of operation is 16 seconds. However,
it is desirabl¢ to combine the data into large time bins to obtain 'ailar-ger signal
to noise ratio, and to examine long term variability. The bin‘ léngth chosen here
was 512 seconds. However, in some cases, 512 seconds of continuous d'a;t.a were not
availa;ble from each orbit, or there were gaps in the orbit due to high background:
In these cases, smaller amounts of data were combined for one data point, resulting
in a larger error bar. _ |

This shows the root of the problem in the sof"cware at Nagoya. The binning
program was written, for some reason, so that if the bin size was so large that there
were not enough continuous points to combine, instead of combining the smaller
number of points with a larger error bar, the program would repeat the last point.
This treatment is adequate if the variability time scale is on the order of a few times
the sampling time scale. However, NGC 7469 is known to be variable on a longer
time scale than one orbit, so a different treatment was necessary. Note that the

problem with the software did not apply when data were binned at the sampling

time scale. Therefore, this was done, and the data were taken to Montana, and a-

program was written to bin the data correctly.

Another influence to the error bar is the transmission coeflicient. Toward the
end of each day, note that the error bars become in geﬁeral larger. This is due to
. the fact that these data were characterizea by low transmission coefﬁciegts, and
since this is the aspect corrected light curve, the error b:a:s are correspondingly
larger.

Figure 13 shows that the source was mildly bu:t significantly variable during
these two days of observation. The source flux was variable during the first day;

the x? against the constant hypothesis was 34 for 10 d.o.f. It was also variable
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during the second day (x2 = 99.8 for 11 d.o.f.), but it also exhibited a trend,
decreasing by about one third, during the last ~ 5.5 hours of observation.

An important characteristic of variable data is the smallest time in which

a significant change occurs, where a significant change is defined as being a 30 -

change in flux. For Ginga data, this time scale is hard to estimate, if it is larger
than one satelli.te orbit. Then, if the flux varies significantly between orbits, the
upper limit to the time of significant change is the satellite period. This is the
case with NGC 7469, so the shortest significant changé is about 100 minutes. For
this observation there were four instances in which the flux was observed to vary
significantly between orbits. ' -

As stated earlier, there was a trend in the flux of the second day observation.
The decrease'be'gan at ~ 95,000 seconds and continued until the end of the ob-
servation at’~ 115,000 seconds. Fi.gulre 14 shows the light curve for the second

day with the superimposed straight line fit, Ext;ap’élating th:e straight line fit

indicates a halving time scale of 25,000 seconds. The decrease is fairly linear; the

linear correlation coefficient is 7 = —0.94. The probability of such correlation by

chance is less than 0.5%. The non-parametric Spearman rank correlation coeffi-
cient also shows a high degree of correlation, being Rg = —0.86. The straight line
fit is fairly good having a X%{ of 1.43 for 7 d.o.f. This is significant at the 90%
confidence level. Also, -the slope was found to be —2.38 4 0.28 x 10~ 5countss~2.
~ The determined lo error is nearly 9 times smaller than the best fit value. This is
another indication of the significance of this linear trend.

To investigate the possibility of spectral change during the observation, first
the data were plotted in three different energy bands: the soft band from 1.2 to
3.5 keV, the medium band from 3.5 to 8.7 keV, and the hard ‘band.8.7 to 20.9
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Light Curve
Second Day

O 1.2-20.9 keV

Count/sec

87.0 102.0 107.0
Seconds

Figure 14. Trend in total flux for NGC 7469. Shown is the light curve for the
second day. The dashed line shows the best fit straight line for the last 9 points,
comprising the approximate linear decrease. The time bin is the maximum possi-
ble, so that each group of continuous data points is binned together.
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keV. These energy ranges were chosen because separate variability in these sepa-
rate bands would indicate variability in different spectral components: variation
in soft band could indicate changes in the soft excess or absorption column, while
variation in 8.7-20.9 keV band could indicate changes in the hard tail component.
. Figure 15 shows these light curves for the first day of the observation, while Fig-
ure 16 shows these light curves for the second day of the observation. As expected
each energy band varies significantly separately at the 90% confidence level. For
the first day, the soft band shows a steady increase. A linear fit to this trend is
acceptable with the slope different from 0 by 40. However, the medium and hard
light curves do not show trends. The slope for the medium energy light curve is
not different from 0, although the linear fit is poor, and the best linear fit for the
hard light curve shows a negative slope. Much of the contribution to this nega--
tive slope is due to the sec;)nd and third points in this light curve. With these
points removed, the liéht curve is consistent with constant flux. Thus, the general
increase in the soft data, while the medium and hard do not exhibit such a trend,
seems to be an indication of spectral variability. There seems to be a softening of
the spectra during the first day of observation.

For the second day, significant decreases are found, especially for the last nine
points. For the soft and medium light curves, the linear fits for the last nine points
show slopes signiﬁcantiy different from 0 by 50 and nearly 7o, respectively. For
the hard flux, the slope was different from 0 by only 20, for the last 9 points. All
of the linear fits were good. This indicates that there may or may not be evidence
for spectral variability.

In order to investigate the question of spectral variability further, flux ratios
were made. The softness ratio, defined to be 1.2-3.5 keV/3.5-20.9 keV, and the
hardness ratio, defined to be 8.7-20.9 keV'/1.2—8.7 keV, are useful. This is because
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Light Curves
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Figure 15. Soft, medium and hard light curves for the first day of observation.
The bin size is the maximum.
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Light Curves
Second Day
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Figure 16. Soft, medium and hard light curves for the second day of observation.
The bin size is the maximum.
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the variation of the softness ratio can imply variation of the soft excess component
or the absorption column with respect to the power law index, while the hardness
ratio can find the variation of the hard tail with respect to the power law. Figure 17
shows the softness and hardness ratio light curves for the first day, and Figure 18
shows the corresponding light curves for the second day. The softness for the first
day varies significantly; the x2 against a constant hypothesis was 24.5 for 10 d.o.f.
The hardness for the first day varies marginally (x? = 17.9 for 10 d.o.f.) For the
second day, even though the flux decreased significantly, no significant variation
in either softness or hardness ratio was found. The variation in softness during
the first day can be described by a trend. Figure 17 shows superimposed on the
the softness ratio light curve the best fit straight line. The straight line fit is good
(XZ = 9.25 for 11 d.o.f.), and the slope is different than 0 by 3.9¢. The hardness for
the first day can also be deécribed by a trend with 3¢ significance; however, this
actually appears more like a step function. If the first three points are removed,
then the remaining 8 points are consistent with a constant ratio. The softness
and hardness ratios therefore seem to indicate that spectral variability is present
during the first day, but not during the second day.

The apparent trend describing the spectral variability during the first day
is that of a softening of the spectrum. At least part of this softening is due to
the increase found in the soft light curve. However, recall from Chapter 6 that
if the transmission coefficient is not one, and if the movement of the satellite is
in the slew plane, there can be contamination by soft X-ray reflecting from the
collimator. Table 6 shows that the transmission coefficient drops during the first
_day of observation. Although we cannot be sure that the motion is in the slew
plane, it is important to estimate the contribution of reflected soft X-rays. First,

the field was checked for other X-ray sources which could be contaminating the
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Figure 17. Softness and hardness ratios for the first day of observation. The bin
size is the maximum.
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Figure 18. Softness and hardness ratios for the second day of observation. The
bin size is the maximum.
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soft flux. However, in the IPC Pointing Catalog, NGC 7469 was the brightest
object in a cone with apex angle of 4°, sufficient to remove the possible éffect of
other contaminating sources (Hayashida et al. 1989).

Next the effect of self-reflection into the collimator was examined. To check
this effect, the contribution due to reflection was estimated and subtrac:ted from
the soft X-ray flux, and the line fit for the softﬂess ratio was again calculated.
The amount of reflected soft X-rays was estimated to be 0.04 (4%) times the soft
X-ray flux times (1 — trans.coef.) (Turner et al. 1989). Since the magnitude of
the uncertainties is largely determined By the magnitude of the background, the
size of these was left unchanged. This reduction in the soft X-ray flux caused the
significance of the line fit to change from 3.90, before reflection was taken into
_ account, .to 3.70, after reflection was taken into account. Therefore, the trend in
softness observed is still significant. |

The second day showed no variation or trend in either softness or hardness,
even when the estimated contribution from reflection to soft flux was taken into
account.

As will be discussed in the next section, the backgroﬁnd spectrum was ob-
served to soften with time. This could also be a source of systematic error in
the softness ratio. In order to estimate this effect, two spectra were made and
compared. The first spectrum consisted of the data with transmission coeflicient
greater than 0.6 which had had the background spectrum from the first half of
the background observation subtracted from it. The second spectrum consisted
of the same data but with the background spectrum from the second half of the
background observation subtracted from it. This approach was necessarily crude
because only the plotted spectra were available for examination. For the first two

energy channels, corresponding to PHA channels 2-5, the spectra were consistent.
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Thereforelthe effect using the average background on the softness ratio is probably
negligible, or at least could not be estimated using this crude method.
Therefore the significant results of the timing analysis were that the source
was found to be variable, with the decreasing trend being obserx'red during the
second part of the observation. Evidence for spectral variability was found, as a

trend in softness ratio during the first part of the observation.

Spectral Analysis

The spectral fitting was necessarily performed in Nagoya, and proceeded as

follows. The spectra were fit from PHA channels 2 to 28, corresponding to energy -

1.11 - ~ 20 keV. -

To examine the possibility of change of spectral index with respect to time,
the data were split into 15 spectra along the light curve. Table 7 summarizes the
spectral fitting results. Only results from simple power law plus absorption fits
(Equation 4.1) are given; this model was adequate at the 90% confidence level for
all but 3 fits. An emission line, with line energy fixed at 6.4 keV was statistically
not necessary, as determined by the F statistic (Equation 3.1) exéept in three

cases marked by an (*). Two of these spectra were also not fit adequately the 90%

confidence level. The number of degrees of freedom for each fit is different because

of different energy Binning. In general, all data were fit in the same energy band.

As mentioned in Chapter 6, the lowest absorption column which can be mea-

sured using Ginga is 102 cm™2. However, the Galactic column in the direction

‘of NGC 7469 is 5 x 1020 cm—2 (Barr 1986). Therefore during spectral fitting, the

column density was fixed at the Galactic value, if the fitting routine found a value

lower than 1021cm=2. However, when the absorption column was not fixed at the ‘

Galactic value, the spectral fit value found was consistent with the Galactic value,
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Table 7. Orbit spectral fitting results for NGC 7469. The model used was only a

simple power law (Equation 4.1), as a line was in general not required.

Subframes Time  Photont Fluxi x%/d.of
(s) Index (1.2-9.3 keV)

First Day:

68-71 403 1.43+£0.09 6.45 £ 0.30 1.17/17
97-103 627 1.38+0.12 7.59 4+ 0.27 0.99/18
104-107, 111-113 582 1.49+0.21 7.9240.28 1.01/17
156-162, 175-178* 996 1.48 £0.17 7.4240.21 1.57/17
200-208, 220-223 1066 1.56 +0.19 7.60 £ 0.22 0.90/17
246-253, 266 643 1.8240.14 7.49 +0.29 1.46/18
308-317 637 1.62+0.13 8.40 +0.31 1.25/17
349-357 489 1.74 £0.09 9.55 +0.39 1.07/15
Second Day:

118-125, 127-136 1139 1.4940.08 8.65 + 0.21 1.17/15
162-170 761 1.48+0.06  8.18£0.25 1.53/16
171-172, 176-181 680 1.51 +0.20 7.85 %+ 0.26 0.77/17
202-210, 222-226* 1117 1.59 £0.09 8.68 + 0.22 1.63/18
24'7-255, 268-270 822 1.5040.07 7.55+0.23 1.18/17
338-346, 358-361* 733 1.4740.15 6.94 £+ 0.31 1.06/16
383-391, 404-406 554 1.60 £ 0.04 5.90 £0.38 0.73/15

T Error in Photon Index are 90% confidence.

1 Error in Flux are one standard deviation.

* The addition of an emission line with eﬁergy 6.4 keV improves this fit significantly
(> 90% confidence, using the F statistic).

in all cases. Although, because of the low detection efficiency at low energies,
Ginga cannot distinguish the presence of a soft exﬁess component, unless it is very
strong, the fact that the data were adequately fit from 1.11 keV shows that there

'is no evidence for the soft excess previously found in this object (e.g., Barr 1987).

Ll
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A siéniﬁcant variation was found in the photon index during the first day (x2
against constant hypothesis beiﬂng 83 for 7 d.o.f.). This variation took the form
of a trend, the slope of the best fit straight line being 1.06 4 0.21 x 107651,
However, when only data were considered for which the transmission coeﬂ;lcient
was greater than 0.6, the data were consistent with a constant photon index (x? =
1.2/4d.o.f.). For the second day, the photon index again varied significantly (x% =
12.4/6d.0.f.), but no significant (greater than 3c) trend was observed, and again
for data with transmission coeflicient greater than 0.6, the photon indices were
consistent with a constant (x% = 3.0 for 3 d.o.f.). This trend in spectral index
may or may not be real, because a significant correlation between photon index and
transmission coefficient was also found (r = —0.67, significant at the 90% level).
Recall from Chapter 6 that in general, the spectral fitting program available at
Nagoya can account for the soft photon reflection from the collimator wall when
the transmission coefficient is greater than 0.5. Here, the last two spectra from
the first day have transmission coefficient smaller than 0.5. Therefore the spectral
fitting results for these cannot be considered‘rel‘iable. Although this correlation
might be accidental, until the correction for reflection of soft X-rays is verified,
the conservative view was taken, and only thé datﬁ with transmission coefficient
greater than 0.6 were used for subsequent spectral ﬁttiné.

1gnoring the possi‘ble spectral index trend, the data were split into four parts
along the light cﬁrve, of approximately equal integrated time (2609, 2846, 2581,
and 3228 seconds) and fit. The photon indices Weré consistent with a consfarl:t
(1.44 £0.04, 1.66 + 0304, 1.50 £ 0.04, 1.55 £ 0.05, with average 1.54 4 0.08).

Next in fhe spectral analysis the total spectrum from all data with trans-

mission coefficients greater than 0.6 was accumulated and fit. This spectrum was
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called FINAL6T. This combination of these data into one spectrum is justified be-
cause the photon indices for this group of data are consistent with a constant (x2 =
7.21/8d.0.f.). The 2-10 keV flux for this spectrum Wa.s 7.95+0.11 counts/sec. As-
suming Hy = 50kms~1Mpc~?! and 1 Cinga count= 2.0 x 107 12ergcm=2, the
luminosity from 2-10 keV was 1.77 £ 0.03 x 1043 ergs—!. )

The spectral fitting results for the final combined spectra are given in Table 8.
The best fit for a simple power law plus fixed absorption column and residuals is
shown in Figure 19. Note that here the .ra,w data and best fit model are shown.

This is in contrast with the EXOSAT spectral fits shown in Chapter 4, which show

the model deconvolved from the detector response. The simple power law fit is not

satisfactory, having a reduced x? of 1.64 for 17 d.o.f. The residuals show an excess

at around 7 keV, attributable to an iron line, with some hint of a tail toward the
high energies. A large contribution to the x2 is from a point at ~ 4 keV.

The residual at ~ 7 keV prompted the addition of a narrow Gaussian emission
line to the power law fit, shown in Figure 20. This provided a reduction in the
reduced x2 to 1.31 for 15 d.o.f., and the reduction is found to be significant, using
the F test (Equation 3.1), at greater than 99% confidence. Note that the power
law fit shown in Figure 19 found the residual at nearly 7 keV, but the spectral fit
found the line energy consistent with 6.4 keV. The %2 plot as a function of line
energy was examined a;nd was found to be ﬁearly symmetric, so the line energy
is consistent with the emission being from neutral or lowly ionized iron. The lige
equivalent width was found t§ be 2504140 €V, which is fairly large, but consistent
with the average equivalent width fora Seyfert 1 (Awaki 1991). Examination of the
low energy residuals shows no evidence for the tail of the soft excess previously
observed in this object (e.g.; Barr 1986). However, because Ginga has limited

response in soft X-rays, the existence of a soft excess component can neither be
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Table 8. Spectral fitting results for the final combined spectra. In all cases, the

Ng column was fixed at the Galactic value of 5 x 102%cm—2.
Spectrum* Model Photon Line Energy  Equivalent X121 /d.o.f
Index (keV) Width(eV)
FINAL6T Power law  1.49 4 0.05 - - 1.64/17
Power law 1.534+0.06 6.41 +0.26 250 + 140 1.31/15
plus line
FNLP6T Power law 1.54 +£0.06 - - 0.91/17
Power law 1.57 £0.06 6.4(f) 210 £ 160 0.69/16
plus line
FNLQ6T Power law  1.36 £0.09 - - 2.17/17
Power law Rejected Model
plus line

. %+ FINAL6T = Data with T > 0.6— all background data.
FNLP6T = Data with T > 0.6— first half of background data.
FNLQ6T = Data with T > 0.6— second half of background data.

(f) Line energy fixed at value given.

confirmed nor ruled out. Examination of the high energy residuals showed some
(weak) indication of a hard tail.

The spectral fit including the Gaussian emission line was still not completely
satisfactory having a reduced x? of 1.31 for 15 d.o.f. This reduced x? shows that
" there is a 25% probability that such a large x2? could have been obtained from
the correct fitting function. The major contribution to the x? is the residual at
~ 4 keV. This provides a contribution to the x2 of ~ 5 and to the reduced x? of
~ 0.35. Neglecting this point causes a reduction of the reauced X%{ to ~ 1.04/14
d.o.f., a good fit.

What might be the cause of this anomalous point? The cause of this was

traced to the background spectrum used. Even though the SSUD sorted back-
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Figure 19. Power law fit to FINALG6T. Included are all data having a transmission
coefficient larger than 0.6. Fit residuals are shown at the bottom of the plot, while
best fit parameters may be found in Table 8.
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Figure 20. Power law plus line fit to FINALG6T. Included are all data having a
transmission coefficient larger than 0.6. Fit residuals are shown at the bottom of
the plot, while best fit parameters may be found in Table 8.
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ground subtraction method is designed to account for some time dependent spec-
 tral changes in ﬁhe background spectrum, it can not, in general, aaequately model
the line emission at 3 and 5 keV from the radioactive origin to the internal X-ray
background, discussed in Chapter 6. If the ba,;:kgrbund spectrum is examined as a
function of\time during the observation, it is observed to decrease and soften due
to the decay of the radioactive elements in the body of the satellite.

To examine this point further, two background spectra were made. One was
selected from data having as.cending node of the satellite in the range from 259-
307, called the first half background, and the other was ‘selected_ from data having
ascending node in the ‘ra,nge from 209-252, called the second half background.
These were both subtracted, By the ';.ame method as béfore, fro'm the data with
transmission coefficient greater tha.n 0.6. The res,ﬁlting aspect corrected .‘s_pectrum
which had the first half background subtracted was cailéd FNLP6T, and this
spectrum is shown in Figure 21. The corresponding spectrum which had the second
half background subtracted was called FNLQ6T, and this spectrum is shown in

F-igu‘re 22. The 4 keV residual is clearly seen in FNLQG6T, while not evident in

Ll il ol L L

FNLP6T. Results of spectral fitting for these two spectra are given in Table 8. It is

important to notice that, for the simple power law fits, the spectral indices are not
consistent with each other, although they are consistent with the simple power
law photon index for the data with all the-background subtracted (FINALSGT),
as expected. These spectra are fit also with power law plus line models; the
results are that, for FNLP6T, the line energy was required to be fixed, while for
FNLQG6T, the fit would not admit a liqe. Note that thi'sA is probably not because
there is really no line emission. Rather, since the amount of data used to find each
background spectrum is reduced, the uncertainties in the background spectrum

are enhanced, and so the source spectrum uncertainties are also enhanced when
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Figure 21. Spectrum FNLP6T. This spectrum consists of data having transmis-
sion coefficient larger than 0.6, and having the first half background spectrum
subtracted.
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Figure 22. Spectrum FNLQG6T. This spectrum consists of data having transmis-
siot? coeff(;cient larger than 0.6, and having the second half background spectrum
subtracted.
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background subtraction takes place. These larger uncertainties lead to a spectrum
which requires fewer parameters for an adequate fit. The discrepancy between
these spectra shows that the 4 keV residual is due to time dependence of the
background spectrum. 'What is the cause of this difference? The reason is that
there is a subtlety .in the SSUD background subtraction methoa for faint sources.

It is known that the internal background varies as a function of ascending
no'de of the satellite, becausé the ascending node is an indication of how long it has
been since the satellite left the SAA. After emergence from the SAA, the internal
background decrease‘s due to the' decay of radioactivé isotopes activated by passa.ge
through the SAA. This effect is partially compensated for by using the SSUD
sorted background subtraction method, which attempts to model the background
as a function of time, as discussed in Chapter 6, because the SSUD scales linearly
with the internal background level. This method is generally very successful for
modeling the magnitude of the ‘Backg'round, but for very faint sources, the shape
of the background may not be adequately modeled. One solution to tilis problem
which will be discussed nex‘t is to use the same range oi‘ ‘ascending node for the
background spectrum as for the source spectra.’

As can be seen in the Table 6 the as‘cending node (AN) of the background
observation starts at AN = 307 and then decreases. However, the source data start
at AN = 320. Thus there are soﬁrce data present in the time averaged spectrum
which do not have corresponding background data for an appropriate background
subtraction. This statement can be quantified by considering the mean SSUD and
standard deviation (o) for the background spectrum used and comparing with the
mean SSUD of the source for each day. These numbers are given in the first three
lines in Table 9. For the first day, the background is probably fairly accurately

modeled. However, the larger 1 o uncertainty in SSUD for the second day means
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that there are data in the second day which do not have corresponding background

data for an appropriate background subtraction.

Table 9. Mean SSUD count rates in source and background data. The uncertain-
ties are lo. ‘

- Data ‘ - SSUD
All Data: »
Background - ' 4727 + 99
First day 4727 + 106

~ Second day 4765 £ 146
Data with T' > 0.6:

First day 4763 + 103
Second day 4822 + 100

New data selection and T > 0.6:

Background for first day 4745 + 104
First day 4764 £ 103
Background for second day 4768 £ 102
Second day 4788 + 98-

The situation is worse if only data with transmission coefficients greater than
0.6 are considered. The average SSUD rates for these data are shown in lines 4
and 5 of Table 9. Again the background subtraction for the first day is probably
adequate, but the difference in average SSUD for the background and the second
day again indicates ’cha,‘c~ some of the source data does not have corresponding
background data for appropriate subtraction. Examination of the separate spectra
for each day supports this idea;. the 4 keV residual is much larger in.the se;ona

" day spectrum.
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Therefore, the better background subtraction would be obtained by using
only data for which there is background available (i.e., the same range of ascend-
ing node), for each day. Th‘ese data are marked in Table 6. Those background
data with a ‘1’ should be uséd with the first da,y’s;ba,ckground; ‘similarly, those
marked with a ‘2’ should be used with the second day’s background. The data
marked with an (*) are those for which background is available, and the transmis-
sion coefficient is larger than 0.6. Comparison of the SSUD levels for these data
shows that in this case, the SSUD levels are consistent between the source data
and the éorresponding background for each day, as listed in the last four lines of
Table 9. After subtracting each background spectrum from each day’s data, the
resulting spectra could be added together for time-averaged spectral fitting. The
above selection of background and source data assures tha,tAfbackground will be
subtracted from data which have approximately the same ra,dia,tion- state. The
biggest problem with this method is that s‘ince the amount of background data
available for the spectrum is reduced, the unéertainty in the background spec-
trum is enhanced, and consequently, the uncertainty in the source spectra is also
enhanced. |

Another, probably better way to nta,ke care of this p.roblem, which was not
available at the time of this analysis, is to use the Nagoya method of background
subtraction describe(i in Chapter 6. Recall in this method the internal and diffuse

background are subtracted separately. The time dependence of the shape of the

background spectrum is taken into account by forming three different internal

spectra. This would be a better method because no data need be rejected, provided

that the transmission coefficient is larger than 0.6, and also because so much -

data are available that the uncertainties are small in the background spectrum,

so the background subtraction does not add more uncertainty than necessary to
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the source spectrum. This method was designed for weak sources; it was used

‘sui:cessfully in Awaki et al. 1990 and Awaki et al. 1991.
Discussion

During this observation NGC 7469 was at a low flux level. This fact, combined
with the problems with the satellite pointing reéulting in periods of low transmis-
sion, made the flux level for this obse;vation near the source confusion limit for
Ginga. Also, due to the low flux level, there were problems with the background
-subtraction. quever, despite these problems, some significant results were ob-
tained, and although by themselves they cannot strongly constrain models from
this source, comparison with previous results supports some speculation about the

nature of the differences.

Low Activity
Noteworthy in this observation is the relatively low flux state of NGC 7469,

finding the source to be less active than during other observations. The 2-10 keV

043

observed luminosity was only 1.8 x 1043 ergss~1. In comparison, when observed

by Ariel V, the 2-10 keV luminosity was 5.4 x 1043 ergs™! (Marshall, Warwick

and Pounds 1981). When measured by the SSS+MPC on-board FEinstein, the

2-10 keV luminosity in-three observations was found to be 4.0 — 5.3 X 1043 ergs ™1

(Turner et al. 1991). The HEAO1 A2 experiment found the 2-10 keV luminosity
to be 6.3 x 1043 ergSjs"1 (Mushotzky 1984). Compare this with the average of
four EXOSAT observations reported by Barr (1986), in which 2-10 luminosity

was found to be 2.8 x 10*3ergss~!.

Turner and Pounds (1989) report another
EXOSAT observation having the 2-10 keV luminosity of 6.17 x 10%3ergss—! at

the nucleus. Also, another earlier Ginga observation indicated a higher degree
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of activity, having a 2-10 keV luminosity of 4.5 x 108erg s_ll (Piro, Yamauchi
and Matsuoka 1990). These figures reveal tha’t the present observation found
NGC 7469 the least active that it has been rriea'sured, and also-it appears that the

luminosity is variable over the 16 year period représented.

Flux Variability

Significant variability was 'féund during this observation of NGC 7469. During
the first day, significant variability was observed, although it could not beldescribed
by a trend. During the secox}d day of observation, a clear decrease was observed
with a halving time scale of 25,000 seconds, or ~ 7 hours.

Rapid variability measurements have not been in general available for AGN
until recently, due t.o small detector size. However, some méasﬁrernents of rapid
" variability have previously been made from this source. Marshall, Warwick and
Pounds (1981) report an Ariel V observation in which a flare was observed, with
.the flux increasing bsr a factor of 6 on a time scélé of 2 days, and subsequently

decreasing on a slightly longer time scale. Barr (‘1986) observed that the hard
X-rays decreased in only one of four EXOSAT observations, while there was no
significant Changé in the soft X-rays (LE instrument). He found the hélving time
scale was 5-6 hours, comparable to the halving time scale of this Ginga observa-
tion. Therefore it seems that, althoﬁgh variability on the time scale of hours has
‘been observed on several occasions from this source, it cannot be predicted to vary

on such a time scale during any given observation.

Flat .Spenctral Index

The spectral analysis from this Ginga observation, for the combined data with

transmission coefficient greater than 0.6, revealed a relatively flat spectral index
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(1.53 £ 0.06). It is difficult to analyze the siéniﬁcance of the difference. Compari-
son is difficult bgcause different observers chose a different number of interesting
parameters to evaluate their parameter range (Lampton, Margon and Bower 1976)
and this is a problem because of the tight coupling between the index aﬁd the col-
umn density. In this analysis; the uncertainties a;re evaluated consideﬁng only one
interesting parameter; this is a valid method in this case because the absorption
column was fixed to the Galactic value during spectral fitting. In many other cases,
the uncertainties are evaluated considering two interesting parameters. This takes
into account éhe coupling of the index and col'ur:nn dénsity, and is appropriate
when the column density is measured by the fit.

Previous observati<‘)ns found the spectral index to be much steeper. Specifi-
cally, Barr (1986) found evidence 'for' day to day variations in the spectral' index,
but the unweighted average was 1.85 + 0.14 and all four individual photon indices
were significantly larger than that found here. Turner and Pounds (1989) found

a steep spectral index of 1.781'8:82, again inconsistently steeper than the result

found here. Petre et al. ‘(1984)‘ report the analysis of three SSS observations of

+0.24

this source, finding indices of 1.77:5-, 1.98 and 1.93 for data in the energy range .

0.5-4.5 keV. Only the first of these observations Was’cénsistent with the present
analysis. The results for tv:ro simultaneous MPC observations in the 2-10 keV
range are also quoted, being 2.04 and 1.96. Neither of these values are consi§tent
with the spectral index of t‘he Ginga observation under investigation. Mushotzky
(1983) gives the results from an HEAOI A2 obéervation, finding the index to
be 1.78f8:§8,-which is barely consistent with the result found here. Finally, the
SSS+MPC analysis found the three indices fforn the combined simple power law
fit to be also significantly largér than that given here (Turner et al. 1991). A

fit from the IPC+MPC found the spectral index to be larger as well (Urry et al.
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1989). Finally, another previous Ginga observation finds the simple power law
index to be 1.83 + 0.01 (Piro, Yamauchi and Matsuoka 1990)

Since this observatlon shows both a low luminosity and a flat spectral index,
the question arises as to whether there is a flux—index correlation during the history
of observations of this source. To test this idea, the unweighted li'nea‘r correlation
coefﬁcient as well as the Spearman rank correlation coefficient were calculated
using the average value from the SSS+MPC (Turner et al. 1991), the average of
four EXOSAT observations (Barr 1986), the HEAOI A2 result (Mushotzky 1983),
and the previous Ginga result (Piro, Yamauchi and Matsuoka 1990) as well as
fhe current result. No significant ‘correlation was found. This-result is probably

due to the fact that, besides this observation, all the other observations found the

photon index to be in a small range between 1.78 and 1.88, over a wide range in .

luminosity, from 2.8-6.3 ergs~!. Therefore, this photon index resulting from this

observation indeed seems to be anomalously flat.

Soft Excess

As mentioned in the spectral analysis section, no' evidence for a soft excess
component was found from this Ging@ observation. However, it is difficult to
concl.usively say that there was no soft e-x'ces's.observed. This is because, as men-
tioned in Qhapter\G, the sﬁallest column density which is measurable by th‘e LAC
is 10210ﬁ1“2. However, the Galactic cplurﬁn density in the line of sight to this

02%cm~2. Previously the presence of the soft excess component

source is only 5 x 1
has been inferred, from other instruments, when the spectral ﬁ‘tting finds a column

less than the Galactic column (Barr 1986; Turner and Pounds 1989). This course

of action is thus not open for Ginga observations. However, other observations

have found the presence of a soft excess significant from the addition of a separate
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spectral component, adequately modeled as thermal bremsstrahlung (Turner et al.
1991; Urry et al. 1989). If the temperature of this thermal bremsstrahlung com-
ponent is sufficiently high, some of the low energy residuals for the simple power
law fit for Ginga data should be affected, so that they would be inconsistent v;rith
the power law fit. Such residuals are observed in the previous observation by
Ginga reported by Piro, Yamauchi and Matsuoka (1990). From this spectrum a
low energy excess is seen from 2-3 keV. However, for the Ginga observation under
investigation here, the low energy residuals lie completely flat to 1.11 keV, as seen

in Figure 20. These comments seem to suggest that, at least temporarily, the soft

excess has become unobservable in this source.

Much caution must be used, however, in this deduction. Perha;f)‘s the strongest

“caution is the fact that Ginga was not built to measure soft excess components.

Another caution is the noted proble,msﬂin background subtlra,ction' for this ob-
servation, especially in the low energies. It is fairly clear that the trend in the
background subtraction would be to increasé the low energy flux. This can be un-
derstood by calculating the observed MID to TOP layer ratio in the low energies.

This should ideally be the same as the energy dependent ratio of the efficiencies

for detection for these two layers. The observed excess of MID counts in the low A

energies indicates under-subtraction of the bagkgr.ound in this energy band, since
in the low eneréiés, the detection efficiency of the MID layer is nearly 0. Under-
subtraction of Background implies too many sourc‘e couﬁts in the spectrum, which
would lead to low energy positive residuals for the power law fit. Therefore, this is
another support of the absence of the soft excess; howeyer, 1t is difficult to estimate

this contribution. : .
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Short Term Spectral Variability

Margiﬁal evidence for spectral softening during the first day was founa from
this observation. This was largely due to an increase of soft flux, while the medium
to hard flux remained coﬁstant. In cont‘ras‘t, during the significant decrease of total
flux found during the second day, no spectral variability was found. Although
many of the previous observations could not have measured spectral variability
within an observation, at least EXOSAT could have found some. However during
‘the decrease observed by EXOSAT, the softness ratio (LE to ME) did not vary
significaﬁtly (Barr 1986). On the other hand, evidence for day to day variation in
the spectral index was found.

It is hard to %dentify the cause of the spectral softening. Since the flux level -
-in this observation was so low, it is impo‘ssibie t‘o pefforrn many of thé diagnostic
procedures described in Chaptér 5. It is impossible to rule out a column density
change or warm absorber, since the column could not be measured by the instru- -
ment. A change in intrinsic spectral index is possible, but perhaps unlikely, since.
the ratio of the hard flux to the medium flux did not vary significantly. A change
in soft excess emission may be the most likély possibility; however, this hypoth-
esis is impossible to confirm since no soft excess component can be measured by

spéctral fitting.

Model Speculations

It is very difficult to make any type of model constraints on the basis of this
observation alone, since it is of such poor quality. However, some ideas may tie '
together to form a self-consistent model.

The major evidence includes the following: the flux level is exceptionally iow,

the spectrai index is exceptionally flat, there is some evidence of mild spectral
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softening, and there is no evidence for a soft excess component previously observed
in this source. Therefore perhaps a possible model might be one in which the

reason that the spectral index is so small is because the soft excess is temporarily

quiescent. Since the soft excess has in some previous observations been found to

be evident by a deficit in measured column, the implied slope of the soft excess
might be not very steep. In this case, the soft excess can affect the flux level in
the region of the spectrum with £ > 2 keV. If thé soft excess is indeed missing
from thig spectrﬁm, such a loss could explain in part the low luminosity.
Physically, what could be thé reason for the loss in so-ft excess? If the soft
excess is due to a thermal optically thin gas emitting brémsstra.h}ung radiation,

if the temperature of such radiation dropped, the soft excess component would

move to a lower energy. If it is due to thermal accretion disk radiation, a drop

in temperature would also result in decreased X-ray emission. If the power law
emission is due to Comptonization of the soft component emission, ﬁhen a drop
in input soft photoné, with a fixed population of Comptonizing electrons would
result in a flatter spectrum. If the soft component is due to a blend of soft X-ray
lines, as found occurring in some cases (Turner et al. 1991), a decrease in such
line expissio_n can be' _due to a decrease in ionizing ﬂgx.

This model may be self consistent, but we cannot rule out other possibilities
from our feeble flux. Fo'r example, a suggestion of a hard tail was observed in
this spectrum. If important, it could result in spectral flattening. Therefore,
it is easy to see that for definite model constraints to be made, more careful
déta analysis, particularly with respect to the background.‘subtraci:ion, must be
performed. In addition, because of the low flux level, an interesting project would
be to compare this observation carefully with another observation. Fortunately,

such a plan is now possible. We now have permission to re-analyze the previous
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(Ginga observation. OQur main ob jectioﬁ with the previous authors’ analysis is that
they did not examine the variability of this observation. A quick look at this data
indicates that during the t.hree days of observation, the source flux decreased by
about 1/3, and during one 5 hour section the flux decreased by 25%. The analysis
of this observation will occur during November and December of 1991, hopefully.
Other interesting points which we will examine are the significantly steeper photon
index, and the hard tail component which were found by the previous authors.

One last remark should be made. Recall that this X-ray bbservation was made
under Tsuruta’s simultaneous camp_aién. Signiﬁcaﬁt variability was found in the ‘
X-rays. An interesting question is whether any variability was found in the optical
observation. However, the weather was uncooperative for exactly simultaneous

observation, and thus the optical observation occurred approximately two weeks

later, and has yet not been analyzed.
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CHAPTER 8
THE GINGA OBSERVATIO‘NS OF NGC 6814

Simultaneous Observations of Seyfert Galaxies Continued

As discussed in Chapter 7, a campaign to observe variable Seyfért‘ 1 galaxies

in both the X-ray band and the opticai band has been organized by Tsuruta.

The X-ray analysis.of NGC 7469 was discussed in the last chapter, and the .X-ray.

analysis of NGC 6814 will be discussed in this chapter.

Two observations of NGC 6814 were available for an@lysis‘. -The first ob-

servation was performed on April 16-17, 1990 as part of Tsuruta’s sirmultaﬁeous
campaign. NGC 6814 was observed again on October 5-7, 1990, during the con-

sortium phase of observation.

Results from Previous Observations

NGC 6814 is a low luminosity (1041~%3ergs™!) Seyfert 1 galaxy. Seyfert
(1943) mentions it having nebular type emission lines superimposed on a gener-
aily stellar continuum. It was observed by Ariel V but short term (0.5-5 day)
variability was not found (Marshall, Warwick and Pounds 1981). Rapid variabil-
ity was found in observation by the HEA 01 A2 experiment (Tennant et al. 1981).
NGC 6814 was foﬁnd, of a sample of 54 observations from 38 AGN, to be the only
one to have significant r.apid variability (Tennant and Mushotzky 1981). This

source was found to exhibit significant variability during all orbit periods of the
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observation. Flux variations of a factor of 2.5 in 90 minutes were observed. There

was also evidence for significant variations on the order of 100 seconds. However, °

throughout these large flux variations, no evidence for spectral variability was

found. Marginal evidence for lags was found, and the sense of the lag was that
the hard flux lagged the soft. ﬂowever, the lag time was very small, ~ 6 seconds.

This source was subsequently observed five times by the ME and also the LE
experiments on-board EXOSAT. Four of the observations were relatively short,
being only ~ 20,000 seconds, but the last observation was longer, about 1 day.

This set of observations yielded some very interesting and unique results, reported

by Mittaz and Brandua‘rdi-Raymont (1989). ‘They found that the low energy -

spectrum, as observed with the LE, varied significantly from observation to obser-

_ vation, decreasing by more than an order of magnitude in nine months. However,

variability within an observation was not detected. The ME flux (2-10 keV ) varied '

in all observations. There was no correlation between the ME and the LE light
curves. There was some évidence for spectral variab.i-liﬁy, as the ME hardness ratio
(4 - 6keV/2 — 4keV) varied significantly; however, the hgrdﬁess‘ ratio was not
cprrela,ted with the ME ﬂux: Between separate observations, there . was evidence
for change in absorption column, with one observation showing a large increase in
column. |
The most interesting result of the EXOSAT analysis, however, came from the
power spectral analysis of the long (1 day) observation. Evidence was found for
periodic flares, separated by 12,000 seconds. There was also weak evidence for a
3000 second quaéi-‘periodic oscillation in one of the other observations. Note that
.this observation provided the first clear and convincing evidence of a characteriétic
time scale found in AGN, and to date, this is the only AGN known to exhibit a

characteristic time scale.
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The first Ginga observation of this source revealed more surprising results.
The first report on this observation wz;ms by Ku‘nielda et al. (1990). They verified the
rapid variability, finding a two-folding time scale of ~ 50 seconds. The magnitude
of the overall vdriaEility Wasvliarge, being a factor of five during the observation.
They also found that the absorption column observed w.as 1arger than that found
in four of five of the EXOSAT observations, although the spectral index and flux
were essentially the same. However, the most interesting result of this analysis

was that the iron line flux varied essentially in phase with the continuum flux.

Cross correlation analysis revealed that the lag was less than 256 seconds. The -

line equivalent width was large, about 300 eV, and nearly constant. There was no
evidence for broadening of the line. The fact that the line ﬂux' varied in phase with
the continuum flux is especially- important because it is the first clear evidence that
the line is being produced in the central region. Note that the spectral index Wais
consistent with a constant.

Subsequently, the Gz'nga‘observ‘ation was analyzed for the '(ietailed timé vari-
ability. An early report of this work is given in Done et al. 1090a. She was able to
verify the. 12,000 second periodicity .discovered first in the EXOSAT observation.
The nature of the varidbi'lity was different, though, being smébthef with contin-
uous variability; the EXOSAT variability‘ consisted of flares superimpdsed on a

noisy, approximately DC, signal. The cross correlation function was also used in

this analysis, and no clear lag was found, although the CCF was asymmetric, in "

the sense that the hard flux lagged. Even during the 50 second decréase, no lag
was observed.

Given the previous fast variability that has been consistently observed from

this source, an interesting X-ray observation seemed guaranteed, whether the si-

multaneous observation was successful or not. Also, because of the apparent
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difference in the type of variabilify exhibited on two occasions (the EXOSAT
long. observation and the Ginga observation), it also seemed likely that another
Ginga observation would not necess;rily give identical results to the previous one.
Therefore, this source was observed again twice. This chapter discusses the X-ray
‘ data',' analysis of this source, and presenté some simple model calculations which
successfully describe several aspects of the observations. Finally, implied model

constraints are discussed.

Results

The Ginga observations

The data. from two Ginga obsérvations were av-ail-able for analysis. The first:
observation was pérformed April 15-17, 1990, as part of Tsuruta’s simultaneous
observation campaign. The second observation was performed October 5-7, 1990,
as part of the consortium observation phase.

For the April data, there were no adjacent background data available. There-
fore, two methods of background subtraction were used. For the spectral analysis,
the background was subtracted using the Nagoya method, as described in Chap-
ter 6 (see also Awaki 1991). Gain changes had been experienced by the detectors
on the LAC, so it was necessary to adjust the relative gain by hand. The change
in gain was dra:termined by ﬁttir}g the 22.1 keV silver line to a Gaussian function,
and finding tile rr‘1eé,sured line energy relative to 22.1 keV. This was done for each

detector separately, since the gain change of each detector was diflerent, and the

resulting spectra were scaled appropriately. Also for the spectra on the first day,

since the transmission was low, the aspect correction had to be put in by hand.
For the time series of the ‘April da.té, the Nagoya method of background

subtraction could not be used, so the SSUD sorted background subtraction method
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was used, as described in Chapter 6, using background obtained approximately 37
days earlier, on March 9, 1990. |

For the October data, there was an adjacent background obse'rva.tion available,
so the background subtraction used for both timing and spectral analysis v;ras the
SSUD sorted method. The gain of the detectors again had to be adjusted by hand,
. as in the April observation. Here only 6 of the 8 original detectors were available,
detectors 4 and 5 having failed.

There were no obvious problems_in the background_ subtraction for either

observation.

Figure 23 shows the total flux light curve (1.11-20.9 keV) for the April ob-

servation. Two days of data were available, separated by ~ 60,000 seconds. On
the first day, only the da;ta, frorﬁ the first orbit hati transmission coeflicient greater
than 0.5, so the remainder <.3f the first day data is not included in the time series
analysis and spectral analysis. This fact is illustrated by the large error bars‘, on
the four other groups of data for the first day. The seé<.>nd day had good trans-
mission, greater than 90%. The peak flux was about 35 counts per sec.ond, while
the lowest flux was nearly" 0 counts per second.

An interesting component in the light curve are three obvious dips in flux.
These dips Have similar structure; in all three the flux drops nearly to zero. Ap-
pendix 1 confa.ins supplementary light curves for this chapter, including Figure
81 showing the dip from the first day, Figure 82 showing the first aip from the
second day, and Figure 83 showing the sec;ond dip frorﬁ-’ghe second day. The bin
size shown is the intrinsic ‘biﬁ 'sizé, 16 seconds. Recall that previous observations
of this source have found a periodic component to the variability for this source,
vs}ith period 12000 seconds. These dips seem to indicate some periodicity. In fact,

the second and third dips are separated by almost exactly 12000 seconds. The first
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and second are separated by ~ 85000 seconds, a bit more than 7 x 12000 = 84000
seconds.

Figure 24 shows the total flux light curve for the October observation. Here
only 30,000 seconds of data were available, with good transmission of greater than
98%. However, even though the observation was shorter, the coverage is better;
i.e., the data gaps are shorter. Also, the source flux was larger; the peak flux
was ﬁearly 45 counts/second, and considering that two detectors of eight were not-
operating, the peak flux was nearly doubled when compared with the peak flux
of the April observation. The minimum flux was larger too; the total flux dipped
to no lower than 7 counts/sec. No periodic dips are observed, indeed, periodicity
is not obvious. However, this figure is plotted on axes of length 12000 seconds,
and if the first data groups of the the middle and bottom parts of the figure are
combined, it can be imaginea that they respectively show the increase in flux after
a dip, and the decrease in flux before the dip, separated by 12000 seconds.

Looking at the light curves in different energy bands, as well as flux ratios, is
an easy way to look for spectral variability. Figures 84, 85 and 86 in Appendix 1
show the ligint curves for the April observation in several different energy bands.
Shown are the light curves in 1.11-3.36 keV, 3.36-5.69 keV, 5.69-8.00 keV, and
8.00-20.9 keV energy bands. Many of the data from the first day are omitted, due
to the low transmission coefficient. Figures 25 and 26 show the April light curves
in 1.11-5.69 keV and 5.69-20.9 keV energy bands and the hardness ratio. All of
the data are included here, aﬁd the effect of the low transmission at the end of the
first day is illustrated by the very large error bars in the hardness ratio. However,
regions can clearly be seen in which the hardness is varying, indicatiﬁg spectral
variability. Especially during the dips of the second day, the hardness can be seen

to increase as the flux decreases.
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Figure 24. October total light curve.
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Figure 25. Light curve and hardness ratio for first day of observation for April data. The bin size is 64 seconds.
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Figure 26. Light curve and hardness ratio for second day of observation for April data. The bin size is 64 seconds.
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Figures 87 and 88 of Appendix 1 show the October light curves in four differen-t
energy bands, as for the April data. Figure 27 shows the flux ratio; howéver, this
plot shows the softness ratio L/H with the low energy band being 1.11-5.69 keV
and the high energy band being 5.69-20.9 k¢V. Examination of the softness ratio

shows clear significant spectral variability during the entire observation.

Periodicity

As discussed earlier in this chapter, one unique property of this source seems to
be the presence of a.periodic component in the variability (Mittaz and Branduardi-
Raymont 1989; Done et al. 1990&). The periodic dips separated by multiples of
approximately 12000 seconds seem to support the idea that a periodic component
is also present in these data. Therefore, the April and October data were examined
for the presence of a periodic component. As discussed in Chapter 6, the gaps
in the data make detection c;f periodic signals difficults. Therefore, the analysis
proceeded using the methods oﬁtliﬁed in Chapter 6. The correlation was calculated
ﬁsing the method of Edelson and Krolik (1988), and the power series was calculated
using the method of Press and Teﬁko_lsky (1988); and significant variation for
specific cases are explained below.. ‘'The programs were implemented by Chris
Done, and modified as neceésar};.

First, the time series analysis of the April data was ‘perfor.me.d. The data used
were that froﬁ the first and second day, with a transmission coefficient greater
than 0.5. The data from periods with a lower transmission coeflicient were not
used because of two reasons: (1) The large error bars from data with lower trans-

mission coefficient causes decorrelation and an ingrease in noise, and washes out

the variability of the other data because of the increase in the average measure- '

ment error, e?, and (2) this data cannot be used for spectral fitting because of the
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uncertain correction for reflection of soft X-rays from the collimator surfacé; as
discussed in Chapter 6. The autocorrelation function of the data from 1.11-20.9
keV having transmission coeflicient greater than 0.5 is shown in the top panel of
Figure 28. Much structure .is immediately apparent. There are several lags which
have zero autocorrelation, because of the sparse sampling of the data.

Because of the many structures appAa,rent, the significance of such ‘struc-tur.es
must be evaluated. In order to evaluate the significance of the structures observed,
two methods are available. First, simulated ‘da’ca having the same mean, variance
and sampling, but with a power spectrum proportional to 1‘/ f were made and
the autocorrelation function was calculated. This method is recommended by -
Edelson and Krolik (1988). This result is shown in the lower panel of Figure 28.
Comparison of these two indicate an anticorrelation at ~ 6000 seconds and‘ a peak
at 12050 seconds that are not mirrored in the autocorrelation of the simulated
data. These are the most significant structures. There is also an anticorrelation at
~ 18000 seconds, but there is confusion here with the edge of the 0 autocorrelation
region. | |

Another, more intuitive,.way to evaluate the significance of peaks in the au-
‘tocorrelation of the real and simulated datz;, is to look at how -many UDCF's (see
Equation 6.6) aré éontfi'i)utiﬁg to the discrete ACF sum at eachlag. This is shown
in Figure 29. It is easy to see that at the légs near the middle of each group the
autocorrelation is probably reliable, because so many points (more than 1000) are
contributing to the correlation sum. Near the edges of the groups, the number
contributing is smaller, so there is probably less significance in .th.ese ACF points
Careful evaluation of the significance of the peaks is necessary, both because of the

data windowing and also because the errors in the ACF are underestimated. ‘The
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Figure 28. Autocorrelation of April data, in the energy band 1.11-20.9 keV. In
the top panel the ACF of the measured data with transmission coefficient greater
than 0.5, while in the lower panel the ACF of the I// simulated data is shown.
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Figure 29. Number of UDCFs contributing to the correlation sum, for the
April data.
errors are calculated by assuming that the data are uncorrelated. Since the vari-
ability data from this Seyfert are clearly correlated, error underestimation results
(see Equation 6.8, and also Edelson and Krolik 1988).

Further confirmation of the 12000 second period can be gained by examining
the periodogram, calculated according to Equation 6.10 (Press and Teukolsky
1988). In the top panel of Figure 30 the periodogram for the April data having
transmission coefficient greater than 0.5 is shown. The corresponding periodogram
of the simulated data is shown in the lower panel of Figure 30. In the real data
periodogram, there is a peak at around 8.3 x 10- "Hz corresponding to a period of

~ 12050 seconds. There is no corresponding peak in the simulated data. The peak
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Figure 30. Periodograms for the April data, in the energy band 1.11-20.9 keV. In
the top panel the ACF of the measured data with transmission coefficient greater
than 0.5, while in the lower panel the ACF of the 1// simulated data is shown.
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in the real data is not sharp, but ha; some spread. This may be due to the fact
that the amount of time between dips is not exactly a multiple of 12000 seconds,
but is 85000 seconds between the first and the second dip, and 12000 seconds -
between the second and the third. For perfect 12000 second periodicity, the gap
between the first and the second should have been 84000 seconds. The peaks to the
left of the 12000 second peak in the periodogram are probably spurious, because
they correspond to wavelengths longer than the length of the second day part of
the observation, and thus represents the interaction in the algorithm of the small
section of data from the beginning of the first day with the second day data. Again,
errors here are probably underestimated, since they result from propagation of the
rr;easurernent errors through the algorithm.

Next the similar time series analysis of the data from the October observation
was performed. First the total light curve from 1.11-20.9 keV was considered. The
top panel of Figure 31 presents the autocorrelation function of these data, while
the lower panel shows the corresponding autocorrelatién of the 1/ f simulated data,
having the same mean, variance and sampling as the real data. There are several
noticeable structures in the autocorrelation of the real data which do not occur in
the simulated aata. The most noticeable is a sharp spike at ~ 4300 seconds, which
has an autocorrelation of greater than 1.0. Although there is no corresponding
peak in the autocorrelation of the simulated data, this peak is spurious. This fact
can be understood by examining the plot of the number of UDFC’s contributing
to the discrete correlation function sum, shown in Figure 32. The spike at 4300
seconds falls in a region where relatively few data contribute to the sum; therefore
the large correlation is most likely accidental. The next most noticeable peaks
are a minimum at ~ 3400 seconds, a maximum at ~ 6400 seconds, and several

maxima at ~ 12000 seconds. The degree of correlation in each of these is not
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Figure 31. Autocorrelation of October data, in the energy band 1.11-20.9 keV.
In the top panel is the ACF of the measured data while in the lower panel is the
ACF for the I// simulated data.
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Figure 32. Number of UDCFs contributing to the correlation sum, for the October
data.

particularly strong. Also the peaks are affected by the number contributing to
the correlation sum. The periodicity of the data is more clearly revealed by the
periodogram, given in the top panel of Figure 33. Here there is a clear peak at
a frequency corresponding to a period of between ~ 5500 and ~ 6000 seconds.
No such strong peak is evident in the periodogram of the simulated data, shown
in the lower panel of Figure 33. It is remarkable there is no peak at ~ 12000
seconds corresponding to a frequency of 8.3 x 10- *Hz. This may be an effect of
the relatively short length of the observation, being only 30000 seconds. There

is a smaller peak at about 10~"s- * but there is a corresponding peak of slightly
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Figure 33. Periodograms for October data, in the energy band 1.11-20.9 keV. In
the top panel is the periodogram of the measured data while in the lower panel is
the periodogram for the 1// simulated data.
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smaller amplitude in the simulated data, indicating that this is probably not a
periodicity of the data, but an effect of thé sampling.

The periodicity observed in the total light curves of the April and- October
data is not new. As explained in the preyiou; section, a previous observati(')n'of
NGC 6814 by Gingd revealed the periodic component with a clear 12000 second
period (Done et al. 1990a), and the EXOSAT observation also found periodic flares

of the same period. The major difference is that the 12000 second periodicity is

not so apparent in the October data; the data seem rather to indicate a 6000

second period.

However, it is‘pc‘)ssible from these data to investigate periodicity of the hard-
ness ratio. Examination of Figures 25, 26, and 27 show that the flux ratios vary
during both observations. Although flux ratio variability has been QBserved pre-
viously from this source (Mittaz and Branduardi-Raymont 1989), it has not been
confirmed to be periodic. Beyond this, periodic changes in hardness ratio have
never been observed before from AGN, and if verified, would lead to irﬁportant
model constraints. |

In order to investigate the periodicity of the hardness ratio, one important
modification of the basic technique for producing the simulated data was neces-
sary. In the basic technique, the uncertainty of the simulated light curve data is
estimated to be a linear function of the source flux count rate. The slope and
intercept in this relation are of course found by fitting the uncertaint}; versus the
flux of the real data to a straight line. This apﬁroximation is very good in the case

that the data were taken during periods of uniform transmission. C"learly as the

transmission coefficient increases the magnitudé of the uncertainty increases with

no accompanying increase in flux, destroying the linear relationship. In the case

of the April data, the uncertainties of the first and second days of observation,




Al — e

171
characterized By different transmission coeficients, were generated separately. A
probleﬁ occurs also if the data are some function of the count rate, like the hard-
ness ratio; the uncertainties are again not a linear function of flux.

If the data are the hardness ratio, the linear relation is not a good fit. It
turns out that much of the reason for the poor fit is that the values of the slope
and intercept from the line fit are heavily skewed by outlying points. This results
in the simulated data having a larger average measurement error than the real
data. This fact is particularly important when the autocorrelation function of
the simulated data is calculated (Equations 6.6-6.8; see also Edelson and Krolik
1988), because the discrete correlation function is normalized to take into account
the m'ea,su.rement error by dividing by o2 — €2, instead of just o2, where o2 is
_the variance of the data, and €2 is the average measurement error, as shown in
Equation 6.6. Therefore, if‘the average measurement error is overestimated due
to the presence of outliers, the autocorrelation function of the simulated data will
be spuriously large, and peaks in the autocorrelation function of the real data will
be erroneously considered to be insignificant.

The remedy for the autocorrelation function is easy. The autocorrelation
function program was modified so that two files are input, one being the simu-
lated data file, suitably renormalized so that it has the same mean and variance
as the real data. The othe-r input file is the real data, from which the average
measurement error is célculated. This method completely bypasses the estimation
of the simulated uncertainty.

For the periodogram, this problem is not as serious, but neither is the solution
so straight-forward. The problem is not as serious because the periodogram is
calculated, in essence, by fitting the data to sinusoids, and the measurement errors

are not used directly for calculation of the power (Press and Teukolsky 1988; see
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.allso Equation 6.10). However, the measurement errors are necessary to calculate
the uncertainties in the periodogram values, which are found by propagating the
errors through the algorithm. So for this, the linear relation dy = ag) +bis used,_
with caution. The adequacy of .’the approximation is evaluated using the ratio R
where R = az/ez. This ratio must have z;, value greater than 1, or the data does
not vary significantly. To use this to evaluate the linear approximation, R was
calculated for the real data and for the simulated data and compared. A symptom
of outlier influence is a very large Rgim, corﬁpareci with Rpeq;- In this case it is

useful to plot the errors in the real data versus the data, and remove outliers by

hand. Because the periodogram is plotted ona log-log scale, a perfect match is not -

necessary, as the difference in length of the error bars will be small. Performing
these modifications to the basic technique made accurate time series analysis for
the hardness ratio possible.

For the April data the periodicity in the hardness ratio is apparent because
of increase in hardness during each dip seen in Figures 25 and 26. However, it
was impossible to use the autocorrelation function or the periodogram to check for
periodici‘gy in the hardness ratio. This was because the lower flux level throughout
the observation, and Apart‘icula,rl.y during the dips, leads to larger error bars in
the ratio, and these rna;ke the error bars in the autocorrelation function and the
periodogram as large as the calculated values.

However, the situation is somewhat different i’n the October data. Here the
softness ratio éhanges dramatically throughout the observation, not only at t‘he
sudden changes in flux (see Figure 27). Therefore it is possible to analyze the

periodicity of the hardness ratio in this data using the autocorrelation function

and the periodogram. Several hardness ratios were considered, but the one finally

chosen was the ratio H/L where H is from 5.69-20.9 keV and L is 1.11-5.69 keV."
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This ratio led to the largest values of thé autocorrelation, and thus tile largest
contrast with the simulated data. The reason that thié is true is because the H
and L bands chosen for this ratio give nearly the same values of o2 /e?.

In the top panel of Figure 34 the autocorrelation of the hardness ratio thus
defined is shown. The corresponding autocorrelation function from the 1/f simu-
" lated data is shown in the lower panel of Figure 34. Immediatéiy apparent is the
anticorrelation at ~ 6000 :s;econds and correlation at ~ 12000 seconds. These are
the most strongly correlated and significant peaks in this figure, ‘a,lth01’1gh there
are several peaks with smaller ACF values. No such strong peaks are found in the
autocorrelation of the simula.téd data. Therefore, periodic-ity of the hardness ratio
is found in this source.

The periodogram shown in the top panel of Figure 35 substaftiates these
results. In éontr@st to the periodogram from the simulated data, shown in the
~lower panel of Figure 35, there is'a clear peak at 8.6 x 1075 Hz cofresponding to
a perfod of 11600 seconds. This peak is rather broad, so Lile period indicated is
near enough to 12000 seconds. There is no corresponding peak at this frequency
in the simulated data. T*here‘is', a peak in the simulated data at ~ 6.0 x 1075 Hz

corresponding to a period of ~ 17000 seconds. However, it is not quite as large as

the peak in the real data, and it is at a substantially different frequency as well, .

so it is most likely due to the Window function. Another support of this result is
the fact that the level of the noise can be seen in the periodogram. For ffequencies
larger than ~ 2 x 1073 Hz, the periodogram flattens, and the levelvof the noise
is aboﬁt 0.5. The peak at neariy 12000 seconds has a‘ magnitude mofe_than 100

times the noise level.
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10.0 16
Lag (seconds)

Figure 34. Autocorrelation of October data hardness ratio. The ratio 5.69-20.9
keV/1.11-5.69 keV is shown. In the top panel is the ACF of the measured data
while in the lower panel is the ACF for the 1// simulated data.
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Frequency ($*")

Figure 35. Periodogram for October hardness ratio. The ratio 5.69-20.9 keV/1.11-
5.69 keV is shown. In the top panel is the periodogram of the measured data while
in the lower panel is the periodogram for the I// simulated data.
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The proper thing to do next is to obtain a probability for occurrence of the
periodic component. This type of analysis was done by Mittaz and Branduardi-
Raymont (1989), for the long EXOSAT oBservation of this source. They produced
1000 random ;c,ets of data with the same frequency dependent variance as found
in the real data. Then by comparing the power in the real data with that in
the simulated data, they could estimate the probability of occurrence by chance
of such a peak was less than 1 in 1000. This procedure is straight forward in‘
EXOSAT data, because of the even sampling available due to the long period of
the satellite orbit. However for Ginga data, the windowing functi(;n describing
the gaps in the data make this procedure less straightforward. This is because the
usual procedure in producing simulated data is to make an evenly sampled data
. stream having the desired power spectrum, and then fold the window function
onto it. If this is done WitH the Ginga data, the window function would be then
essentially aﬁplied twice, once from the power spectrum and second from the data .
sampling. Since I have not figured out.a better way to do this, the probability of
detecting such a periodic component by chance has not been estimated. Note that
the significance of the peaks cannot be evaluated by the method described by Press
and Teukolsky (1988), because that method assumes the background variability
is white. | Here, the background variability is assumed to be 1/f, a,ppropr'iate for
AGN.

Prompted by the periodicity that is found, the folded light curves for the
April and October data were made, shown in Fiéures 36 and 37 respectively. Only
the data from the second day were used for the April folded light curve, since the
amount of time between the ﬁ.rst dip and the second dip'is ﬁot exactly a multiple
of 12000 seconds. In Figure 38, the folded light curve for the hardness ratio is

also shown. The folding period for the total flux light curves was chosen to be
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Folded Light Curve
1.11-20.9 keV

Bin 64 Seconds
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™

Count/sec
6.0 10.0 16.0 20.0 26.0 30.0

0.0

6.0
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Figure 36. Folded light curve for the April data. Only the data from the second
day of observation are shown. The bin size is 64 seconds.
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Folded Light Curve
1.11-20.9 keV

o Bin 64 Seconds
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Figure 37. Folded light curve for the October data. The bin size is 64 seconds.
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Folded Light Curve
Hardness Ratio

o Bin 128 Seconds

Ratio (H/U

TFSBI TFSB2 TFSB31 TFSBS

0.000 3.008 6.017 9.026 12.033
Seconds *10*

Figure 38. Folded light curve for the October data hardness ratio. The hard band
used was 5.69-20.9 keV, while the soft band used was 1.11-5.69 keV. The bin size
is 128 seconds. Also shown are the divisions used to accumulate spectra along the
folded light curve, along with the names of the spectra.
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12000 seconds,. while the folding period for the hardness ratio was chosen to be
12032 seconds. The revasohAth-a,t 12032 seconds i‘s used for the hardness ratio is
that spectra were accumulated along the folded light curve as shown, and 12032

is the nearest multiple of 128 seconds to 12000 seconds, 128 seconds being the

intrinsic spectra bin size. The divisions used to accumulate spectra on the folded

light curve are also shown in Figure 38. These spectra were accumulated and fit
to characterize the whole observation and will‘ be discussed in the next section.
The character of the variability shown in the folded light curves of the total
flux is clearly not sinusoidal. The dips characterize the April light curve, while the
October light curve shows regions of flares and dips. A 12000 second periodicity
is not very apparent in the October light curve, and the multiple flares suggest
‘a, 6000 second periodicity. On the‘ other hand, the 12060 second periodicity is
apparent in ;uhe folded light curve of the hardness ratio. Comparing the folded
light curve for the total flux in the October data with the folded light curve of
the hardness ratio shows that clearly the hardness is not correlated with the flux
throughout the entire observation. There are some regions where a correlation
seems apparent, and others where the data looks nearly anticorrelated. |
The time series analysis of both of the observations find significant evidence
for the 12000 second periodicity, a,lthpugh the evidence that the period for the
October observation is 12000 seconds is not as'strong. In addition, the hardness

ratio from the October data was also found to exhibit 12000 second periodicity.

Spectral Analysis - Entire Observation

Previously, the iron emission line flux from this source has been observed to

vary in phase with the continuum flux (Kunieda et al. 1990). Also, the variation

in the hardness ratio demonstrated in the previous se¢tion should be an indication

I P Pl
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of photon index variability. To more closely examine these two issues, the spectra
were accumulated for eachlobserva,tion and fit.

In general, the spectral fitting was carried out from energy channel 5 to energy
channel 33 (3.36-20.9 keV) with only theAtop layer being fit. Tﬁe first five energy
channels were not used to avoid contamination by the soft excess component, which
is strong in this source. Only the top layer was fit because the fitting function

used was a power law plus line and absorption. All components of this model can

be determined by the spectrum below 10 keV; the spectrum above 10 keV serves -

to further constrain the power law index. Also, the top layer data have higher
signal to noise ratio, and so can better constrain parameter values.

Because of the rapid variability observed, spectra were accumulated in the
~ smallest amounts possible to fit a power law plus line model (see Equation 4.2).
The smallest amount was found to be 256 seconds, so spectra were formed by
combining 2 subframes of data, each 128 seconds long. Because there were two
subframes accumulated for each spectrum, non-mutually exclusive spectra could
also be formed. For example, instead of combining subframes 1-4 into fwo spectra
(1-2 and 3-4), three spectra could be formed (1-2, 2-3, and 3-4). Since they ;a,re
not mutually exclusive, they cannot all be used for statistical analysis, but serve
rather to provide more data in parameter light curves.

These spectra were first fit with a power law plus absorp.tion model (Equation
4.1), followed by the simple power law with the addition of a narrow line at 6.4
keV (Equation 4.2). Rejection of this model was implied if the 90% error for the
line flux was greater than the line flux measurement. Finally, the spectra were fit
with a line model having the line energy as a-free parameter. In some cases, the

absorption column measured by the fit was found to be less than 102lcm=2. This
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is the lower limit of column density which Ginga can measure, so in these cases the
column was fixed at the Galactic value of 1021-2cm™=2 (Turner and Pounds 1989).

First the parameters were examined to see if they vary significantly By using
the constant hypothesis test on mutually exclusive data. The test used did not
take into account the upper limits of some of the parameters, particularly the line
flux and equivalent width. In these cases, these points were excluded. There are
more correct methods available, in which the upper limits are taken into account,
as .discussed‘ in Chapter 4 (Avni et al. 1980; Schmitt 1985; Feigelson and Nelson

1985; Isobe, Feigelson and Nelson 1986). For thé April data, three ba.rameters

varied signiﬁcaﬁitly at the 90% confidence level: the total flux, the photon index -

and the line flux. The remaining three parameters, Ny, equivalent width and
line energy, did not vary signiﬁcantly. For>the October data, fhe situation was
similar, except the line flux did not vary sig;liﬁcantly at the 90% conﬁdénce level.
For 36 degrees of freedom, the 'X%‘for 90% is 1.31, while the measured X%Z was
only 1.25. However, as noted before, the upper limits were not taken into account.
For the October data, there were four points for which only upper limits were
available. In Figures 98, 90 and 91 of Appendix 1, the parameter light curves for
the 2-10 keV continuum flux, photon index, line flux and equivaient width from
the April observation are shown, while the corresponding parameter light curves
for the October data are shown in F“igu.res‘92, 93 and 94 of Appendix 1. Note that

results from all spectral fits are shown, so the results are not mutually exclusive.

In the April data, the correlation of the line flux with the continuum flux is .

easy to see, especially during the dips. The photon index was also found to be
variable, but the correlation with flux is less apparent. In particular, during the
second dip at ~ 86,000 seconds, shown in Figure 86 of Appendix 1, the photon

index reaches its minimum well after the flux minimum.
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For the October data the photon index is found to vary. The line flux varies

but not statistically significantly over the whole observation. These two parame-
ters seem to be correlated with the ﬂuk,-but in a local manner. That is, in each
orbit of data, the light curves have roughly the same shape. However, the flux and

photon index vary on a much larger scale from orbit to orbit, and so in some cases

the flux appears anticorrelated with the photon index. Also, like the hardness

ratio, the photon index for the October data varies smoothly, and the periodicity
_of variation appears to be 12000 seconds. Because of this, the folded light curve
for the photon index is shown in Figure 39. It can be seen that the V.ariation has
a broad, almost sinusoidal shape.

The next question to be answered is whether any of these variable fit param-
eters are correlated with .one another. Especially important is the question of the
continuum flux-line ﬂux.correlation. Recall that a étrong correlation was found
by Kunieda et al. 1990. Figure 40 shows the correlation plot of the line flux versus
the 2-10 keV ¢ontinuum flux for the April data. Note that here of course mu—'tu-
ally exclusive data are used. Some correlation isA evident. .The linear correlation
coefficient was found to be » = 0.73 for 28 points. This implies that the parent
population ig at least as correlated as 0.5. Note t’h'c}t again. the data with upper
limits are not taken into account, although there is a correct way to do this (Avni
et al. 1980; Schmitt 1985; Feigelson and Nelson 1985; Isobe, Feigelson and Nelson
1986). Fitting this correla,tion‘ to a strai.giit line, it is found that the intercept is
consistent with 0. That is, zero 2—10'keV flux implies zero line flux. The slope of
the fit was 2.8 + 0.6 x -10_2, indicating that the slope is different from 0 by more
- than 40. The line fit is quite good, having a %2 of 38.6 for 46 degrees of freedom.
The correlation plot of the line flux versus the 2-10 keV continuum ﬁux for

the October data is shown in Figure 41. Again some degree of correlation seems

y—
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Folded Light Curve
Photon Index

Photon Index

Seconds MO3

Figure 39. Folded light curve of the photon index, for the October observation.
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Correlation Plot

NGC 6814 April 1990

Line Flux

20.0 30.G
Rux (2-10 keV)

Figure 40. Line flux versus continuum flux correlation plot of April data. Uncer-
tainties are 90% for one parameter of interest.
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Correlation Plot

NGC 6814 October 1990

Line Rux

Rux (2-10 keV)

Figure 41. Line flux versus continuum flux correlation plot of October data. Un-
certainties are 90% for one parameter of interest.
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evident. The linear correlation coefficient was r = 0.62 for 37 points, implying a
parent population correlation of at least 0.4. The intercept of the straight line fit
in this case was found to be 0.21 + 0.17 where the uncerté,inty is 1o. This is not
consistent with a 0 intercept; however, the 0 intercept is not rejecteti either. The
slope of the line fit was 2.7 £ 0.6 x 10~2, nearly the same as fof the April data.
Again the line fit is not inappropriate; the x% was 27.9 for 35 d.of. It may be
that the continuum flux-line flux correlation still holds but the significance of the
correlation appears to be weaker. Also recall that the line flux is not significantly
variable at the 90% confidence level; but also reéall that the points with upper
limits only available has not been taken into account. Another influence is that -
the line fluxes were found from spectral fitting with the line energy left free. If the
line energy had been fixed, because of the coupling of the line flux and line energy,
the line flux would have been better determined. This may result in statistical
variability being observed.

As discussed in Chapter 5, it has been found that a continuum flux-photon
index correlation has been observed in other AGN. Because of the significant
variability of the photon index in both observations, this correlation was also
examined. The correlation plot of photon index versus 2-10 keV continuum flux
for the April data is shown in Figure 42. Some degree of correlation is present.
However, the linear correlation coefficient is not large, being only r = 0.14. Also
' the line fit is not good, having a x2 of 47 for 26 d.of. So the presence of a
flux-index correlation cannot be readily verified by these data.

The flux—index correlation for the October data is more interesting. This is
shown in Figure 43. Because a linear correlation is not apparent, all fit points are
included, including the non-mutually exclusive data. For high flux, the photon

index is nearly ~ 1.6 consistently. However, for low flux, there is a spread of
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Correlation Plot

NGC 6814 April 1990

Photon Index

20.0 30.0
Flux (2-10 keV)

Figure 42. Photon index versus continuum flux correlation plot of April data.
Uncertainties are 90% for one parameter of interest.
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Correlation Plot

NGC 6814 October 1990

Photon Index

Flux (2-10 keV)

Figure 43. Photon index versus continuum flux correlation plot of October data.
Uncertainties are 90% for one parameter of interest. Note that here non-mutually
exclusive data are shown.
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indices. There is a suggestion of tw6 branches for the low flux region; a lower
diagoﬁal branch where the flux and index appear to be correlated, and a higher,
neaﬂy horizontal branch where the flux and index might be slightly anticorrelated.
This behavior is expected, since the hardness shows 12000 second periodicity, while
the flux shows apparent periodicity of ~ 6000 seconds.

Because the evidence for the 12000 second periodicity in the hardness ratio
and related photon index is so strong, sp-ectral analysis was performed along the
folded light curve. Eight spectra were used, aécurﬁulating the data shown in

Figure 38 on the folded light curve. The spectral fitting results are listed in Table

10, and the regions of the folded light curve included in the spectra listed in Table .

10 are marked on the figure. The fit parameters are marked with an (*) if the
‘parameter value found is significantly different than the one preceding at greater
than the 1o ‘confidence level, and with (**) if the conﬁdeﬁce level lower boundary
is 90%. x2 contours were also found for the column versus the index for all of
these-eight spectral fits. Because column and index are sémetimes quite highly
correlateci, e.xamination c;f thé X2 céntburs is necessz;,ry to verify an index change.
The x? square contours showing Ny column versus index for these spectra are
shown in Figure 44. Examination of the x2 contours finds that significant variation
in the index and/or ab;orption column occurred from spectrum to spectrum.

In general, it was found that for each of these folded spectra, except for the
first and the last, the phot.on index and absorptiorn combination vary significantly
at at least the 90% conﬁdenc-e level from one to the next. Also in some cases, the
line energy and/or the line:ﬂux differ significantly. Note that the line energy and
line flux are also coupled, so to look for significant variation iﬁ these parameters,

the x? contour plotting these parameters should be examined. However also note

e




Table 10. The results of spectral fitting to the folded October data. All errors are 90% confidence.

Spectrum Time Photon - log(Ng) Line Energy Line Flux Equivalent Fluxt x%
(sec) Index © (em™?) (keV) (counts™)  Width (eV) (count s71) /d.of.

TFSBI 1964 128 +£0.09 2251 +0.14 648 +010 096 +£017 500 + 90  23.0 0.79/24
TFSB2 1742 **1.52 +0.08 **22.43 +£0.11 *6.68 +£0.10 119 £020 410 + 60 399  0.93/24
TFSB3l 2186 153 £ 008 *2134 123 *6.35 & 016 *049 +013 440 +110 146 0.70/24
TFSB32 697 154 + 0.4 **2246 +020 6.32 £020 081 +028 370 +120 282  0.74/24
- TFSB4 - 602 **1.22 £0.16 - 22.63 £020 628 £021 099 +031 470 £ 140 235  0.84/24
TFSB5 760 1.21 010 **22.24 £025 647 +012 141 £028 510 £100 322  092/24
TFSB6 380 **1.51 +0.15 2242 +£0.23 6.72 +0.75 *0.52 +£038 190 +130 364 0.91/24
TFSB7 1140 *¥1.09 +0.11 2220 +£0.33 646 +£0.12 104 +021 600 +120 194 0.73/24

161

tContinuum flux is from 2-10 keV, intrinsic.
* This fit parameter differs from the previous one at greater than the 1o confidence level.

** This fit parameter differs from the previous one at greater than the 90% confidence level.
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Chi Square Contours
Folded Spectra

TFSB4
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Log(Nw)
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Figure 44. % contours of folded spectra from the October observation.

JFSB32

The

log(Njj) is plotted against the photon index. The solid lines give the lcr contours,

while the dashed lines show the 90% contours.
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that because of the poor energy resolution of Ginga, line energy var'iability would

be very difficult to verify.

Fastest Variability

As described in Chapter 5, NGC 6814 has long been known to be the AGN
with the fastest time scale of variability. Finally, using high time resolution Ginga
data, the nature of this fast variability may be understood. Therefore, it is im-

- portant to closely examine those parts of our observations which show the largest

flux changes in the shortest time. Spectral variability during flux changes can be.

" important to constra;ining‘ models, as discussed in Chapter 5. Also, lé,gs between
different energy bands can be important in constraining models.
The regions of fastest variability for the April data are the three dips, starting
at 0, ~ 85,000, and ~ 97,000 seconds shown in Figure 23 (see also Figures 81, 82
and 83 in Appendix 1). Changes in the hardness ratio are also observed dﬁring
these dips, as shown in Figures 25 and 26. The data from these three sections
of the April obsefvation are referred to as the ‘(_iip’ data. For the October data,
the fastest decrease occurs at about 23,500 seconds shown in Figure 24. These
are referred to as the ‘ingress’ (:lata, for reasons which will become apparent in
the section discussing the model calculations. There are no corresponding fast
increases, but an increase at about 12,000 seconds is approximately 12,000 seconds
previous to the decrease. These are referred to as the ‘egress’ data. Both of these

sections show the fastest variation in the softness ratio, as shown in Figure 27.

They are also interesting because, the beginning of the egress data is about 12400

seconds from the end of the ingress data, and if the ~ 12000 second periodicity is
assumed, then the cornbination of these two regions may represent a dip similar

to those discovered the April data.
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Correlation plot analysis. Much information about the nature of the variabil-

ity can be gained by examining the correlatioﬁ plots. These plot the flux in one
energy band against the flux in another energy band. If there is no spectral vari-
ability during flux changes, the correlation plot is characterized by a single linear
trend intercepting 0. However, if thgre are spectral changes or lags or leads in the
data, the correlation plot may have one or more branches, and the main branch
may not intercept 0. '

The correlation plots for the April dip data are shown in Figures 45 and 46. In
Figure 45, the flux from the medium (3.36-5.69 keV) energy band is plotted on the
horizontal axis, while the lux from the soft (1.11-3.36 keV) energy band is plotted
on the vertical axis. In this figure, the data marked with a square, a circle and a
triangle are from the first, second and third dips respectively. A non-correlation is
apparent because the 1.11-3.36 keV data drops to zero faster than thé 3.36-5.69
keV data. Since there are 3 ér 4 points from each dip in the very low flux section,
it 1s clear that the 1.11-3.36 keV flux is in its lowest state for 3 or 4 times longer
than the 3.36-5.96 keV flux. Finally, note that the part of the correlation plot with
higher flux has a fan shape. Careful exa,'rnina,tion shows that the second and third
dip points are nearly linear for. this section, but the first dip has a larger spread
with a lower 1.11-3.36 keV flux for the same 3.36-5.69 keV flux. Caution must be
. used when interpreting this plot, because though the 1.11-3.36 keV band is useful
for examining changes in flux due to changes in moderate column absorption, this
band can also be contaminated by the soft excess component.

In Figure 46, the correlation plot between the hard (8.00-20.9 keV) energy-
band and the medium (3.36-5.69 keV) energy band is shown for the April dip
data. Again, the square, circle, and the triangle denote the first, second and third

dips respectively. The bend in the correlation plot at the low flux levels shows lack
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Correlation Plot
Dips

Energy: 111- 3.36 keV

Energy: 3.36- 6.69 keV

Figure 45. Soft versus medium energy flux correlation plot for April data, around
dips. This shows the correlation between the soft band (1.11-3.36 keV) and the
medium band (3.36-5.69 keV). The square, circle and triangle show the data from
the first, second and third dips, respectively. Bin size is 64 seconds.
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Correlation Plot
Dips

Energy: 3.36- 6.69 keV

Figure 46. Hard versus medium energy flux correlation plot for April data, around
dips. This shows the correlation between the hard band (8.00-20.9 keV) and the
medium band (3.36-5.69 keV). The square, circle and triangle show the data from
the first, second and third dips, respectively. Bin size is 64 seconds.
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of correlation. The lack of correlation is not so clear, but is still evident. However,

there are only about 2 points from each dip in each section, indicating that the

3.36-5.69 keV flux is in its lowest level only about twice as long as the 8.00-20.9 _

keV flux.

Because of the larger signal.to noise ratio, the Octobér data yielded more
revealing correlation plots. than the April dip data. In Figures 47 and 48 aré
shown the correlation plots for the ingresé data. Figure 47 shows the hard versus
the medium data. There is see;l in the lower flux region of the graph a horizontal
branch.and a veri:ical branch. First, during the higher lux level horizontal branch,
the hard flux is nearly constant while the 3.36-5.69 keV flux is decreasing. Then,
during the vertical branch, the hard flux decreases while the softer fux is nearly
constant. Thé increase of the hard flux at high flux levels occurs because of a
hard‘gning.of the spectrum 1b-efore the dip. This observation not only indicates the
presence of a spectral change during the ingress, but also indicates a lag of the
hard flux over the softer flux. The number of points in the horizontal branch gives
an indication of the magnitude of the lag. At least 4 points are readily apparent

so the lag is about 120 seconds. This observation is quantified in the following

section discussing the cross correlation analysis. Figure 48 plots the medium flux -

(3.36-5.69 keV) versus the soft flux (1.11-3.36 keV). Here again it can be seen
that the drop is very sharp, because the points cluster in two sections. A large lag

in flux is therefore not apparent.

The correlation piots for the egress data are shown in Figures 49 and 50.

Figure 49 shows the hard flux versus the medium flux. This plot has a different

shape than that of the ingress plots, indicating that the lag or spectrai change
has a somewhat different character. In particular, except-for a few very low flux

points, this curve can mostly be described by diagonal branch and a relatively high
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Correlation Plot
Ingress

Energy: 8.00- 20.90 keV
6.0 9.0 12.0 16.0

3.0

0.0

0.0 3.0 6.0 9.0 12.0
Energy: 3.36- 6.69 keV

Figure 47. Hard versus medium energy flux correlation plot for the ingress section
of the October data. This shows the correlation between the hard band (8.00-20.9
keV) and the medium band (3.36-5.69 keV). Bin size is 32 seconds.
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Correlation Plot
Ingress

Energy: 111- 3.36 keV

Figure 48. Medium versus soft energy flux correlation plot for the ingress section
of the October data. This shows the correlation between the medium band (3.36-
5.69 keV) and the soft band (1.11-3.36 keV). Bin size is 32 seconds.



Correlation Plot
Egress

Energy: 8.00- 20.90 keV
2.0 4.0 6.0 8.0 10.0

0.0

0.0 2.0 4.0 6.0 8.0
Energy: 3.36- 6.69 keV

Figure 49. Hard versus medium energy flux correlation plot for the egress section
of the October data. This shows the correlation between the hard band (8.00-20.9
keV) and the medium band (3.36-5.69 keV). Bin size is 64 seconds.
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Correlation Plot
Egress

Energy: 3.36- 5.69 keV

Energy: 111- 3.36 keV

Figure 50. Medium versus soft energy flux correlation plot for the ingress section
of the October data. This shows the correlation between the medium band (3.36-
5.69 keV) and the soft band (1.11-3.36 keV). Bin size is 64 seconds.
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flux horizontal branch. This implies that the hard and medium flux both increase
for the first part of the egress, then the hard flux reaches a maximum while tile
medium flux continues to increase. This indicates a relatively longer time scale
for variability of the medium flux compéred with the hard flux. A spectral change
and a lag are also again implied, this time in the sense that the medium lags the’
hard flux. Finally, Figure 50 shows the medium flux (3.36-5.69 keV) versus the
soft flux (1.11-3.36 keV). This plot is again not linear; there is a slight bend in the
lower ﬂux region, indicating a lag of the medium energies over the soft. The fact
that this bend is in the lower flux region, while Figure 49 shows the bend in the
higher flux region indicate that the lag between these two bands occurs earlier in
the data section, so the lag implied between the very soft flux and fhe hard flux

is very large.

Cross correlation analysis. The qualitative results of the correlation plot anal-

ysis can be quantified by calculating the cross correlation of one energy band with
respect to another. The aigbrithm used for calculation is that of Edelson and
Krolik (1988) discussed in Chapter 6. However, since only one orbit of data is.
considered at a time, the cross correlation algorithm of Edelson and Kroli‘k‘ (1988)
reduces to the classical discrete cross correlation. From this analysis, the possibil-
ity of any lags or leads of one energy band over another can be examined. Such
lags are found, and offer very strong constraints on the nature of the moaula‘tion
of the flux. |

The cross correlation anal&sis of the April dip data was performed. The
data in the following energy bands were accumulated, for before and after each
dip separately, with 16 second time resolution: 1.11-3.36, 3.36-5.69, 5.69-6.84

(iron line energy band), 6.84-8.00 (iron absorption .edge band), 8.00-10.32, and
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10.32-20.9 keV. The cross correlation of the 10.32-20.9 keV data with each of the
lower energy data with 16 second time resolution was calculated. The maximum
lag considered depended on the length‘ of the data section and the length of the
decrease or increase. In general, the maxirnurn la,g,. was chosen by examining a
plot of the cross correlation versus lag, and cutting the maximum lag where the
cross correlation starts to turn up, due to edge effects. Next the cross correlation
function was fit to a Gaussian function of the form |

t—1

COF = Ce~ () _1 ‘ (8.1)

where C is a constant describing the amplitude, ¢jq4 is the lag, and o is the width of
the Gaussian. The spectral fitting routine used was a grid search from Bevington
1969. The uncertainties were evaluated assuming all parameters independent, and
one parameter of interest. An example of the fit for the Octobér data is shown' in
Figure 51. It is-clear that the fits were over-determined.

The fit results for the April dip data are summarized in Table 11. The dips
were split in. two parts; the decrease to the lowest flux level, and the increase
after the lowest flux level. In other v's'lords,‘ the regioﬂs before and after the dip
were analyzed separately. Because of the low flux level of the data, and because
of another problem Whi:ch will be discussed in the next section, many of the lags
measured by the fit are consistent W.i‘th zero. However, the data from the decrease
of the third dip, all give lags diﬁerént from 0 at greater than 3o significance.
The sense of the lag is that the hard data lags the soft data. In these data it is
interesting that the iron lin‘e band has the greatest lag, and the iron absorption
edge band has the least lag, although the difference between is only ~ 5o. Another

section in which there are lags different than 0 at greater than 3o is after the
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Cross Correlation

Ingress
« L 4.50- 6.69 keV H 10.32- 20.90 keV
L lags
u. O
'-400.0300.0 -200.0 -100.0 100.0 200.0 300.0 400.0
Seconds

Amplitude: 1.96+ 0.04
Lag: 59+7 seconds
Width at 0: 2759

Xl 0.38

Figure 51. Example cross correlation from October ingress data. The hard band
is (10.32-20.9 keV) and the soft band is in this case (4.50-5.69 keV). The peak to
the right of 0 shows that the hard band lags. Best fit Gaussian is also shown, as

well as the best fit parameter values and fit X/} , below. Bin is 16 seconds.
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Table 11. The results of fitting to the cross correlation of the April dip data. The
correlations from before and after each dip are shown separately. The 10.32-20.9
keV data were correlated with the energy bands given in the first column. A
positive lag indicates that the hard band lags the soft band The uncertainties
given are 1o with one parameter of interest.

Decrease _ Increase
Energy Band  Time Lag Time Lag
(keV) (s) (s) (s) (s)
First dip 1.11 - 3.36 500 42 +£11 400 —29 + 22
3.36 — 5.69 —13 + 10 1412
569 - 6.84 9411 17 + 21
6.84 — 8.00 19 + 11 —48 4 22
8.00 — 10.32 —2+14 —16 + 18
Second dip  1.11 - 3.36 200 24 6 300 58412
3.36 — 5.69 0+ 6 114+ 7
569 — 6.84 64+ 6 324+ 8
6.84 ~ 8.0 ~134 7 74 8
8.00 — 10.32 0+ 7 44+ 9
Third dip 1.11 - 3.36 300 45 £ 8 400 —9 4 12
3.36 — 5.69 43+ 7 ~10 + 11
5.69 — 6.84 6T £ 9 16 & 18
6.84 — 8.00 24 + 8 17 4+ 13
8 4 + 22

8.00 - 10.32 ‘ 42 +

second dip where-the 10.32—20.9 keV data lag the 1.11-3.36 keV data and also,
the 5.69-6.84 keV data.

Partly because of the greater flux of the October data, the cross correlation
fI‘OI';.'l the ingress and egress data sections yields some interesting and important
results. The data were divided into 7 energy bands for the ingress, and 6 energy
bands for the egress. The energy bands and the 'cross correlation results are shown

in the first two columns of Table 12. Again the cross correlation of the data was

I W A
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calculated as with the April data, with the cross correlation of the hardest band
being taken with the lower bands. The cross correlation plot was fit with the same
Gaussian function as the April data (Equatioﬁ 8.1), and the lags measured by the

fit are listed in Table 12. The errors listed are 1o.

Table 12. Comparison of lags calculated using CCF and template fitting. In the
first column is the energy band, in the second are the lags calculated by fitting the
cross correlation function to a Gaussian, while in the third are the lags calculated
by fitting the data to a template function. For the ingress data, the hard flux band
is 10.32-20.9 keV, while for the egress data, the hard flux band is ~ 9.0-20.9 keV.
A negative sign indicates that the soft flux lags the hard, and the uncertainties
are lo with one parameter of interest.

Energy CCF Lag Template Lag

(keV) (s) (s)
Ingress: ‘
1.11 - 3.36 125 £ 9 186 + 27
3.36 - 4.50 110 £ 7 106 + 25
4.50 - 5.69 5T+ 7 83 £ 24
5.69 -~ 6.84 16 £ 6 51 + 24
6.84 - 8.00 54 + 8 64 + 35
8.00 - 10.32 2+ 6 7427
Egress:
1.11 - 3.36 —142 4+ 12 —268 + 34
336 - 450 —-110+ 9 =196 £ 73
4.50 - 5.69 —96 £ 10 —50 & 35
5.69 - 6.84 —61 £ 10 —104 £ 79
6.84 - ~ 9.0 -38+ 9 —15 £ 23

In contrast to the April dip data, large and significant lags are found for
both the ingress and the egress of the October data. The sense of the lags is as

understood qualitatively from the correlation plots; for the ingress, the hard {lux
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' lags, and for the egress the soft flux lags. Further, many of the energy bands show
significant lags (1o) with respect to those bands adjacent in energy.

The la.gs measured by the cross correlation technique are in general’ quite
well determined. The Gaussian fit is generally quite' good, as illustrated in Fig-
ure 51. However, these well determined lags may be somewhat rnisleading. Recall
as discussed in Chapter ‘6, the uncertainty in the correlation function is in gen-
eral underestimated. This underestimation in the uncertainty in cross correlation
function points will propagate into the .Gaussian fit parameters.

Nevertheless, examination' of the iags in these tables shows some iﬁteresting
patterns. First with respect to the ingress, it is noteworthy that the iron line band
(5.68-6.84 keV) is not largely lagged with respect the highest band. In fact, the
iron edge band (6.84-8.00 keV) shows a larger lag. Also, the iron edge band does
not lead the 4.50-5.69 keV band significantly.

The egress data also yield interesting results. Many of the lower bands show
no remafka-ble lag with respect té each other. The more significant lags occur
between the ~ 8.0-20.9 keV bands and those of lower energy. This implies that
the hard energy band recox}ers to normal flux levels rapidly,‘and the soft bands
recover nearly together, more slowly.

Another way to discover the lags and also the relative time scale for the flux
change is through the transfer function. If the soft light curvés from the ingress
data truly ha.ve the same proﬁle as the hard light curves, and if the soft light curves
are viewed as a convolution of a transfer function and the hard light curve, then
the s‘hape of the transfer function would be approximately a delta function at the
lag rneasured'._If, on the other hand, as may be true for the egress data, the hard
light curve recovers quickly and ’che‘ éoft light curves recover more slowly, then the

transfer function will have a larger spread than a delta function, but still peaking
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at the same lag. These calculations have yet to be done and may not yleld these

desired results because of the noise in the hght curves.

Template fitting analysis. As mentioned in the last section, there is a problem

with using the cross correlation analysis to find the lags. In this section, the
problem is described as well as an alternate method to find the lags.

The data sections which contain the ingress and the egress are of course of
finite duration. The length of the data section containing the ingress is 1608

seconds, while the length of the egress data section is 1136 seconds. If the lag

between two energy bands is large compa.red with the length of the data section, .

the cross correlation function will be contaminated by éﬁects due to the ends of
the data.

- Ideally, the cross correlation W"ill peak at the value of the lag between the
two energy bands considered. However, this is only true for data sections which
have length much longer than the lag con;idgred-. In other cases, the peak of the
CCF will be at a time less in magnitude than the true lag. Recall that the cross
~ correlation function at a lag 7 can be understood to be the sum of the products
of the difference between adjacent pairs of points and the respective means when
the data from different energy bands are shifted with respect to each other by an
- amount 7 (Equations 6.6 and 6.7). The data.an amount 7 from the ends of the

data section clearly do not contribute to this sum. Therefore, the CCF is smaller

at large 7 than it would be if the data were much longer in duration. This end

effect causes the peak to decrea,se'sooner, causing the lag which is measured to be
smaller than the actual lag.
Note that this effect is only important for lags which are large compared to

the length of the data section. How long is too long? The rule-of thumb generally
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seems to be .th'a,t lags can be r;eliably measured which are less than or equal to
10%'of thé length of the data section. For the ingress data, this becomes about
100 seconds, while fo.r the eg_ress data, it is about 110 'seconds. Note that of the
lags given in Table 12 for the ingress and the'egress, six are at or near this limit.
This is one reason to try to measure the lags in a different way.

Another way to quantify thé behavior of the source during the ingress and
egress is to fit the data to a template. This approach has the advantage that,
though it is not elegant, it is direct. The template which was used to model the

increase or decrease in flux was an arc tangent function

_tl

Fluz = A a,rcta,n(t )+ 1. | (8.2)

_ This is a four parameter model. The parameter y; is the distancé that the average
value of the flux is raised above the Fluz = 0 line, and the parameter A is the
amplitude of the arctangent curve. The two physically more interesting parameters
are t; and B. The parameter ¢; is the time at which the flux drops half way from
its original value to its final value, while B gives the extent of the increase or
decrease. That is, if B = 1, the minimum value, the slope of the decrease or
increase is infm-ite at tq.

The da,ta.-fron'.l seven energy bands from the ingress and six energy bands
from the egress were fit to the arc tangent model. The results of the fittings are
summarized in Table 13, along with the fit results from the entire énergy range,
-(1.11-20.9 keV). However, in both the ingress and the egress, not all the dafa in
the section were fit. This is because a satisfactory fit could not be obtained if all
of the data were used, because the flux increase and decrease are not isolated in
the egress and ingress data sections. A satisfactory fit was defined by two critéria:

(1) the reduced x? is low enough so that the probability is less than 10% that such
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a large value of x% would be obtained from the correct fitting function (Bevington
1969), and (2) the best fit value obtained for B is not the minimum value of one.
The reason for the first criterion was so that the change in flux would be correctly
isolated. There is no reason to expect that the only change in flux in the data
section should be due to jus;c the presumed occultation of the source. Particularly,
it was observed in the correlation plot in Figure 47 the spectrum hardens just
before the ingress. Therefore, the light curve of the harder energy bands increases
before it decreases. In this case, the fit is unsatisfactory, unless the first increase

is removed. The second criterion is chosen for physical reasons, because it is not

realistic to expect the flux change to.occur in such a way that the slope should be -

infinite. This would be the case if the source were a point, and clearly, the source
should have a finite size. In order to make the removlal of data from the beginning
and end of data sections consistent, the same amount of data was removed from
each energy band, and the least amount was removed so that satisfactory fits
would be obtained for all of the energy bands. For the ingress data, the first 10
points and the last point were removed, leaving 21 points to fit. For the egress
data, only the first 2 points were removed, leaving 34 points to fit.

After trimming the data, the data were fit. The fitting in this case was done
using the Statistic‘al Analysis System, or SAS, available on the Vax node TREX.
The weighted nonlinear regression NLIN procedure was used, and the method used
was the modified Gauss-Newton method (SAS User’s Guide: Statistics 1982). The
best fit values were obtained with léss than 50 iterations, and the results were
stable with respect to starting value. The fitting results are listed in Table 13, and
the data fits for the total flux (1.11-20.9 keV) as well as for the separate energy
bands, are shown in Figures 52, 53 and 54 for the ingress, and Figures 55, 56 and

57 for the egress.
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Table 13. Fit results for the arctangent template. All errors are 1.

Energy (keV) tj(seconds) B(seconds) x2/d.o.f.
Ingress: .
111 - 3.36 23383 £ 14 =144+ 16 17.2/17
3.36 — 4.50 23463 & 10 10+ 11 13.3/17
4.50 - 5.69 23486 + 7 *7 + 17 18.5/17
569 - 6.84 23518 + 5 *7 + 15  19.5/17
6.84 — 8.00 23505 &4 26 43 + 39  24.8/17
8.00 - 10.32 23562 £ 15 %18 + 17 19.7/17
10.32 - 20.90 23569 £ 23 %36 £ 32  22.2/17
1.11 - 20.90 23492 £ 7 33+ 11 19.3./17
Egress:

1.11 - 3.36 12159 + 27 22+ 39 31.8/30
3.36 — 4.50 12087 £ 70 212 £ 136  30.4/30
450 - 5.69 11941 + 28 44 + 40  36.7/30
5.69 - 6.84 11995 £ 76 256 £ 179 28.4/30
6.84 - ~9.0 11906 + 9 9 £ 22 34.4/30
~9.0-20.90 11891 £21 %20 £ 21  38.8/30
1.11 - 20.90 11928 + 23 78+ 37 62.9/30

* Those fits for which the parameter B was not statistically necessary.

A interesting feature of the data emerged from this fitting. All the data
were fit twice; once with the parameter B being left free, and also with it being
fixed to its minimum value of 1. In some ca,se\é, the reduced x? was nearlvy the
same for both fits, indicating that the additional parameter B was statistically not
necessary. These cases are marked with an (*) in Table 13. However, in other fits,
the x? was substantially lower when B was left free, indicating that this parameter
was necessary for a -satisfactory- fit. This result can be quantified by calculhating

the F statistic given in Equation 3.1 (see also Bevington 1969). In all the cases
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Figure 52. Template fitting to total ingress light curve. The dotted line shows

the best fit from the arctangent template fitting, while the dashed line shows the
predicted curve from the model calculation. Data bin size is 32 seconds.
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Light Curves
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Figure 53. Template fitting to softer ingress light curves. The dotted line shows
the best fit from the arctangent template fitting, while the dashed line shows the
predicted curve from the model calculation. Data bin size is 32 seconds.
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Figure 54. Template fitting to harder ingress light curves. The dotted line shows
the best fit from the arctangent template fitting, while the dashed line shows the
predicted curve from the model calculation. Data bin size is 32 seconds.

for which B was found to be statistically necessary, the F statistic indicated a
confidence level of greater than 99%.

This result implies for those marked with an (*), the fitting program finds

that the drop or rise in flux occurred nearly instantaneously. This is the case for
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Figure 55. Template fitting to total egress light curve. The dotted line shows
the best fit from the arctangent template fitting, while the dashed line shows the
predicted curve from the model calculation. Data bin size is 32 seconds.
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Figure 56. Template fitting to softer egress light curves. The dotted line shows
the best fit from the arctangent template fitting, while the dashed line shows the
predicted curve from the model calculation. Data bin size is 32 seconds.
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Figure 57. Template fitting to harder egress light curves. The dotted line shows
the best fit from the arctangent template fitting, while the dashed line shows the
predicted curve from the model calculation. Data bin size is 32 seconds.

nearly all of the ingress data, and for the hard flux energy bands of the egress. For
those not marked, the fitting program could distinguish some rise time. This is
true for the soft energy bands of the egress. Model implications of these facts will
be discussed later, in the section on implications of realistic geometries; however,
note that the best fit values for B are not well determined, except for the total flux
cases, making a detailed model of the rate of flux decrease for the soft flux bands of
the egress impossible. Determining the rise time from the transfer function would

probably also be difficult. For the cases of the template fitting for the total flux
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range., from 1.11 to 20.9 keV, shown in Figu£e$ 52'and 55, the values for B are
better determined. The ingress value of 33 + 11 seconds is quite well determined,
showing that B is different from 1 by 3¢. The egress value of 78437 seconds is not
so well determined, but still shows B to be ciifferent from 1 by 20. These figures
-suggest that the rate of increase of the egress is slower than the rate of decrease
of the ingress; however, the uncertainties are too large to éonﬁrm this idea.

With these data in hand, the lags can be calculated and compared to those
measured using the Gaussian fit to the cross correlation function, as described in
the previous section. These lags are given in Table 12.

| In most cases the la;gs calculated from the two different methods are consistent

with each other, the difference between them being smaller than the sum of the

uncertainties. However, for the data from the lower flux bands, the difference in -

results is significant. Spétiﬁcally, the lags from the 1.11-3.36 keV data for the
ingress, and the 1.11-3.36 and 3.36-4.50 keV data for the egress are not consistent
between the two methods. Note that the lags measured by the cross correlation
functioﬁ in these ca,se's‘ are equal to or larger than 10% of the data section length
(100°seconds for the ingress and 110 seconds for the egress), and also the CCF
lags are in these cases consistently smaller than those measured by the i:emplate
method. This illustrates the effect of the ends in the cross correlation and shows the
lags measured by the CCF method to be underestimated, as expected. Therefore,
the lags are more reliably fneasured, for the softer fluxes, by the template method.

It.is interesting to note that the lags of the ingress and the egress can be seen
by examination of the light cu‘rves at different energies, shown in Figures 52 and 53
for the -ingress and Figures 56 and 57 for the egress. In general, the maximum flux
attained was larger for the ingress, and .thus a different vertical scale was used. If

these light curves are examined closely, the lags in the ingress can be easily seen.
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The profile of the ingress light curves appears approximately the same, and the
data are p.urely laggéd. In coﬁtra.st, for the egress, the data in the energy range
2.24-6.84 keV appear to have a long ,slov;r increase, while the 6.84-20.9 keV data
have a sharper increase. . .

Finally, the template method should be applied to the April dip data, but has
not yet been because of lack c;f time. As shown in Table 11, the cross correlation
method does not find convinhcing evidence for lags in these data. However, the
correlation plots suggest that they must be present. A likely reason that the cross
correlation does not find significant lags is the end effect, since the dip data must
be divided into regions before t“he dip and after the aip. Therefore, the sharpest

decrease or increase occurs at the end or beginning of the data stream.

Spectral Analysis In this section, the regions of fastest variability are exam-

ined by spectral analysis, in order to further understand the nature of the fastest
variability. The same data afe examined as in the previous section; the data f.rom
the three dips from the April data, as well vés the ingress and egress from the
October data. | |

First we consider the April dip data. The results of the 256 second spectral
fitting, as plotted in Figures 84, 85 and 86 in Appendix 1 were examined. .Some
of the spectral fitting results were consistent between adjacent sp‘ectra.. In this
case, these spectra could be combined, and fit, resulting in tighter‘para.me‘ter
constraints. In the end, 11 spectra were found to describe the three dips. Spectral
fitting re;c,ults of these spectra are listed in Table 14.

Table 14 is divided into 4 sections vertically with the first 3 sectioﬁs 'be‘ing
from each of the three dips. The spectra names are listed in the first column.

Along with the names are a designation-(b), (a), or (d). This refers to the light




Table 14. The results of spectral fitting to the combined April dip data. Line energy fixed at 6.4 keV. All errors are
90% confidence. :

Spectrum Subframes Photon log(Ng) Line Flux Equivalent x% Differencej Fluxt
Index (cm™2) (counts™!)  Width (eV)  /d.of. in %2 Plot
A1D10(b) 136-139 146 £0.17  22.70 + 0.16-  *1.52 + 0.50 490 £°160 0.96/25 > 90% *¥39.8
A1DB3(b)  140-142 1.97 + 0.22 23.03 £0.12  *1.49 +0.66 440 + 190 1.25/25 > 99% *56.3
A1DIP(d) 143-144  1.03 £ 0.58 22.54 + 0.87 < *0.59 <630 - 1.61/26 — *9.6
Al1DAIl(a) 145-147 1.40 £ 0.22 22,67 £ 022  *0.91 + 0.56 360 +£ 220 1.08/25 > 1o *31.5
A2DBFR(b) 157-158 1.5140.20 2279 £ 016 155 4 0.50 600 £ 190  0.73/25 > 90% 34.4
A2DIP(d) 159-160 1.06 + 0.49 22.32 + 0.81 < 0.64 < 960 1.01/26 — 7.0
A2DA3(a) 161-166 1.20 £0.10 2242 +0.18 . 1.11 + 0.93 530 £ 110.  1.52/25 > 1o 23.8
A2D3(a) 167-168 1.71 + 0.21 22.94 £ 0.14 0.93 £0.51 400 + 240 1.44/25 > 90% 324
A3DB2(b) '264—267 1.561 £ 0.13  22.70 + 0.14 1.13 £ 0.35 440 + 130 1.40/25 > 99% 334
A3DIP(d) '268-269 1.10 £ 0.38  22.71 + 0.46 < 0.39 < 390 .0.53/26 — 10.6 -
A3DA1 (a) 270-272 .1.27 £ 0.18  22.43 + 0.32 0.77 £ 0.36 410 + 190 0.48/25 > 90% 22.1
ADIP(all dips) 1034026 2252 £041 <026 < 290 1.15/26 — *9.1 -

(b)=béfore dip, (a)=after dip, (d)=dip spectrum.

fContinuum flux is from 2~10 keV, intrinsic, in counts™!.

tSmallest difference between the N H versus photon index X2 contours for this s

*Corrected for aspect.

pectrum and the ADIP spectrum.

1144

1 i T v §1°*
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curve and shows whether the spectrum is from (b) before the dip, (d) during the
dip, or (a) after the dip. As a group, the spectra with (b) or (a) are referred to as
the ‘non-dip’ spectra, while those with (d) are refer?ed to as the ‘dip’ spectra. All
spectra were fit with a power law, line and absorption fit (Equation 4.2); ‘However,
notice that the dip spectra did not admit a line fit. That is, in these cases, the
uncertainty in the line was found to be larger than the best fit parameter value.
Therefore, for these, a line flux upper limit was measured.

In the third column of the table the photén index is listed. These show a dra-
matic decrease in the dips, indicating a hard spectrum at the point of lowest flux.

The third column shows the column density. When tested against the constant

hypothesis as a group, the column density is shown not to vary significantly, and _

any correlation would be positive with respect to flux. Therefore, the interesting
question is whether the photon index varies significantly. Since the separate dip
spectra are of such low flux level, as well as being corhposed of only 2 subframes,

the parameter values in the dips are not well constrained. Examination of these

parameter values shows that it cannot be concluded that the spectrum is signifi-

cantly harder in each dip gomp)ared with the adjacent spectra. However, it can be
séen that the dip spé;tra fit parameters are consistent from the three dips. There-
fore, it is justified to combilne the three dip spectra into one, in order to obtain
better st‘a,tistics. The spectral fitting results for this combined spectrum, called
ADIP, are listed in the bottom line of the table. The phdton index is found to be
very loW, indicating a very hard spectrum. The absorption column is moderate.
No line was admitted in the fit, but the upper limit at the 90% conﬁde‘nce level is
found to be small. |

-Then, it is interesting to investiéate whether the ADIP spectrum is signif-

icantly different than the nén-dip spectra from the three dips. Because of the
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uncertainties are calculated using 1 interesting pérameter, fhe comparison cannot
be done by examining the parameter \rfa,lues and uncertainties alone, but must be
done by exémination of the X2 co.nt(.)ur plots. These are shown in Figures 58, 59
and 60,‘ for each dip sepafrately, along with the contours from ADIP. Only fhe
90% and lo contours are shown, although in a few cases, the difference between
the ADIP contour and the non-dip contours is greater than 99%. The largest
difference between the ADIP contours and.the non-dip contours is listed in the
8th column of Table 14. In general, the spectra before the dips differs from tilé
ADIP spectrum by at least 90%, while the spectra just after the dip differs from
the ADIP spectrum by only at least 1o. For the second dip, however, where a
significant amount of data were available after the dip, the contours from a second
spectrum after the dip differs from the ADIP spectrum contours by more than
90%. Comparison of the Xé contours shows a significant spectral change in the
dips compared with the non-dip spectfa.

| In the fourth column of the table, the line flux is listed. As mentioned previ-
ously, the dip sp-ec.tra do not admit a line fit. Note that tfle éombinéd dip spectrum
ADIP also did not admit a‘.'line fit, and also the upper limit for this spectrum at
the 90% confidence level for one interesting parameter was orﬂy 0.26 count s~ 1.
When the line flux parameter values of the non-dip spectra are compared with
this upper limit, it can be seen that they are significantly larger at the 90% confi-
dence level. Note that the line energy is coupled to the line flux; however, in this
spectral fitting the line energy was fixed at 64 keV, assuming no line energy shift.
Thus, it is valid just to compare the best fit values and uncertainties. Therefore,
these spectral fittings show that the line flux decreases significantly in the dips,

when compared with the non-dip spectra.
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Figure 58. versus photon index x2 contours from the first dip of the April

data. The %2 contours for the non-dip spectra from the first dip of the April data
are shown, as well as the contours from the ADIP spectrum. The solid line shows
the la contour, while the dashed line shows the 90% contour.
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Chi Square Contours
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Figure 59. Ny versus photon index x2 contours from the second dip of the April
data. The %2 contours for the non-dip spectra from the second dip of the April
data are shown, as well as the contours from the ADIP spectrum. The solid line
shows the lcr contour, while the dashed line shows the 90% contour.
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Chi Square Contours
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Figure 60. Nh versus photon index x2 contours from the third dip of the April
data. The %2 contours for the non-dip spectra from the third dip of the April data
are shown, as well as the contours from the ADIP spectrum. The solid line shows
the la contour, while the dashed line shows the 90% contour.
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The best fit spectra for ADIP and the eight non-dip spectra are shown in
Appendix 2, Figures 95-103.

For the October ingress and egress data, the spectral fitting was carried out "

in the same way. First the results fI‘Ol’l‘.l‘ fitting the 256 second spectra from these
two data groups were examined in order to see which could be combined. For the
ingress, the spectral change was too fast for any spectra to be combined. The
results of spectral fitting to the combined spectra are found in Table 15.

In the first column of Table 15 are 1isted~ the names of the spectra. There are

two groups of data corresponding to the ingress. The first four spectra correspond

to all the data in the ingress. data stream divided into equal parts. The OIHRD3 ‘

and OHLTSI spectra will be explained near the end of this section. The egress
.data were split into 3 spectra.

The results of spectral fitting to the October i‘ngréss and egress spectra are
qualitatively similar to the regults from spéctrallﬁt‘ting of the April dip data. The
spectral index is’ observed to drop as the flux décreases. Also, during some of the
low flux spectra, the line model is not admitted. However, some of the details
are different. First, for some of the low flux spectra, particularly O5E1, it was
necessary to fix the absorption column at the Galactic value of log(Ng) = 21.2.
This is not an anomalous occurrence; many of the low flux 256 second spectra
required this also. Also, some of the best fit épectral indices found were very hard,

with photon indices below 1.0, Line equivalent widths seem to 'a,lways be very

large for this source, but they become even larger here, especially for the low flux

egress spectra. Unfortunately, here it ca,nn_dt be shown that spectra differ from
adjacent spectra significantly, as was possible for the April data.
From the spectral fitting of the April and October data, at least one trend

seems to be apparent. It seems that the spectral index is correlated with the




Table 15. The results of spectral fitting to the combined spectra from the October ingress and egress data. Line energy
fixed at 6.4 keV. All errors are 90% confidence.

Spectrum Subframes Photon log(Ng) " Line Flux Equivalent X%Z Fluxt
Index (cm™2) (counts™!)  Width (eV) /d.of.

Ingress: _

OI1 245-246 1.46 + 0.16 2246 +0.29 0.58 £0.47 210 £ 170 . 0.89/25 35.2

0OI3 247-248 1.54 £0.16 2234 £028 095+049 320 £170 1.69/25 38.6

OI5 249-250 1.28 £ 0.16 2262 £ 020 142 +0.51 460 + 170 0.72/25  36.6

OI7 251-252 1.27 +£0.28  22.27 £ 0.70 <041 < 310 0.67/26 15.0

OIHRD3 see text 0.85 £ 0.17 21.2(f) 0.89 +£ 0.51 640 +£370  0.59/26 14.5

OHLTSI see text 1.54 £0.35 22.54 £ 0.43 <041 < 320 0.76/26 16.6

Egress: ‘

O5E1 152-156 . 0.85 £ 0.11 ° 21.2(f) 077 £ 023 770 £230 - 0.47/26 10.5

OES 157-158 099 + 021 2231 4+£047 098 £044 530 £240 0.71/25 19.9

OES8 1.39 £ 020 22.61 £+ 0.25 500 £ 200 0.82/25 -

159-160

1.14 £+ 0.47

28.6

+Continuum flux is from 2-10 keV, intrinsic, in counts™*.
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flux. This result could be predicted by examining the hardness ratios at the dips

for the April data, Figures 25 and 26, and the softness ratio for the ingress and

. egress'for the October data, Figure 27. However, examination of the softness ratio
for the October data suggests something else .és'well. The ingress data occur at
about 23,000 seconds in this plot. The softness ratio is first observed to decrease.

This is expected for a hardening spectrum; the soft flux becomes relatively smaller.

However, the last 3 points of the softness ratio shows a sudden increase in softness,

suggesting a softer spectrum.

T;) examine the possibility of the spectrum becoming softer again at low flux,
the last three points were picked up, essentially. The actual data selection for this
spectrum was that the count rate of the 8.00-20.9 keV band should be between 0
and 5 countss—!. This résulted in the spectrum called OHLTS5I. For compariso;l,
another spectrum was made, selected to be between 5 and 8.5 .countss™! in the
same energy band: This spectrum was called OIHRD3, and was composed of
essentially the previous 2 points.

Recall that the binning of the s;)ftness ratio light curve was 64 seconds. This
implies that OTHRD3 was comprised of only 128 seconds of data, while OHLT5I
was comprised of only 192 seconds of data. Most of the spectra fit during this
analysis were composed of at least 256 seconds of data. Because of the short time
of accumulation of these spectra, the PHA spectra are shown in Figure 61 for
OIHRD3, and Figure 62 for OHLT5L These figures show that these spectra are
acceptable, and not dominated by noise.

The spectral fitting results are listed in Table 15. 'The spectral indices are
remarkably different between these two spectra. As predicted by the softness ratio,
. OIHRDS3 had a hard spectrum having a photon index of 0.85+0.11, while OHLT5I

had a soft spectrum having a photon index of.1.54 & 0.35. Again however, real

L 8 L 4 Y A {1
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Figure 61. The ingress spectrum OIHRD3 from the October data. The data
accumulation time iIs 128 seconds.
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(TOTAL {0.83 CqUNTS/SEC)

COUNTS/KEVI/SEC

ENERGY CKEV)

Figure 62. The ingress spectrum OHLTS5I from the October data. The data
accumulation time is 192 seconds.
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spectral variability cannot be verified by just examining the uncertainties in the
best fit parameter when only one parameter of interest is used; the %2 contour
must be examined. Note that the x2 contour for OIHRDB reduces to a line since
the absorption column was ﬁxeci at the Galactic value. This is shown in Figure
63. From these contours, the spectra are seen to differ at the 90% confidence level.
. There are some other interesting features in these spectra. For OIHRD3, the
column density Wa,s'required to be fixed at the Galactic value, as was the case
for hard spectra of the egress. Als.o, the hard spectrum required a line. This
line can clearly be seen in the spectrum shown in Figure 61. Iﬁ contrast, the
following soft spectrum did not require a line; Figure 62 shows that there was no
evidence for one. However, probably because of the low flux and the small amount
of data accumulated, the line fluxes are not quite significantly different at the 90%
confidence level. Interestingly, though, the equivalent widths are different at the
90% confidence level. Thus spectral var'ia,bility is verified on a time scale of ~ 128
seconds. |
The four best fit spectra for the ingress are shown in Figures 104-107 of
Appgndix 2. The best fit spec'tra for OTHRD3 and OHLT5I are shown in Figures
108 and 109, respectivély. Finally, the three best fit spectra for the egress are
shown in Figures 110, 111 and 112.

Model Calculations

The appropriate model to explain the fastest variability is suggested from the
light curve of the April dip data. Three dips were observed in which the fux drops
nearly to 0 countss™!. A most obvious model to choose to describe this behavior is
an absorption model, in which a block of material, optically thick to X-rayé, comes

between the observer and the source, temporarily blocking the X-ray flux. It is
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Chi Square Contours
Ingress Spectra

OHLTSI

OIHRD3

1.2 1.4
Photon Index

Figure 63. X2 contour for OHLTSI, and x2 line for 01HRD3. This shows that
these spectra differ at the 90% confidence level.
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difficult to imagine a model in which the dip in X-rays has an intrinsic origin; that

would be equivalent to temporarily turning off the source. However, an absorption

model does not obviously describe the ingress and egress region‘of the October

data, since the flux level only falls to half of its original amount.

Therefore, we propose a modified absorption quel to describe the fastest
variability in NGC 6814. The model is built to explicitly explain the details of
the ingress and egress data; in order to do this, we propose that the absorption

column be variable. Detailed model calcqlations follow which demonstrate that

I T Y . R I

the variable absorption model is consistent with the regions of fastest variability in -

the October observation. In the discussion section the implications of this model
on the April dip data and on the variation of the spectral index over the entire
October observation will be described. A motivation of the model is that the

ingress and egress data are remnants of the decayed April dips.

The Variable Absorption Model

The model proposed is a variation of the partial covering model. In this
model, the column covering the source is allowed to vary in time. Physically, the
pictufe we have in mind is that a cloud with varying column density is moving
across the source. This mechanism takes é,dvanta,ge of the fact that the X-ray

absorption by neutral material with cosmic abundance is energy dependent. In

this way, the lags observed can be explained if the column density increases as -

the time increases. So, during a flux decrease, first the soft flux is absorbed by a
relatively small column density. Then harder and harder fluxes are absorbed by
larger columns. The amount of lag measured directly implies the change of the

column needéd.
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Fitting the Model The template fit results can be used to fit models which

describe the column density covering the source at a given time, Ny (¢). The fit
parameter ¢; can be used, because it is the time at which the flux drops half way
from its initial \lra,lue to its final value. The time for this to happen can be easily
found for any model of the column density, as follows.

Assuming no absorption by the host galaxy, the maximum flux
‘FMG:J: o e_U(E) NH(Gal) : (83)

‘where o(E) is the energy dependent absorption cross section, and NH(Gal) is the
absorption column due to the Galaxy. The values of the cross section for neutral
material given by Morrison and McCammon (1983) were used. It is necessary to

‘ _ find the time t/g at which the flux drops to half. This time obeys the equation

F(t) ) o e~ (EB) (Ne(gan+ N (t1/2)) (8.4)

Here Ny (t) is the time dependent extra column covering the source. Note that it
is assumed that the fraction of unabsorbed flux necessary to describe the ingress
and egress data remains constant. Setting Equation 8.4 equal to 1/2 of Equation

8.3 results in the following equation:

Nalwp)= ot (89)

For simple models of Ng(t), this equation can “be solved explicitly for t1/-

. Two types of two-parameter models for the time dependent column density
Np were used. These models were devised by the author as possible descriptions
of the time dependent column density. The first one is called the exponential
model given by

(%5)
Ng(t) =+10" 7 . (8.6)
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where the sign used was + for the ingress and — for egress. Here, T is the initial
time and P; shows the extent of the decrease. The other model was called the

power model

Ng@#)=+P1(t—-T)F (8.7)

where T has a similar interpretation as above, while P1 is the initial column.
Here P is an integer power, and was not left free. Powers from 1 to 12 were
fit. The model fitting proceeded by a brute force grid search, in which the fit
x2 was evalua,telzd for a grid of possible parameter values. This was a practical
method, since the model had only tvvo' parameters. The Statistical Analysis System
software, used for the template fitting, could not be used in this case, because the
absorption cross section is discontinuous at the iron absorption edge.

The power model, Equation 8.7, yielded formally acceptable fits for the ingress
data for powers greater than 9. That is, the fit x% was smaller than the value such
that the probability was less than 10% that the fitting function was appropriate.
The best fit for this type of model was for P = 12, for both the ingress and the
egress data. However, in both the ingress and the egress cases, the exponential
model yielded a smaller X%;- In no case was the fit. over-determined. The fit results
for the exponential model and the power model with P = 12 are given in Table
16, while the ingress and egress data along with the exponential fits are shown in
Figure 64 for the ingress and in Figure 65 for the egress. Note that the energies
chosen to correspond to the template fit data were found by calculating the mean
of E~%, assuming o = 0.7, weighting with the efficiency of detection, and folding
in the Galactic absorption.

One interesting property of the ingress data that supports this model occurs

around the discontinuity at the iron absorption edge. The iron line band data
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Table 16. Fit results for the ingress and egress data. Parameter uncertainties are
90% for one parameter of interest.
-

Data Py T X? /d.o.f

Exponential Model:
Ingress  111.3 +0.3seconds 20893 £ 7 seconds 6.24/5
Egress 157.2 £0.7seconds 15631 + 16 seconds 20.5/4

Power Model (P = 12):
Ingress  1.39 x 10~ 1%cm—2 22007 seconds . 8.16/5
Egress  4.06 x 10~ 12¢m—2 12748 seconds 25.6/4

point, at ~ 6 keV, shows less lag from the highest energy data than the iron edge
band data. Therefére, the y-a,riable aBsorption model is fit well in this region.

Both fits are acceptable for the ingress data; howéver, the exponential modél
finds a smaller x2, an(i is more attractive, since the exponential function is a sum
of powers, and so no single power need be singled out.

The ﬁtsr are not satisfactor& for the egress data, for either modél, althc;ugh
the exponential model fit is better. The problemé with this fit probably lig in both
the model and the data. The data from the template fitting of the egress data are
probably of poorer quality than the ingress data because of the low flux, and this
fact may not be cofnpletely reflected by the larger error bars. The lower quality of
these data is due to the fact that the c'ombined flux in general was lower for egress
data, and also, because most of the egress data statistically required B # 1, 1 was
less well determined. Note that the uncertainties were calculated assuming that B
and #; were completely independent, and this assumption may not be comipletely

justified. To examine this possibility, the 2 contours for these two parameters
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Ingress Data

itf 10'
Energy (keV)

Figure 64. Best fit of exponential model to the ingress section of the October data.
The fit x2 was 6.24 for 5 degrees of freedom.

Egress Data

Energy (keV)

Figure 65. Best fit of exponential model to the egress section of the October
data. The fit x2 was 20.5 for 4 degrees of freedom.
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could be calculated and examined. However, probably the larger problem is that
an exponential absorption model is not quifc_ the best model to use. Examining
Figure 65 shows that these data could be fit better by a function with curvature
in order to fit the highest and lowest energy points. Perhaps one with a quadratic
or some other power exponent might work better. It is imporfant to understand
that the problem most likely lies in the choice of fitting function and not in the
model in general.

In general the model fits the data extremély well despite its simplicity. Of
course such a simple model cannot explain all the details of the observation. How-
ever, a more complicated model with more fit parameters would not be justified,

given the quality and quaﬁtity of the data to be fit.

Light Curves Predicted by the Model. As a comparison between the model

and the data, the light curves predicted by the mo‘del were calculated. These
were superimposed on the ingress data in Figures 53 and 54, and én the égress
da;,ta. in Figures 56 and 57. Aiso superimpqséd are the plots of the best fit for ’vthe‘
arctangent template function. In addition, Figures 52 a;nd'55 show the plots of
the data from 1.11-20.9 keV, along with the template fit curves and model curves.

In order to calculate the light curves predicted from the model, it was neces-
safy to normalize them to the-asymptotic values of the best ﬁt template parameter
results. This is done because it is impossible to estimate f,he normalization com-
pletely theoretically. Too many assumptions would ha'.ve to be made. For example,
the power law index must be assiumed, and the efficiency of photon detection must
be folded in. Another factor is that the response matrix of the éa;tellite precisely
at the tirﬁe of observation is not available in Montana. However, for qﬁalitative

comparison, the normalization carried out is certainly justified.
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It is interesting to examine the time for the flux to fall halfway between its
initial and final value aﬁd the amount of time for the decfease. The time for the
flux to fall halfway between its initial and ﬁnail' value ‘sho'uld correspond to the
residuals of the model fits, shown in Figures 64 and 65. Comparing't'hese figures
shows this indeed to be the case.

The decrease and increase time is the real indication of the geometry of the
situation. It is interesting to see from Figures 52-54 that for the ingress, the
decrease time was srﬁéller for the fits than for the model. Although the numerical
values found for the decrease times given in Table 13 were not well determined,
the idea is interesting to examine. The model calcﬁlation assumed a point source.
Also, tile model for the decrease in column density is 1-dimensional. | In this modél‘,
. a finite source size can only increase the decréase time. What could be modified
to make the covering time f;'zster? |

For the entire energy range, from 1.11-20.9 keV, the comparison can be more
quantitative. Table 13 gives the best fit decrease time for the ingress data to be
33 £+ 11 seconds. A similar template fit to the model decrease finds the decrease
time to be 81 4 3 seconds, significantly larger than the measured decrease.

For the eigress7 Figures 55-57 shows the results to be more mixed. For several
of the soft energy bands, the increase time for the model is smaller than the
measured increase time from template fitting. ‘However, for the harder bands,
the model increase time is larger, as was the case for the egress data. For whole
energy range, recall from Table 13 that the increase time was measured to_be
78 + 37 seconds from template fitting. Fitting the model, however, finds the
increase time to be 106 & 4 seconds, again léng'er than the measured decrease.

The explanatio-n for the discrepancy coula be that the model function, al-

though adequate for qualitative comparison, is not completely appropriate. Recall
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that one cause of the discrepancy between model and fitting was that the hardest
flux data values would require a function with curvature for a better fit. This im-
plies that a better function would have the column, for very large values, increase
faster as.a function of time. Such a dependence on the time would cause a faster

decrease for the model function, at least for the higher energy bands.

Spectra Predicted by the Model. As shown in the previous section, the vari-
able absorption model caﬁ explain the nature of the laés found in the ingress and
egress data sections from the October observation. The next question is, does
the model produce spectra similar to those found in the ingress and egress data?
In order to address this question, spectra from this model which correspond to
ingress and egress data were accumulated and fit. However, the cornparisbn must
be qualitative, because of the many assumptions which must be made. For exam-
ple, the power law index of incident spectrum cannot be known. Therefore, a is
assumed to be 0.5.

The reason that a was chosen to be 0.5 is because of the interpretation of
the OHLTS5I spectrum. Recall that the best fit photon index for this spectrum
was 1.54. This is assumed to be the intrinsic photon index. During the ingress
and egresé data sections, the flux does not drop to zero, but it appears that it
may level out after it has dropped about half way. This is assumed to be due to
a fraction of the incident spectrum not being absorbed. This assumption is also
supported by the fast softening of the spectrum OHLT5I compared with OIHRD3.
Assuming the variable absorption model, the soft spectrum would be due to the
source being partially covered by a completely thick cloud, while the remainder
of the flux is unabsorbed. Then the spectrum would be the unabsorbed, intrinsic

spectrum reduced in flux. Thereforé, model energy index was chosen to be 0.5.
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However, there may be a way to discover the intrinsic index involving further
spectral analysis. This will be discussed in the discussion section on implications
of the absorption model on the hardness variability.
In order to make model spectra, the fraction of the incident spectrum not
absorbed must be estimated. To find this fraction,' the model for the source flux

is assumed to be
F(B,t) = B~ o EWaiea (o (EWult) 4. ), (8:8)

Therefore, the fraction of the source unabsorbed would be fo/f;. This equation
neglects line emission, which would be negligible. In order to estimate f; and f,
the template fits for the total 1.11-20.9 keV data were used. Using the ingress data
as an example, it was assumed that, before ingress, there is no cloud absorption,

and the only absorption was due to that of the Galaxy. Therefore

F(E, before) = B2 o (BWutoan (f, 4 f,) (5.9)
The absorption column may be underestimated, since there is evidence of intrinsic
absorption in this source. However, we cannot know the value of the intrinsic
absorption, so the Galactic column provides the lower limit on the absorption
column. Making this assumption, the asymptotic value of the arctangent template
model is the total flux before ingress.
Next it was assumed that, after ingress, the cloud absorbed some fraction
completely, and the flux remaining is only absorbed by the column due to our

Galaxy. The appropriate relation is then
F(E,after) = E~® ¢~ o(E)Na(can( f,). (8.10)

Similarly, the total flux after ingress can be found using the arctangent template

fit results. Then these two equations can be solved for f; and fy. For the ingress,
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they were found to be f; = 4.31 and fy = 2.48, while for the egress, the results
were fi; = 2.75 and fy = 1.69. Note that these are not equal, and they also do not
yield the same ratio. Under ideal circumstances, they should. However, they may
not because of several reasons. One is that the data sections are cut by the data
selection process. In either the case of the ingress or egress, it cannot be known if
the flux level at the end of the data section has reached its minimum or maximum,
respectively. Simﬂarly, it cannot be known if the flux level at the beginning of the
data section is the maximum or minimum for the ingress and egress, respectively.
However, this discrepancy again does not affect the qualitative comparison.

Once these normalizations are found, the spectra can be integfated. In order
to simulate the measured spectra, the simulated spectra are accumulated over 256
seconds.

The model spectra are shown in Figure 66 for the ingress and Figure 67 for
the egress. The number by the simulated spectrum corresponds to the number of
actual spectrum which is being modeled. For example, the spectrum numbered
with (3) on the ingress plot was accumulated over the same time interval as the
actual measured spectrum OI3. The only exception to this is that for the ingress, .
spectrum number (8) corresponds to OHLTS5I, which was essentially the last sub-
frame of the ingress data section. Examination of these simulated spectra indicate.
significant spectral variability.

These model spectra were fit to a simple power law plus absorption model
(Equation 4.1). The spectral fitting program used was a simple grid search pro-
gram called GRIDLS from Bevington 1966. The spectra were accumulated every
0.5 keV, and uncertainty was simulated by a constant scaling factor times the flux
divided by the square root of the energy dependent efficiency of detection. In

this way, the fitting was weighted so that the high and low energies contribute
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Simulated Spectra
Ingress

Rux (Arbitrary Units)

Energy (keV)

Figure 66. Model spectra of the ingress section of the October data.
explanation of the numbers labeling each curve, see text.

For the
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Simulated Spectra
Egress

Rux (Arbitrary Units)

Energy (keV)

Figure 67. Model spectra of the egress section of the October data.
explanation of the numbers labeling each curve, see text.

For the
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less to the determination of the best fit parameters, as is the case during spectral
fitting of the real data. Since the constant scaling factor is chosen arbitrarily, the
uncertainties of the parameters found in spectral fitting are also subject to nor-
malization. Since the purpose of the uncertainties was only to weight the spectral
fitting, the qualitative results will not be compromised by this choice. However,
one improvement may be made, and probably will be done when time allows. That
it, less points in the high energies should be fit, because Ginga spectra bin higher
energy spectra into larger bins. Another improvement which will be made when
time allows is to modify the energy band fit. The.simula.ted data were fit in the
energy band from 1-20 keV, while the real data were fit from 3.36-20.9 keV. The
qualitative results would not be changed, however. ' |

The spectral fitting results from the simulated spectra and the correspondiﬁg
measured spectra are listed in Table 17. In the first column of the table are the
the times over which the simulated spectrum was accumulated. In the second and
third column are the index and absorption column found from spectral fitting of
the simulated data. For comparison, in the second three columns are the results
from the actual data fitting. In the fourth column is the name of the spectrum
which was accumulated over the same time as the simulated spectrum, while in
the fifth and sixth columns are the corresponding index and absorption column.

Qualitatively, two trends emerge. In the ingress data, the spectral index first
falls and then rises, for both the simulated and measured data. -A similar trend is
observed also in the egress data.

Another trend is apparent, in the values for the absorption column. Although
the model proposed is an a.bsorptibn model, it is perhaps surprising that there
is not a dramatic increase in column density as the proposed cloud covers the

source. In fact, when the source is mostly covered, the column density is observed
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Table 17. Fitting results to the measured and simulated data. For the simulated
data the assumed incident energy index was 0.5 and the assumed uniform colunn
density was the Galactlc value, log(Ng) = 21.2. '

Simulated Measured
Time Inde;c log(Nyy) Spectrum Index  log(Ny)
Ingress:
23040-23296  0.500 + 0.006 21.3+21.0 OI3 057+0.16 224404
23168-23424  0.480£0.006 21.7+19.3 Ol4 0.36+£0.16 22.4+0.3
23296-23552  0.320 £0.006 21.9+21.0 OI5 0.25+£0.16 22.6+0.2
23424-23680 0.101 £+ 0.002 21.2% 016 0.254+024 22.7+0.3
23552-23808  0.320 £ 0.005 21.2% or7 0.27 £+ 0.28 22.3.:1: 0.7
23680-23936 0.494 :E-O.dOﬁ 21.24+21.0 OHLT(SI 054+035 225+04
Egress: . ‘
11392-11648  0.499 +0.006 21.24£20.1- OEl 017037 223+07 -
11520-11776  0.449 4 0.006 21.2% OE2 —0.02+0.10 21.24+2.0
11648.—11904 ' 0.221 + 0.006 21.2% OE3  —-0.154+0.20 | 21.2%
11776-11032  0.0524£0.005 212«  OFE4 —0244015 212+
11904-12160  0.2924+0.006 22.0+21.0 OE5 —0.11+022 221415
12032-12288  0.457+0.006 21.8+21.1 OES6 0.01£021 224+0.3
12160-12416  0.497+0.005 21.5+18.7 OE7 0.13+£020 223+04
12288-12544 - 0.500 &£ 0.007 21.3+20.1 OES8 0.39+£020 226+0.3

*Parameter fixed at value given for spectrzﬂ fitting.

to decrease so much that the best fit value is below the Galactic value. In these

cases, the absorption column was fixed at the Galactic value for spectral fitting.

For the egress, in two cases, it was necessary to fix the column to the Galactic

value both for the actual data fitting and for the simulated data fitting. The
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reason for this can be understood by examining the plot of the simulated egress
spectra shown in Figure 67. For spectra (2), (3), and (4), there is significant
upward curvature at the lower energies. Because of poor detection efficiency in
the lowest energies, the column density is determined mostly by the curvature in
the middle energy range, with large columns showing typically extreme downward
curvature. Therefore, upward curvature as observed in these simulated spectra
cause the spectral fitting program to find very small, or even negative column
densities when the column density parameter is left free.

Thus the variable absorption model predicts qualitatively the rapid change
in spectral index observed in the data during the fastest variable sections of the
October data, as well as the very low absorption column measured in some of the

low flux spectra.

Implications of the Model on Physical Parameters. In this section, some sim-

ple calculations are shown to illustrate what the variable absorption model for the
fastest variability of this source implies for the physical parameters.

The unique characteristics of the dips and periodicity in the April data make
possible a determination of source size and the position of the absorbing material.
Historically, detefmination of source size relied on the use of the doubling time
scale to estimate it. This is crude, because, in the case of occultation, for example,
if the source is already more than half covered, the time to decrease the flux by
half will be shorter than that to cover the entire source. |

In the April observation of NGC 6814, we are lucky because we know consid-
erably more than one knows just from examining the doubling time scale. Detailed
spectral and time series anaiysis seems to favor the occultation model as being the

cause of the fastest variability. Therefore, the time it takes for the hard flux to
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drop to zero from its previous level gives the lower limit of the source size. This -

is because the cloud blocking the hard X-rays must be nearly the same size as the

source. If it were smaller, the flux would not go to zero. If it were larger, the flux

would be at zero for a long time. However, as can be seen in the light curve of the.

dips in hard X-rays in Figures 84 and 85 of Appendik 1, the zero point is nearly
a cusp. Therefore the occulting cloud in the April observation must be nearly the

same size as the source.

Looking at the ingress light curve for the first dip, it can be seen that the

time for the flux to decrease to zero is about 300 seconds. For the second dip it is
harder to say because the dip occurs so close to the beginning of thé ciata section,
one cannot tell what the flux level was before the dip. However, it‘is again at least
300 seconds. Finally for the third dip, the decrease is also about 300 seconds or
perhaps a little less. |

Using the time for the flux to drop to zero to be 300 seconds, the estimate for
the size of the source is 300 x v, where v must be the velOcit& of the cloud. The
period for the cloud to orbit the source is 12000 seconds. Assuming the source of X-
rays is within 5r,, where 75 is the Schwartzschild radius, and assuming the velocity
to be Keplerian, then the distance to the cloud is found to be ~ 7 x 102cm. The
assurﬁptidn that the emission comes from the region smaller than 5rs also leads
to the conclusion that the Schwartzschild radius is 2:3 x 1011cm, corresponding to
a black hole mass of nearly 108 solar masses. Then in this case, the cloud would
be orbiting at a distance of 32rs.

What would be the condition of thé gas at this radius in the cloud? The
2-20 keV luminosity of NGC 6814 is about 7. x 10%%ergss~! (Kunieda et al.

1990). However, the bolometric luminosity may be 10 times larger than that,
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7x 10%%ergs s~! (Padovani and Rafanelli 1988). For the lags observed in the Octo-
_ber data to be due to occultation by a cloud with variable optical depth, in order
to oBserve the lags ‘that afe found, (i.e., the ha;d lags the soft for decreases and soft
the iags the hard for increases), 1¥he cloud material must be relatively unionized,
so that it is opaque to soft X-rays. This means that ¢ = L/nR? (Equation 2.1; see
also Kallman and McCray 1982.)' must be less than 100, for oxygen to retain some
electrons. Using the above bolometric luminosity, aﬁd the distance to the cloud
to be 32rs, the material of the cloud would have to be denser than 1016cm=3. If
. the X-ray luminosity is used, the density would have to be oniy about an order of
magnitude smaller.

Can such dense material exist in this region? It has been hypothesize(:i by
. Guilbert and Rees (1988) that such material could-remain cool in the central region
if confined to a high enough density. Rees (1987) asserts that a confining force
for such material might be a.‘tangled magnetic field at nearly the virial strength.
| Also, Ferland and Rees (1988) have found that material at such densities would
be able to reprocesg X-ray photons; the atoms would not yet be forced into local
thermodynamic equilibrium. |

Finally, if the black hole mass is 108 solar masses, then the associated Ed-
dington luminoéity is Lpgg = 1.25 x 10%%ergss~1. For a bolometric luminosity of

7 X 1043ergs s~ the source is radiating at a rate of ~ 0.5L g4q.
Discussion

The previous section described a model which is successful in describing the
temporal and spectral variability of the ingress and egress sections of the October
data. Previously we have mentioned that the absorption model is appropriate

for the April dip data. Our idea then is that the ingress and egress data from
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the October observation are the decaying remnants of the April dip structures.

In order to further motivate this conjecture, the major results are first briefly

reviewed in order to display the similarities.

Similarities Between the April
and Uctober Results ]

The results from the analysis of two observations of NGC 6814, separated

{0 16 T 2. Y

by about 6 months, were discussed in the results section. Though these two -

observations were from the same source, the light curves, Figures 23 and 24, are

somewhat different. The April observation is characterized by sharp dips, in which

the flux falls to nearly zero, while the flux level in the October observation never -

reaches 0, and the flux seems to be more continuously variable. Although there
are some differences, the det‘ailed analysis presented in the results section sholws
similarities implying that the physical processes modulating the source flux may
be the same in these two observations.

Both sources show a periodic component in thel ligh’c curve. The period of the

April observation was clearly ~ 12,000 seconds. The ~ 12,000 second periodicity

in the October observation was not quite as apparent; evidence for a 6,000 second -

periodic component was also found. However, in the October observation it was
found that the hardness ratio varied with a ~ 12,000 second period, indicating

spectral varia‘bilitﬁr on that time scale.

Spectral fitting from the whole observation indicated evidence for variability

of the iron line flux and the photon index in the April data and of the photon
index of the October data. In the October data, the evidence for iron line flux
variability was marginal. In the April data, the iron line flux was correlated with
the continuum flux. There was only marginal evidence that the photon index

was correlated with the continuum flux. For the October data, since the iron




I[N W F— Ll

IR ) I

251
line was not observed to vary significantly over the whole observation, correlation
between the line flux and the continuum fux was not veriﬁéd, but was suggested.
The photon index clearly did not vary in a correlated manner over the whole
observation, since the light curve had a periodicity of ~ 6000‘ seconds while the
bardness ratio period was ~ 12000 seconds.

In both observations, regions of fast variability were found, and detailed anal-
ysis showed that similar properties were found in both. A flux correlated signif-
icant spéctral variability was found in the April dip data. This result was found
through spectral fitting and was also inferred from the correlation plots. In addi-
tion, the spectral ﬁtting showed that the line flux decreased significantly during

the dips. In the ingress and egress sections of the October data, flux correlated

. spectral variability was implied but could not be confirmed. Interestingly, how-

ever, the comparison of two low flux spectra found that they differed significantly.
Correlation plots also implied flux correlated spectral variability.

Flux lags were cleariy demonstrated in the October data, both through con-
ventional créss correlation éalcul_ations and through template fitting. These were
in the sense that, during ﬂﬁx decreases, the hard flux lagged, Wilile during flux

increases, the soft flux-lagged. Such an inference was available from examination

of the correlation plots, as well. The cross correlation analysis of the April dip .

data did not yield clear evidencelfor lags. The correlation plots implied spectral
variability which could be a result of lags. The template fitting of the April data
has not yet been completed becaﬁse of lack of time; however, preliminary results
seem to indicate that this method can indeed demonstrate significant lags in these
data, although the magnitude of the lags is certainly not as large as in the October

data.
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The similarities discussed ll;ere seem to indicate that the same mechanism
is responsible for the behavior of the source in both observations. Thé success
of the variable absorption model, déécribed in .t‘he section on‘ model calculations,
in describing the details of the October ingress and egress data, shows that the

investigation of the application of this model to the April data is important.

Implications of Model for April Data

The previous section illustrated that many similarities are present between
the October ingress and egress data and the April dip data. The parameters of
this model were derived using the data from the ingress and egress sections of the
October observation. However, it is éasy to see how such a model can be applied
to the dips in the April observation. |

In the April data, the cross correlation calculations did not yield conclusive
evidence for lags in the dips. This is proBably due to the end effects in the CCF
calculation. Since the template fitting has not yet been completed, it is difficult
to determine the value of the lags. Also, they cannot be as clearly seen in the
light curves or in the hardness ratio as the October lags, though the low flux level
is certainly partially responsible. The correlation. plots. show some evidence for

lags, mostly between the low energy band and the medium. The evidence for lags

between the medium and hard bands is not as conclusive. All this evidence points

to the qualitative conclusion that the dip lags are not as big as in the October
data. Another factor is the flux level during the dips. Here the flux drops to zero
at the}dips. |

The model proposed above can explain these effects easily. First, for the flux
level to drop to zero means that there is no unabsorbed intrinsic flux, ind‘icatiﬁg

that the variable absorption column covers the entire source. Second, if the lags
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are not as large, it means that the variable column region is not so large; that is, |

the gradient of the column with respect to the time would be larger. Thus, for -

the exponential model given in Equation 8.6, the Py fit parameter, describing the
extent of the column change would be smaller. This parameter would not be zero,
however. If it were zero, a pure partial covering model would be described. Such
a model could not explain both the change in ha.rdness fatio during the dips, as

well as the drop of the hard flux to zero.

Civen that some extent of variation in column is appropriate to describe the -

April dip data, the spectral variability can be explained. The ADIP spectrum
is flat because the data of which it is composed comes from a fegion in which
the medium energy flux is low or zero for some time, while the hard flux quickly
falls to zero, and just touchés the zero point. This scenario is"supporte.d by the
changing hardness ratio. T’he fact that the hard flux falls and recovers so quickly
shows that the cloud implied by the variable e’Lbsorpti(-)n model must have only a
small region which is completely optically thick to X-rays. |
Using the variable absofption model to describe the fastest variable region
of both observations implies that some evolution must have taken place in the
6 month pe1;iod separating the observations. It appears that what is happening is
that perhaps the large piece of material blocking the source during the April dips

may be decaying. That is, its edges are thinning out.

Implications of Realistic Geometries

Such a‘simple and idealized model cannot explain all of the features of the
observation qualitatively. However, to fit a more complicated model would not
be justified due to the quality and quantity of the data. But it is interesting to

predict the effect of more complicated model on the results.
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Two major approximations were made -in this model, in order to make it
simple enough for fitting. First, the source was assumed to be a point source.
Second; the variable absorption Iﬁodel was only variable in one direction; that is,
‘the gradient of the column density only varied in the time direction.

It is clear that the source size can be no larger than the cloud size. Otherwise
the flux could not be cut all the way to zero, as is the case in the April dip data.
Theoretical arguments, outlined in the section on implications of the model on the
physical parameters, show that the source cannot be muéh smaller than the cloud
so that the iuminpsity will not be close to the Eddington luminosity.

The effect ‘of the finite source size on the light cur‘}es would be to cause the
~decrease to be slower. This Woﬁid be a problem for the ingress l'ight curves, since
the templaﬂe ﬁfting function found the decreases to be faster thén the model curves
when the point source is considered. However, as already stated in the section on
the light curves from the model, this fact probably is due to a better model being
one wi.th more curvature. In contrast, much of the soft egress d;mta, shows a slower
increase than is predicted by the model. A finite source size supports this result.

Recall from the section discussing the spectra from the model that the spectra
were formed by integrating over 256 seconds in order to simulate the measured
spectra. The effect of the finite source size on the spectra would be nearly the
same as integrating over a longer time. This would result in a further smoothing
of the spectra, so there would be less noticeable bends than those shown in Figures
66 and 67. This is trﬁe if the source is assumed to.be square. However, if it is
_circular, the bleﬁding effects would be more complicated.

The effect of the variation in the vertical direction as well as the time direc-
tion is more difficult to predict. Of course in this case, a finite source size must

be assumed. Recall that since the flux did not drop to zero during the ingress and
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egress data sections, an added unabsorbed component was required. If the col-
umn varied in the vertical direction, the added component should be an absorbed
component instead. The effect of this on the resulting spectra would be to further
decrease the index. This would help explain the larger change of the index found
in the egress data.

There is some evidence in the light curves of the egress data that there is
vertical variation of the column. Recall that the template fit data found a fast
increase of the hard flux bands, but the softer bands were much better fit with a
long slow increase. This result could be explained if the thicker column decreases
suddenly, but the thinner column decreases more slowly.

As menf;ioned before, a more complicated model could not be constrained by
our data; however, this discussion shows that when more realistic geometries are
considered, some aspects of the data are explained better. In particular, the idea.
of a vertical gradient of column is promising. As will be seen in the next section,
this idea of a vertical column gradient is also promising to explain the variation
in index over the entire October observation.

Implications of the Model -on the
Hardness Variabilify

This model was derived to explain the behavior of NGC 6814 during the

periods of fastest variability. In these regions this model successfully explained fast

‘apparent spectral variability. However, recall that spectral variability was observed

during the entire October observation, with 12000 second periodicity. The question

is, can the absorption model be applied to understand this phenomenon?
Conceptually, it is easy to understand this spectral variabili’fy using the vari-

able absorption model. As mentioned in the previous section, the variable ab-

sorption model applied to the ingress and egress data used a column variable in
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the time (horizont'al‘) dir'ecti(‘)n‘, and the column changed as as the inferred cloud
moved across the point source. Now imagine some material in perhaps a torus in
orbit with a 12000 second period around a source of finite size. If the c.olumn were
variable in the vertical dire&tion, the spectral index measu.red would depend on the

extent of the variable region, described by parameter P; of the exponential model,

discussed previously. If P; were low, the drop in column would occur suddenly,.

and the spectral index measured would be the intrinsic spectral index. If P; were
larger, the spectrum would be modified by layers of variable absorption column,
and appear flatter.

How could this idea be tested? The way is to measure the intrinsic spectral

index. This can be done by fitting only the high energy band, from 10.32-20.9 keV.

_ This energy band is least affected by absorption, so the spectrum would be least

modified by the variable column. If the column is truly exponential', the fitting

of this band may yet result in a var1ab1e index. However, from both the ingress

and especially the egress data the la.gs of the hardest band over those a.djacent'

were usually smaller tha‘n would be expected for the exponential rnodel. ‘The fit
residuals from the exponential model shown in F igures 64 and 65 also indicate
this. Therefore, the decrease is faster tha.ﬁ. exponential for the hard flux, at least
in these regions, so a constant spectral index should be measured.

An analysis program based on this idea designed by the author is currently
being carried oﬁt by a Nagoya University graduate student Y. Tsusaka. In this
analysis, first the spectra accumulated along the folded light curve are being fit
in the high energy band, with the absorption column being fixed at the Galactic
value. This analysis should find a series of spectral indices consistent with a

constant. Then the 256 second specira will be fit holding the index constant to

the mean value. The results of this should be a series of column densities which
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vary significantly, and }Nhose folded parameter light curve will show the average
column varying as a function of the phase of the 12000 second period.

If this can be verified, further implications arise. It could be inferred perhaps
that not only the fastest variability is due to absorption, but the bulk of the 12000
second periodicity would be due to absorption. Some of the variability could be
due to intrinsic flux variability, but perhaps it need not be the bulk. Then changes
in the light curve from observation to observation could be due to changes in the

profile of the absorber.

Competing models

As seen in the model calculation section and the previous discussion section,
the variable model successfully describes many aspects of these two observations.
However, in Chapter 5, several models for flux correlated spectr;l variability were
described and some diagnostics for these models were defined. The purpose of this
final discussion is to show how these competing models fail to describe the da£a.

The first possible model was a cold absorption médel. In this model recall that
the uniform column density changes, and because of the tight coupling between the
colu/mn and photon index, flux correlated spectral variability is sometimes inferred.
This model does not work for several reasons. First, some modulation of column
density would be expécted in the spectral fits. Some is observed, but it is not
inversely correlated with the flux. The trend even seems to be that the absorption
column is larger when the flux is larger. Second, the flux modulation occurs at all
energies, as shown in Figures 84-88 in Appendix 1. For the modulation to occur
at high energies, the column density change would have to be to a very dense
material, and if the column is uniform, the flux level would then have to drop to

0. This explanation works for the April observation. However, for the October
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observation, in the ingress and egress, the flux level drops only to about half of
its origiﬁal valup at high energies, a,na this Wguld not be possible for,.a. uniform
absorber.

Another model was that of the warm absorber. This model cannot be used
here for many reasons. Fifst, this model usually is used to explain spectral vari-
ability at lovkr energies. To extend this to higher energies, very highly ionized
material is needed. Then a deep iron absorption edge would be seen at a high en-
ergy. Such an absorption edge is not seen in these data, as seén from the spectral
fits and residuals shown in Appendix 2. Another problem is the .sense of the lags
which would be observed. If a change in ionization pro&uces the flux modulation,
it would be expected that during a decrease, the hard should lead the soft; since
the hard flux would be absorbed at relatively higher ionizations. Also, the warm
absorber model shows flux correlated spectral variability. However, recall that
significant spectral variability occurred in 128 seconds between spectra OTHRD3
and OHLTS5I, with little change in flux.

Variability in the relative normalization of séparate spectral components also
does not adequately exp‘la,in our observations. First of all, it can be seen from"
the spectral fits shown in Appendix 2 that there is no’ need or evidence for the
presense of a,nothér component. 'There is a soft escCess in this observation; however,
the effect of the soft excess is eliminated by spectral fitting only above 3.93 keV. )
 Second, the lags would be hard to produce. It would be difficult to describe
a mech.anisn\l which would cause spectral- components from presumably different
regions to act in concert to produce such lags.

Thermal Compton models may also be ruled out. These models predict lags;
however, the sense of the lags would always be so that the hard flux lags the soft -

flux. In the egress from the October data, evidence was found that the soft flux
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lagged the hard flux during this flux increase. Non-thermal models may be able

to explain such lags, as well as rapid spectral change; however, usually when they .

are applied, a.large change in flux accompanies the spectral variability. However,
in the October ingress data section two adjacent spectra were exarﬁined; it was
found that the photon index changed from 0.85 to 1.54 in 128 seconds, but the
flux level of the two spectra were nearly the same. Also, it is difficult to apply
such a model to explain the dips in flux occurring in the ‘April dip data.

Finally, a simple partial covering model can in some cases explain the spectral
variability. In fact, the variable absorption model proposed is a variant of the
partial covering model. However, the simplest version of.the model, in which
fraction of the source is covered by a cloud characterized by a single column
density, fails to describe the data. Fi;’st of all, there was no evidence in the spectral
fit residuals shown in Appéndix 2 that a partial covering model is necessary to
adequately fit the spectra. Second, if the column of the partial coverer is not totally
optically thick to X-rays, the flux of the hard X-rays would not be modulated by
the variation in the fraction colvered. In contrast, in NGC 6814, the flux at all
energy bands is modulated as shown in Figures 84-88 in Appendix 1. For this to
be due to the partia,l‘ coverer, the coverer would have to be totally‘opticall‘y thick
to X-rays. Then, if this were the case, there would be no lags measured, because
each energy band V&;'ould be completely blocked.

Thus none of these models can completely explain the fastest variability in the
April and October hobservation, singly. It may be possible that a combination of
models could be found which would explain the data. However, a simple, easy to
understand model like the variable absorption model which successfully describes

qualitatively many aspects of these observations, is always preferred.
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CHAPTER 9
SOME ASPECTS OF OPTICALLY THIN WINDS FROM AGN
Background

As discussed in. the first chapter, intense radiation 1s observed from AGN. As
discussed in the last chapter, the X-ray emission can vary very rapidly, and this
fact indicates that much of the intense radiation originates very close to the super-
massive black hole beliéved to power the AGN. The radiation observed is believed
to be derived from the gravitational potential energy of material accreting onto
the black hole. If this is the case, there will be material, protons and electrons,
in the central region of the AGN. Therefore these particles must experience the
intense radiation field, which can influence their motion by interacting via electron
scattering. One question that could be asked is, what is the subsequent motion of
such a f)article?

There is a limit to the flux of radiation which a particle can experience,
and still accrete. Parenthetically, the particle which is being discussed is usually
the hydrogen atom; i.e., protons and electrons. The force per unit mass which
the particle experiences is the radiation flux times the scattéring_ cross section,
divided by the speed of light, c. If the energy of the photon is small relative to

the rest mass of the particle, the scatteririg cross section is the Thompson cross

section, op. The flux is the luminosity divided by 4772. If this force pushing out
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is equated to the gravitational force pulling in, the Eddington limit luminosity is
derived:

Lpdq = 47GMcm/orp. (9.1)

H‘ere, M is the mass of the black hole, and m. is the mass of the particle inAvolved,
the mass of the hydrogen atom. If the Eddington luminosity is exceeded, then
the particle will be accelerated outward from the- AGN, giving rise to wind. Note
that, since the simplést way to relate the accretion rate to the luminosity is by
L=nM /c?, where 1 is the efficiency of converting accretion energy into radiation,
an associated Eddington accretion rate, Mgy, is also defined.
The Eddington luminosity is the minimum fequired to accelerate an isolated
hydrogen atom out. However, in the center of some AGN, because of the large
* luminosity in a small region, electron—positron pairs are expected to be formed, as
diséu‘ssed in Chapter 2. The pairs are approximately 1000 times less massive than

the hydrogen atom, so they are much more easily accelerated by the radiation

pressure. Therefore, winds can also in this case be formed for lower values of the

luminosity.

The problem of winds, or IrAlorevsimpl-y, the problem of the motion of the gas in
the central region of AGN is complicated; a,nd‘ha,s many aépects and approaches.
I consider only optically thin Wlind's. Al‘so, thé energy dependence‘ of the radiation
is ignored. Two 'a,p\proa.ches have been taken. In the first approach, 1 consider
the motion of an isolated particle in the radiation field. This is a very simple
approach, since the relevant equation to be sol\.red is only the equation of motion.
However, because of the rapid ac'celera,tidn, special relativity must be used, and
also, because of the proximity to the black hole, general relativity, appropriate
for a Schwartzschild black hole, is used. in the second approach, the particle is

~assumed to be magnetically coupled to its neighbors. In this case, the gas acts like




i S, Iy I )

262
a fluid. In both cases, the c.)n.ly acceleration mechanism is assumed to be electron
scattering. However, in this thesis, only the first approach will be discussed.

The specific equations which must be used to find the solutions will be derived
in the next section. However, here I present some of the background for the current
understanding of this problem.

Much of the work done to derive optically thin winds from the particle ap-
proach has been done in order to explain the observed phenomenon of super-
luminal jets. These are called super-luminal because they are observed to have
high velocities and to travel nearly in the observe.r’s line-of-sight, so their trans-
verse velocity shows apparent faster-than-light motion (see, e.g., Abramowicz, Ellis
and Lanza 1990). The collimation of some of the jet beams was also found to be
quite good.. One model that was proposed to explain these phenomena was the
radiation torus. Many of the calculations exploring the acceleration of particles in
an intense radiation field were done from this ;:ontext.

On the face of it, it seems that a particle in a non-isotropic radiation field
could be driven to an arbitrarily high velocity by radiation pressure. However, it
turns out that besides gravity, there is an effective force retarding the motion. This
is called the Compton Drag force, and arises from the fact that, as the particle is
accelerated by the Thompson scattering flux incident from behind it, it will also be
impeded by collisions with the radiation field in front of it. Therefore, the largest

velocity a particle can reach in this situation is limited.
Results

In this section, I present the derivation and solution for two cases for a wind
equation appropriate for the particle approach. One case has already been done

by Abramowicz, Ellis and Lanza (1990), and is presented for comparison.
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The sign convention used here is — 4 ++ and in the derivation the speed of

light, c, is set equal to 1.

Derivation of the Wind Eqﬁation

The appropriate equétion to describe the motion of a particle in a radiation
field is _just a simple conservation of momentum equation. Note that much of
the following derivation follows that of Jaroszyﬁski, Abramowicz, and P*acéyﬁsky
(1980). Other sources include Abramowicz and Sharp (1983), and Abramowicz,
Ellis, and Lanza (1990).

In this case, the momentum change of the particle is equal to the radiation
force, and the radiation force equals the radiation flux times the cross section of
interaction between radiation and the particle. In this treatment, the Thompson
cross section is used because the energy of the incident radiation is not specified.

Therefore the equation of motion is

dp#* o .
—~_ = _opF*# 2
dT UT ) . (9 )

where p# is the momentum 4-vector, 7 is the proper time, and F'* is the radiation
flux. The radiation flux is defined to be F# = T'“'BUﬁ where TH8 is the stress
energy tensor of the radiation field and ug is the four velocity.

Only radial motion is assumed to be important. To find the explicit equation
of motion from Equation 9.2, the projection tensor PL = gh +utuq. is used. Since
the mass of the particle does not change, the change in momentum is just the mass
times the acceleratién. Therefore the equation of motion becomes

mat = —UT{PgTQﬂUﬂ}
= —O’T{T“’ﬂulg + ‘[uaulgTaﬂ]u“}. (9.3)
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The components of the radiation stress energy tensor which are relevant for
finding the motion in the radial direction are T, T7", and T™ = T, so the

equation in the r direction becomes
ma" = —op{usT" + u,T7 + [ Ty + 2T b upus + upT " upju’ }. (9.4)

The components of the stress energy tensor that will be calculated in the next
section are found in terms of the basis vectors ‘ofl the sta,tiona;ry tetrad. These
are appropriate to use as basis vectors to describe the accelerated particle (e.g.,
Misner, Thorne, and Wheeler 1973). One property of such basis vectors is that
the metric tensor, when written in terms of these basis vectors, reduces to 7,4

along the observer’s path. The t and r tetrad basis vectors appropriate for a

Schwartzschild black hole are

[N

) = (1 = rofr)
egr) =(1—-rg/r)72.

N[

(9.5) .

Using these, and related 1-forms, the relevant components of the stress energy
- tensor can be written in terms of t;he stationary tetrad. They are

T — Tttegt)egt) = (1 — rs/r)T%

7(r)() — T"tegt)e,(f) — 7t

7(r)(r) = Trre,(nr)es.r) = (1 —rg/r)"LTT". (9.6)

Similarly the velocity 4-vector must be written in terms of the stationary tetrad

basis vectors. Explicitly, they become

u(t’) = utegt) = 'va(l — TS/T)% = (]‘ - IBZ)_%

) = wrel™) = w1 = ry ey = (1 — B2)% (9.7)

where (3 is the dimensionless velocity..
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Using these then the appropriate way to write the velocity vector is

((L=re/r)~iy)
| (1 =romipy | (9.8)
Vo

' 1
where v = (1 — ,32)_5. Using these constructions for the stress energy tensor and

uM =

the velocity vector, the equation of motion finally becomes
ma = or(1—ra/r)3(1 = B)7H[(1 + FHTCIO — g OO 1 T (0.9)

From this equation the presence of the Compton drag force term can be recognized.
T(r)(%) is the radiation flux, and classically it would be the only term in the brackets
on the right hand side. This term can also be recognized because the other two
tensor components are multiplied by 3, and so for low velocities, are negligible.
However, for larger velocities they provide an effective force opposing the particle
motion, because that part is subtracted from the part containing the flux. Also;
they must represent a drag force, since they are multiplied by 3, and so cannot
accelerate the par£icle on their own.

In general, the acceleration is

S B T Py 9.10
= ,ﬂu = ds + ﬂ,yuu ( )

The covariant derivative is appropriate. For the r component of the equation of
motion, the only relevant non-zero components of the Christoflel symbol for the
Schwartzschild black hole are I'}; and I'},. Substituting these in, the right hand
part of the sum on the right side of the equation becomes r5/(2r?). For the left
hand f)arrt of the sum, use the chain rule to find the value of the derivative in terms

of r. This comes out to be

b
dr’

dur 1 2 27‘5 2 -
o =3P ;'2'4"'(1—73/7’)7 B (9.11)
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Combining this with the result from the right hand part of the sum, multiplying

by rg and substitﬁting into Equation 9.9, the wind equation becomes

(1= rorB s + (=

(L =ro/r)3(1 = B2)31(1 + BTN — g ) L TOOY. (9.12)

(1 p%) =

r

O’T7‘3
m

The Radiation Stress Energy Tensor

In this section we derive two forms of the radiation stress energy tensor which
could be apprépriaté for AGN. The second case, called the shell case, has already
been solved by Abramowicz, Ellis, and Lanza (1990), but it is preéented here for
comparison with the other case. In the shell case, all the radiation is assumed to

. emerge from a shell of radius r,,;,. No radiation is produced in the surrounding
region. The first case is called the extended case. In this case the radiation source
is assumed‘ to be extended and radiation is asSﬁnﬁed to be emitted isotropically

from shells dR from r,,;, to .

Extended Case. The extended case was chosen because it may be physically

more realistic for AGN, particularly in the context of the blob model. As reviewed

in Chapter 1, AGN are believed in some cases to be powered by the accretion of
} material onto a super-massive black hole. This éccre{:ion can occur in the form of
1 a thin disk, but if the radiatipﬁ pressure is too large, the thin disk is unstable, and
i may break up into blobs. A simple way to ﬁﬁd the amount. of radiation produced
by this accretion is to assuni_é it to be a fraction of the gravitational potential
energy released by the accreting matter. This implies that, in the spherically

symmetric approximation, the luminosity produced per unit radius is

dl nGMM

'd_R —_— W. (9-13)
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Here M is the accretion rate, M is the mass of the black hole and 7 is the eficiency
for conversion of gravitational potential energy into radiation. The intensity at

any radius due to the radiation produced at that radius is

dI(R) dL/dR nGMM
dR — 4wR%? ~ 1672R%’

(9.14)

However, if general relativity is taken into account, the value of the intensity
received by a particle at radius r is redshifted. The amount of redshift is easy
to find, because 1/(p%uy)?, where p® is the photon 4-momentum, is an invariant
quantity. Using this, one finds that the intensity observed at a distance r when

emitted at a distance R is

dI(r) (1-rs/R)?dI(R)
dR ~ (1—rs/r)2 dR °

| (9.15)

The next step is to find the relationship between the components of the stress
energy tensor and the intensity. Intuitively, the relationship can be understood by
recalling the physical interpretation of the components of the stress energy tensor
and relating them to the moments of the intensity (Schutz 1985; Lindquist 1966;
Rybicki and Lightman 1979). Recall that the T* component is the energy density
of the radiation field, T™ is the energy flux across the r surface and T7" is the flux
of radial momentum across the radial surface, or the pressure. Therefore, these

three are the zeroth, first, and second moments of the intensity, J, H, and K where

dT@®®) 47 d 0
dR  ~dR ' dR
dr(n)  qm dI
dR = EE = ‘Cm COoSs (]SdQ
(r)(r)
dT atis a cos? ¢d) (9.16)

iR~ dR ~J 4R
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where dfQ is appropriate solid angle to be iﬁtegrated over and ¢ is the polar angle,
or the angle between the line connecting‘an‘j R and the black hole and the line
connecting the observer and the black hole.

The appropriate limits for the angle integral are the next question. The

integral can be done two different ways. One way is to chose the origin to be the-

center of the radiation shell and integrate over the full 47 solid angle. However,
it can be shown that this is equivalent to choosing the origin of coordinates to
be at the observer, and performing the integral 2f027r f(;’ where a is the viewing
.angle, or the fraction of the sky that the shell of radiation occupies (Abramowicz,
Ellis, Lanza 1990; Jaroszynski, Abramowicz, and Paczyrisky 1980). The factor of
2 comes from the fact that if the source of ra(iiation is not solid and opaque, there
. is a contribution from the shell in the front as well as from the shell in the back.

The factor of 2 brings to attention an important approximation that has been
made. Physically, if this is intended to model an AGN, the origin of coordinates
should be occ.u'pied by a super-massive black hole. If this is the case, then some
of the radiation from the far side of the shéll of radiation will be lost down to
the black hole. Thi_s will obviously reduce the magnitude of the components of
the stress energy tensor. Also, if the minimum radius is very small, close to thé
Schwartzschild radius, some of the radiation from the larger ¢ will also be lost

down the black hole, and will also reduce the components of the stress energy

tensor. However, at the present the minimum radius is assumed to be 2r; and so -

the magnitude of the viewing angle is not affected by. this second approximation

' ~ (Abramowicz, Ellis, and Lanza 1990):

The viewing angle « in this case, for 7y, = 275, is given by

R (1—rs/7) ‘

sino = —

T (L—rs/R)

] N
—~
Ne
. —
-~
~—
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Note that using the viewing angle as the limit of the ¢ integrationlis appropriate .

_ for R < r, but for R > r, the integration must be performed over the entire 47
sterradians.
Performing the angle integrals, and substituting in the value of dI‘ L. the

components of the stress energy tensor can be found to be

dT(®)(®) _ nGMM (1—rs/R)? 4n(l — cos @) Tmin < R< T

dR-  1672R%* (1 - re/r)2 t4m r<R< o
t) T 2 ‘
dT("')( ) _ T]G]M']‘I (1 — TS/R) { o sin2 & Tmin < R<r
dR 1672RY (1 —7rg/r)2 * 0 r<R< oo

dr)(") QMM (1 —rs/R) { g7l —cos’ @) rmin <R <r (9.18)
3 :
3

dR  1672R* (1 —rg/r)? 7 T<R< o
where @ is the viewing angle.
Next the radial integral must be done. The T integral can be done analyti-

cé‘lly. The solution is

r GMM re/r)?
T(r)(t) = "4W2R3 (1(_45)/r) (1= rg/r)? - g — 1o /rmin)?] - (9-19)

For the T% and the T"" integrals, part of the integral can be done analytically.
This is because, for these two parts, there is a 1 in the 7., < R < r parts, so
this can be combined with the r < R < oo parts, and the integral can be done
analytically from 7,,;, to co. The remaining parts of the integrals, containing
cos @ terms, must be done numerically. Once thése integrals have been done, the
resulting components of the stress energy tensor can be substituted in the wind

equation, Equation 9.12.

Shell Case. For the shell case the components of the stress energy tensor are
easy to find, because no radial integral need be done. For comparison with the

extended case the luminosity for the shell case is chosen to be the total luminosity

I .
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for the extended case, i.e., fhe integral of dL/dR from 7,;, to co of the extended
case. Therefore, L = (nG]\'fM)/(4w.rmin).'
Following the same arguments as above, the components of the stress energy

tensor for the shell case become

p(t)(t) _ IGMM (1 —ro/rmn)?
8rrd (L —rg/r)?

; min

(1 — cosa)

(;)(t) _ NGM M (1 = 1 /Tmin)? 1

T Zsin’a
87r7'74m.n (1—rg/r)2 27
. _ . 2 ; ’
T(r)(r) — nGMM (1 —rs/Tmin) 1(1 — cosd a) : (9.20)

8rrd (1 —rs/r)2 3

min
In order to make  the wind equation dimensionless, define a dimensionless’

parameter A to be

_ 1GMM op |

A . 9.21
drcd  m 12 ( )
Recall that the Eddington luminosity is defined to be
drGMem
Logg = ———2 (9.22)
or
and the total luminosity is .
MM
[ = 1eMM (9.23)
AT T in '

<

Therefore the parameter A is related to the ratio of the total luminosity to the

Eddington luminosity by

2 lem, for ions;
A:{”Eﬁrs orene (9.24)

L rmin myg :
27rLEdd T for pairs.

Since 7pyin is assumed to be the 2r;, A = 10 is about the Eddington limit when
accelerating ions, but A & 10,000 when accelerating pairs. Thus, if the accretion
rate is required to be less than the Eddington limit accretion rate, a wider range

of solutions is accessible when accelerating pairs.
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Solutions

First, since the range of the r variable is from r,,;,, to 0o, the solutions become
easier to discuss if a change of variables is made. Let y = 1 — rg/r. If this is true,
and if r,;,, is chosen to be 2rg, then the range of y is from 0.5 to 1.0.

Before directly integrating the equation of motion, it is instructive to examine
what is called the saturation velocity equation. This equation is the algebraic
equation which results when df/dy is set equal to zero. The saturation velocity
Bs is found by solving this equation as a function of y and the parameter A. This
method has been used by several authors, including Abramowicz and Sharp (1983),
who invented the term ‘saturation velocity’, and Sikora and Wilson (1981); who
referred to this calculation as the ‘zero-mass’ approximation.

Note that the sa.turation‘velocity is not a solution of the wind equation, so a
particle cannot travel at a velocity equal to the saturation velocity. The saturation
velocity serves as a useful construct to divide the S-y space. Solutions of the wind
equation behave as if they are drawn toward the saturation velocity solution, in
that if a pa,rticle.has velociﬂy grealer than B, then it will be decelerated, while if
the velocity is less than (s, then it will be accelerated.

Eigure 68 shows the saturation velocity curves for the shell case for several
representative values of A. For A = 3 the saturation velocity is everywhere nega-
tive. For A = 5.7, the saturation velocity is 0 at the minimum radius. For A = 6.9,
the sa.tur.ation velocity has a ‘critical point’, because this solution crosses the 5 = 0
line. The saturation velocity is 0 at y = 1.0 (r = oo) when A is equal to 8. The
solution of A = 28 is typical of those values of A for which there is a maximum
in the saturation velocity curve. Note that the saturation velocity solutions are
decreasing for larger values of y, except for the largest value of A = 1000, in which

the saturation velocity increases for nearly all y. Note also that for A greater than
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Saturation Velocity
Shell Case

00

0.5 0.6 0.7 0.8 0.9 1.0
1-r8/r

Figure 68. Saturation velocity profiles for the shell case. The numbers labeling
each curve are the value of the parameter A
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5.7, the saturation velocity is positive at the minﬁnum radius. This is because
for the shell case, the flux, or T(T)(t), 1s maximum at‘the minimum radius, and
for A > 5.7, the radiation flux is stronger than the gravitational pull force at the
minimum radius.

In contrast, Figure 69 shows the saturation velocity curves for the extended
case for several representative values of A. The values of A were chosen for similar
reasons as for the shell case. The most interesting case is for A = 5.5, because
here there is a critical point. These solutions are sigr'liﬁca‘ntly different than those
for the shell case. One difference is that, at the minimum radius, t,hé saturation
velocity is negative for all choices of A.. The reason for this difference is that the

flux, or the T(")(t) component of the stress energy tensor, is equal to 0 at the

minimum radius. Another obvious difference is that these are all monctonically

increasing. The fact that the flux is 0 at the minimum radius partially explains
this second difference, because if the flux is 0 at rmm,- and it also must go to 0 as
T appfoaches oo', then it must be a maximum at some y not 0.

Next, the equation of motion can be integrated. A simple 4th order Runge-

. Kutta method was used. Many different starting values of B and y were chosen

to fully investigate the nature of the solutions. First, however, Figure 70 shows
the velocity profiles in the case of no radiatioﬁ land only gravity is accelera"’c‘ing the
particles. The saturation velocity for such. a situation is ~1, as pointed out by
Abramowicz, Ellis, and Lanza (1990).

Figures 71-76 show the integra.ted solutions of the wind equation, for the
shell case, for the different représentative values of A, while Figures 77-80 show
the integrated solutions for the extended case for the representative values of A.l
In both cases, the saturation velocity solution for the gorrespondihg value of A is

shown by the dashed line.
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Saturation Velocity
Extended Case

00

1.5-A

Figure 69. Saturation velocity profiles for the extended case. The numbers labeling
each curve are the value of the parameter A.
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Velocity Profiles
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Figure 70. Integrated velocity profiles for the case A = O, implying no radiation
pressure. Saturation velocity solution is /3= —.
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Velocity Profiles
Shell Case

0.0
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0.6 0.6 0.7 0.8 0.9 1.0
1-r8r

Figure 71. Integrated velocity profiles for the shell case with A = 3. The dashed
line shows the saturation velocity solution.
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Velocity Profiles
Shell Case

0.0

0.6

0.6 0.6 0l 0.8 009 1.0
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Figure 72. Integrated velocity profiles for the shell case with A = 5.7. The dashed
line shows the saturation velocity solution.
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Velocity Profiles
Shell Case

0]0)
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1-r,/r

Figure 73. Integrated velocity profiles for the shell case with A = 6.9. The dashed
line shows the saturation velocity solution.
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Velocity Profiles
Shell Case
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Figure 74. Integrated velocity profiles for the shell case with A = 8. The dashed
line shows the saturation velocity solution.
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Velocity Profiles
Shell Case

O A: 28

00

Figure 75. Integrated velocity profiles for the shell case with A = 28. The dashed
line shows the saturation velocity solution.
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Velocity Profiles
Shell Case

O A: 1000

0.0

0.5

Figure 76. Integrated velocity profiles for the shell case with A = 1000. The
dashed line shows the saturation velocity solution.
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Velocity Profiles
Extended Case
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Figure 77. Integrated velocity profiles for the extended case with A = 15. The
dashed line shows the saturation velocity solution.



283

Velocity Profiles
Extended Case
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Figure 78. Integrated velocity profiles for the extended case with A = 2.7. The
dashed line shows the saturation velocity solution.
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Velocity Profiles
Extended Case

oA 6.6

0]0)

Figure 79. Integrated velocity profiles for the extended case with A = 55. The
dashed line shows the saturation velocity solution.
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Velocity Profiles
Extended Case

o A 1000
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Figure 80. Integrated velocity profiles for the extended case with A = 1000. The
dashed line shows the saturation velocity solution.



T "0 F P . Ll

286

Figure 71 shows the solution A = 3 for the shell case, while Figure 77 shows
the solution A = 1.5 for the extended case. These both have saturation velocity
curves that are everywhere negative. For the positive velocities, the solutions are
very similar. Howevef, for-negative velocities, or pafhs for infalling particles, the
solutions are somewhat diffefen.t, due mostly to the fact that for the shell case, the
saturation velocity is monotonically decreasing, while for the e);fende(i case the
saturation velocity ‘is’monotonically increasing. This causes some of the solutions
for the shell case to have minima, while some of the solutions for the extended
case have maxima. This means that, for the shell case, infalling particles ~are more
impeded by the combination of radiation flux and Compton drag in the second
_pal:t of their infall, or for srﬁall values of y, while for the extended case, infalling
_ particles seem to be impeded more for'_ large values of y.

Figure 72 shows the solution A = 5.7 for the shell case, while Figure 78 shows
the solution A = 2.7 for the extended case. These both have satu‘ratio‘n velocity
curves that are negative for all y except for an extreme value of y. Again, solutions
for positive A are similar. -For the shell case, if a particle is released at any radius
with 0 velocity, it will fall to the minimum radius and will arrive with 0 velocity.
The situation for the extended case is very similar to the previous case. - ﬂ

Figure. 73 shows the solution A = 6.9 for the shell case, while Figure 79 shows
the solution A = 5.5 for the extended case. These both are examples of solutions
for which the saturatioﬁ velocity equals 0 for y not 0.5 or 1.0. Thus these solutions
‘are representative of the values of A for which the solution is a critical point. These
are critical points because df3/dy = 0 for some y. Solutions with critical points are
interesting. Critical points can be classified. In order to do this, first note that a

first order differential equation can be split into a system of first order equations
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(Kaplan 1958). That is, if the equation is

—G(B,y)dp + F(B,y)dy =0, (9.25)
then

d d

B - Fp). %~ c(p.) (9.26)

After doing that, these equations can be expanded about the critical point (B¢, yc)-
The simplest case is when the first derivatives of the functions are not 0. Then
terms that are of higher order than linear are dropped, and this procedure produces

two coupled linear first order differential equations. That is, for u = 8 — B¢ and

V=Y —Ye

du
— = aju + byv,

dv :
o = = au + bov, (9.27)

where

a) = Fﬂ(ﬁc,yc)y bl = Fy(ﬁc,yc),
a3 = Gg(Be, ye), b2 = Gy(Be, yc)- (9.28)

The nature of the solution around the critical point can be found by examining

the characteristic equation

det (“1a; A bzbi A) = 0. (9.29)

Define p = a1 + b3, g = a1bp — agby, and A = p? — 4¢. Then there are three major
types of critical points. For ¢ < 0, the critical point is a saddle point, and it is
always unstable. For ¢ > 0 and A > 0 the critical point is a node which will be
unstable if p > 0 2 or stable if p < 0. For A < 0 and p # 0, the critical point is a
focus which also can be stable or unstable.

For the shell case, the solution at the critical point has been shown to be a

stable node. This fact was found by Abramowicz, Ellis, and Lanza, 1990. However,

U 1 R |
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- the critical point for the extended case can be numerically shown to be a saddle

point, for all relevant A (A > 2.7).

The physical interpretation of the type of critical point is very interesting.
Since the critical point of the shell case is shown to be a stable node, as pointed
out be Abramowicz, Ellis and Lanza (1990), this implies that, for many initial
starting points for particles on the (3,y) plane, the particles will be decelerated
to the critical point, and because-it is a stable critical point, they will stay there.
This implies that a shell of matter will be accumulated at the critical point radius.
However, since the critical point for the extended case is a saddle point, and since
all saddle points are unstable, even particles placed at the critical poiﬁt will not
remain there. So, far from having a build up of particles at the critical radius,
there will be a void of particles. This is actually physically more familiar, because
it shows the intuitive expectation that the boundary between infalling particles
and out-flowing winds should be devoid of particles. It would be interesting to
investiéate the reason why these solutions are so different, but a possible reason
is that it must be so because the saturation velocity curve has a negative slope at
the critical point for the shell case, while it has a positive slope for the extended
case.

Figure 74 shows the solution A = 8 for the shell case. For this choice of
parameter, the saturation velocity is 0 at y = 1.0. Particles let go at rest will all
escape. For the extended case, since the sa.turétion velocity is always less than 0
ét the minimum radius, there is no value of A where all particles let go at rest will
all escape, except for the limit A — oo.

Figure 75 shows the solution A = 1000 for the shell case, while Figure 80
shows the same solution for the extended case. In both cases, the particles are all

accelerated to co. However, for the extended case, since the saturation velocity
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“solution is smaller than 0 at all ¥, then particles started with large positive

velocities are drastically decelerated before being accelerated.

Discussion

The wind equation for two different radiation stress energy tensors was'solvc;d.
An interesting physical implication was found. For the previously solved shell case,
for certain parameter values for which there was a critical point of the equation,
the solution implied that a shell of matter would be built up at the critical radius,
arouna the source of radiation, because the critical point is e‘Lrstable node. In
contrast, for the extended case, the solution at the critical radius implies a void
of particles at the critical radius.

Several interesting questions about this behavior remain unanswered. One is
the question of why is the solution behavior different? Is it directly related to the
slope of the saturation velocity curve at the critical point? If it is, what d‘eterminés
the saturation velocity slope? Is it the fact that the flux at the minimum radius is
0 for the extended case? Certainly this is a factor to cause the saturation velocity
curve to increase for small y. However, does this fact determine the behavior for
large y?7 For example, if a different distribution of radiation is chosen, for example,
one with a faster decay, would the saturation velocity curve ever turn over? If so,
could there be more than 1 critical point? These questi.ons will be addressed in

futurg work.

LY
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CHAPTER 10
CONCLUSIONS

In this chapter, the major results and conclusions of this thesis are discussed.
In addition, the major unfinished work is also described. Finally, future prospects

of X-ray astronomy are described.

Results, Conclusions and Unfinished Work

In Chapter 4 we described the results of the reanalysis of EXOSAT data car-
ried out by the author in order to detect iron emission and absorption features.
From the long observation of NGC 5506, an iron emission line and also an absorp-
tion edge were found. The size of the emission line was moderate. However, the
iron absorptibn edge was found to be deep, corresponding to an ovér-abunda.nce of
iron by a factor of four. The iron edge fitting fixed the edge energy at a value ap-
propriate for cold iron. However, a Ginga observation found the iron edge energy
to be somewhat larger than the value appropriate for neu;cral iron. Therefore,
assuming that a warm absorption edge would have been more appropriate, an
ionization model was postulated. In this model, the absorbing screen consists of
partially ionized gas, ionized to the extent that the low energy X-rays are not ab-

sorbed, but iron still retains enough K shell electrons to absorb X-rays above the

iron K edge. In this way, the apparent overabundance of iron could be explained. -

This also lead to the conclusion that the iron line was produced in the material in

the line-of-sight.
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Also in Chapter 4 the results of the analysis for iron features of the EX-

L)

OSAT spectral survey sources was described. A total of 47 spectra from 40 AGN -

were analyzed. Thirteen spectra frérﬁ twelve sources showed evidence for an iron
emission line, while five spectra from five sources showed evidence for additional
absorption. Thus line emission is verified in a third of the AGN in this sample.
The equivé.lent widths. of the lines were not well determined. However, statistical
analysis using the equivalgnt widths from the sample of detections show that there
is some suggestion of inverse correlation between equivaient width and luminosity,
as well as a correlation between the equivalent width and the host galaxy axial
ratio. The first correlation perhaps suggests that the présense of cold material in
the central region is more likely when the luminosity is lower. Such a conclusion is
_supported by the fact that intrinsic absorption is also found to be more common in
low luminosity sources (Turner and Pounds 1990; Turner et al. 1991). The second
correlation perhaps supports the theory of iron line emission in an accretion disk,
because in such models, larger equivalent width; are predicted when t}.le‘a,cc'retion
disk is viewed face-on. No correlation could be established between the detected
equivalent width and intrinsic absorpfion or soft excess ernission.

The correlation calculation discusseci above does not reflect the data well as
a whole. Only 13 spectra from 12 sources produ'ced line detection at the 90%
level. Upper limits to line detection were found in 34 other spectra. It is more
correct to use methods to calculate the correlations which take these upper limits
into account (Avni et al. 1980; Schmitt 1985; Feigelson and Nelson 1985; Isobe,
Feigelson and Nelson 1986).. These calculations have not yet been done. However,

the value of this calculation is in question. This is because, using Ginga, iron line

emission has been shown to be common in AGN (Awaki 1991; Nandra 1991). Such.

work using the larger detector of Ginga found better constrained equivalent widths
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from the Seyfert 1 nuclei. These betber constrained values are more appropriate
for use in statisticgl 'analysis. However, it would be useful in the long run to have
such computer programs available for other data with upper limits.

In Chapter 7 the analysis and results from a Ginga observation of NGC 7469
were discussed. Although the source was at a low flux level, inherently and because
of satellite pointing problems, and élthough there were background subtraction
problems, several results were found. In one section of the data the source was
observed to decrease in ﬂgx with a halving time scale of 25,000 seconds, with no

evidence for spectral change during this decrease. In another section of the data

I I LT P N/ 2

marginal evidence for spectral softening was found, with no significant change in

flux. More interesting results were that there was no evidence in the low energy
bands for the soft excess component which has been found previously in this source.
This could not be due to a Background subtraction systematic error, because such
an error was estimated to enhance excess emission at low energies. Also, the
photon index was found to be anomalously flat. A consistent but untestable model
proposes that the soft excess component has become temporarily quiescent.

Further work on this source is planned during a visit to Nagoya University in
November and December of 1991. First, the background subtraction p?oblems of
this observation will be resolved. Then, the analysis of another Ginga observation
of NGC 7469 will be performed and the‘ two will be compared. It may be possible,
through this comparison, to derive a consistent model to describe the spectral
changes in this source.

Chapter 8 described the most significant work in this thesis. The analysis of
two observations of NGC 6814 was discussed. These observations proved excep-

I

tionally rich in data analysis opportunities. New results included the observation

)]

of 12,000 second periodicity of the hardness ratio from the October data, implying
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continvuous variability of spectral index. The observation of periodic dips to nearly
zero flux in the April data was also remarkable. Detailed spectral analysis of the
dip data from the April obse'rx'/ation shqwed that significant spectral vafiability was
observed, with the pho‘&)n index decreasing during the dips. Also, the iron line
flux was found to decrease significantly during the dips. Detailed spectral analysis
of the two sections of data from the October observation exhibiting the fastest
change in flux also showed some evidence for spectral hardening during low flux
states. In addition, cbmparison of two low flux spectra found significant spectral
change within 128 seconds, in that the specfrum was suddenly found to soften.
Time series analysis of two sections of the October data found that during the flux
decrease (ingress), the hard flux was found to lag the soft flux. In contrast, during
the increase (egress), the soft flux was found to lag the hard ﬂux. Such lags were
6n1y marginally identified iﬁ the April dip data.

Armed with this abundance of observational results, a new variation of the
partial covering'model for the regions of the fastest variability of both observations
was proposed. This model is called the variable absorption model and it proposes
to explain both the spectral change and the lags observed by using an absorbing
layer in the line of sight with a column density which is a function of time. An éx—
ponential column was proposed, and fit explicitly to the lag data from the Octobe.r
ingress and egress data sections. In the case of the ingress the fit was acceptable.
However, for the egress the fit was not acceptable, and fit residuals-imply that a
better model function would 1.'esult in faster decreases at high energies. Simulated
spectra were derived using the model parameters found from the fitting. These

spectra were then fit. The results quantitatively agreed with the actual spectral

Ly il

fitting results from the October ingress and egress, in that specfral hardening was

found during flux decrease, followed by sudden softening. Also, the jabsorpti‘on

-
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column was found to be anomalously low in some cases, requiring it to be fixed
at the Galactic value. Such a result was also found in the actual data. Finally,
this model could be generalized to the April dip data, by assuming the gradient
of the column density to be larger, causing lags which cannot easily be detected
with the 16 second time resolution and low flux ifl thé dips.

Work remaining in this project is of two types. First, some small details
must be e;,ddressed. For example, template fitting of the April dip data needs
to be done to find limits on the lags. Second, the applications of the variable
absorpfion model to the whole October observation needs to be quantified. It
is easy to see how such a model can explain the implied 12,000 periodicity of
the photon index. If the column density gradient extends in the spatial direction
as well as varying in time, and if the source is a finite size, comparable to the
column gradient, then variability of the gradient would reflect the variation of the
spectral index. However, detailed spectral ﬁtting must be done to support this
model. As mentioned before, part of this program is now being addressed by Y.
Tsusaka at Nagoya Universi‘ty. Probably, the remainder will be addressed during
the upcoming visit by the author to Nagoya University. A

In general there are many intereéting unsolved problems concerning this un-
usual source. One of the most puzzling is the problem of the large equivalent width
yet fast variability of the iron line. The variable absorpti‘on model does not address
this problem. Other models have been proposed to explain the large equivalent
width (e.g. H.ayakawa 1991), but in general these fail to explain the periodicity.
This difficult problem is one of the most interesting problems confronting AGN
research today.

| Chapter 9 describes the results of a small theoreti_cal calculation concerning

“the motion of particles in a strong radiation field near a black hole. The chief result
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of this calculation was that a small change in the stress energy tensor resulted in
a change in the type of solution critical point. Specifically, in the case where all
the radiation is emitted from a radius 7,45, it is found that for those solutions
exhibiting critical points, the critical point is the stable node type (Abramowicz,
Ellis and Lanza 1990). This implies that a shell of material will be formed at
this stable critical point. In contrast, if an extended source stress energy tensor,
devised by the author, is used, which has the radiation flux being extended through
the region, the critical point becomes a saddle type critical point. This type is
unstable, and implies a void of material will be found at the critical point radius.

Much work remains to finish this project. Specifically, it must be determined .

why the difference in stress energy tensors results in a difference in critical point_

type.

Future Prospects of X-ray Astronomy

Future work in X-ray astronomy depends on what types of instruments will
be available in the future. In this section, some of the present and future missions
will be described. However, first it is important to know that even though large
area proportional counters have been popularly used, as described in this thesis,
in general nelarly all of the new missions involve X-ray telescopes.

As Tenﬁant points out in his thesis (Tennant 1983), the ideal detector has
large area and low internal background. The advantage of proportional counters
is that a large area can be achieved, but the disadvantage is that the internal
background is high. X-ray telescopes are capable of low internal background, but
in general because of the weight and expense of the telescope, the area is small.

Presently, the current X-ray telescope now available is ROSAT. This is a

German/UK/USA mission, consisting of two imaging telescopes. The main one,
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provided by Germany, is an X-ray telescope (XRT) for imaging in the energy range
0.1-2 keV. The second telescope, called the Wide Field Camera (WFQC) provides
imaging in the EUV range from 0.02-0.2 keV. Thus the energy band of this mis-
sion is very soft. During the first year of operation ROSAT performed an all-sky
survey. Barly results from WFC all-sky survey increased the number of cosmic
EUV séurces by two orders of magnitude. Many of these objects are identified as
active late-type éta,r_s and white dwarfs (Pounds 199‘1>. In this energy band, the
detection of AGN will be limited by absorption by interstellar ,h)‘rdrogen‘. Results
frorﬂ the XRT are not yet available; however, it is expected that using XRT, there
is sufficient energy resolution (0.4 FWHM at 1 keV) to make progress on under-
standing soft spectral components in ébjects .bright'er than 10~ 2ergscm™2s~1, in
. exposures of 104 seconds (Mushotzky 1989).

. A very short but significant mission was flown on the Space Shuttle in Decem-

ber 1990. One of the instruments was the Broad Band X-Ray Telescope (BBXRT).

This instrument had a band pass 0.3 to 12 keV with quite good energy resolu-

tion of 0.15 keV at 6 keV. Such an instrument is known as a ‘high through-put’ |

instrument. This is because the optics consisted of many nested thin gold coated
aluminum foil mirrors. In this way, the effective area was increased, but the image
resolution was décreased. However, the internal background is quite low. Tennant
(1983) éuggests that the high through-put type of instrument may approach the
ideal between the conventional X-ray teleséope and the proportional counter. The
detector at t-he focus was a solid state spectrometer.

Another high through-put mission will be soon flown. This is ASTRO D, a
Japan/US collaboration, to be launched in 1993. There will be 100 nested layers of

foil mirrors, but the telescope will only weigh 9.6 kg. CCD detectors will be used
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at the focus. This mission is expected to provide detailed spectral and variability
studies at energies less than 10 keV.

One more proportional counter instrument is being planned by the US. This
is the X-ray Timiﬁg Explorer (XTE) which will provide high quality spectra in the
2 to 60 keV range. It will have an area of 6250 cm?. This is an important mission
because of the high time resolution data which it will provide.

Thel.re are many other UK, European and Russian missions which are planned.
However, the next primarily US mission will be The Advanced X-Ray Astrophysics
Facility (AXAF), part of the quartet of Great Obsefvatories. This observatory will
be based on a conventional grazing incidence X-ray telescope with 6 nested pairs
of eléments. A variety of detectors will be available at the focal point, including
transmission gratings, spectrometers, and CCD imagers. Also a X-ray Calorimeter
is being developed, which will have 10 eV resolution and high detection eﬂicienqy
(Weisskopf 1987). This combination of h‘igh energy resolution detectors and the
polished X-ray tele_scope will make detection of very faint X-ray sources possible,
compared with the high through-put instruments or the X;I‘E.

This discussion shows that the future of X-ray observations of AGN is bright.
Future missions will provide high energy resolution spectra. This will make the
understanding of X-ray emission features possible. High through-put missions will
also prévide time resolved broad band spectroscopy. If XTE is flown, short time

scale studies of variable AGN will be possible.
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Dip Light Curves
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Figure 81. Light curve of first dip from the April observation. Bin size is 16
seconds, the intrinsic size.
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Dip Light Curves
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Figure 82. Light curve of second dip from the April observation. Bin size is 16
seconds, the intrinsic size.
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Dip Light Curves

NGC 6814 April 1990
Bin: 18 seconds
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Figure 83. Light curve of third dip from the April observation. Bin size is 16
seconds, the intrinsic size.
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Figure 84. Light curve of April data from 0 to 15,000 seconds in four different
energy bands. The bin size is 64 seconds.
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Figure 85. Light curve of April data from 85,000 to 100,000 seconds in four different
energy bands. The bin size is 64 seconds.
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Figure 86. Light curve of April data from 100,000 to 115,000 seconds in four
different energy bands. The bin size is 64 seconds.
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Figure 87. Light curve of October data from 0 to 15,000 seconds in four different
energy bands.” The bin size is 64 seconds.
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Figure 88. Light curve of October data from 15,000 to 30,000 seconds in four
different energy bands. The bin size is 64 seconds.
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Parameter Light Curves

0.0 1000.0 2000.0
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Figure 89. Parameter light curve for April data from 0 to 1400 seconds. The
results from the first day with transmission coefficient greater than 0.5 are shown.
Uncertainties are 90% for one interesting parameter.
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Parameter Light Curves
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Figure 90. Parameter light curve for April data from 85,000 to 100,000 seconds.
Uncertainties are 90% for one interesting parameter.
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Figure 91. Parameter light curve for April data from 100,000 to 115,000 seconds
past. Uncertainties are 90% for one interesting parameter.
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Parameter Light Curves
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Figure 92. Parameter light curve for October data from 0 to 10,U3D seconds.
Uncertainties are 90% for one interesting parameter.
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Parameter Light Curves
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Figure 93. Parameter light curve for October data from 10,000 to 20,000 seconds.
Uncertainties are 90% for one interesting parameter.
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Parameter Light Curves
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Figure 94. Parameter light curve for October data from 21,000 to 31,000 seconds.
Uncertainties are 90% for one interesting parameter.
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Figure 95. Spectral fit for ADIP, the combined dip spectrum. The power law plus
absorption model was fit (Equation 4.1). Best fit parameters are F = 1.03 + 0.26,

log(Afw) = 2252 £ 0.41, Ipe < 0.26counts-1, equivalent width< 290eV, and
Xw = 1.15/26 d.o.f.
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Figure 96. Spectral fit for AlDIO, the first spectrum before the first dip. The
power law and line plus absorption model was fit (Equation 4.2). Best fit param-

eters are F = 146 + 0.17, log(Af*) = 22.70 £ 0.16, Ipe = 1.52 = 0.SOcounts-1,
equivalent width= 490 + 160eV, and x# = 0.96/25 d.o.f.
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Figure 97. Spectral fit for A1DB3, the second spectrum before the first dip.
The power law and line plus absorption model was fit (Equation 4.2). Best fit

parameters are F = 1.97T0.22, log(A//) = 23.03£0.12, Ipe = 1.49+0.GGcount s-1,
equivalent width= 440 + 190eV, and Xr —1.25/25 d.o./.
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Figure 98. Spectral fit for Al DAI, the spectrum after the first dip. The power
law and line plus absorption model was fit (Equation 4.2). Best fit parameters are

F = 140 £ 0.22, log(ATy) = 22.67 = 0.22, Ipe = 091 £ 0.56counts_1, equivalent
width= 360 £ 220eV, and Xy = 1.08/25 d.o.f.
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Figure 99. Spectral fit for A2DBFR, the spectrum before the second dip. The
power law and line plus absorption model was fit (Equation 4.2). Best fit param-

eters are F = 1511 0.20, \og(Njj) = 22.79 = 0.16, Ipe = 1551 0.SOcounts ¥
equivalent width—600 = 190eV, and Xr = 0.73/25 d.o.f.
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Figure 100. Spectral fit for A2DA3, the first spectrum after the second dip. The
power law and line plus absorption model was fit (Equation 4.2). Best fit param-

eters are T = 1.20 £ 0.10, log(Wtf) = 2242 + 0.18, IFe = 111 + 0.23counts"1,
equivalent width= 530 £ 110eV, and Xtf = 1.52/25 d.o.f.
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Figure 101. Spectral fit for A2D3, the second spectrum after the second dip.
The power law and line plus absorption model was fit (Equation 4.2). Best fit

parameters are F = 1.71£0.21, log(Njj) —22.94+0.14, 1pe —0.93%£0.5!counts-1,
equivalent width= 400 + 240eV, and = 1.44/25 d.o.f.
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Figure 102. Spectral fit for ASDB2, the spectrum before the third dip. The power
law and line plus absorption model was fit (Equation 4.2). Best fit parameters are

F = 151 + 0.13, log(TVtf) = 22.70 £ 0.14, I1fe = 1.13 + 0.35count s” 1, equivalent
width= 440 + 130eV, and Xtf —1.40/25 d.o.f.
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Figure 103. Spectral fit for A3DAL, the spectrum after the third dip. The power
law and line plus absorption model was fit (Equation 4.2). Rest fit parameters are

F= 127 £0.18, \og(Njj) = 22.43 + 0.32, Ipe = 0.77 £ 0.36count s-1, equivalent
width= 410 £ 190eV, and X/j —0.48/25 d.o.f.
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Figure 104. Spectral fit for Oil from the October ingress data. The power law
and line plus absorption model was fit (Equation 4.2). Best fit parameters are

r = 1.46 + 0.16, log(Affl) = 22.46 + 0.29, Ipe —0.58 + 0.47counts-1, equivalent
width= 210 + 170eV, and Xfl = 0.89/25 d.o.f.
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Figure 105. Spectral fit for 013 from the October ingress data. The power law
and line plus absorption model was fit (Equation 4.2). Best fit parameters are
F = 154 40.16, Ife = 0.95 #0.49counts-1, equivalent width= 320 zb 170eV,

\og(NH) = 22.34 0.28, and Xr = 1-69/25 d.o.f.
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Figure 106. Spectral fit for 015 from the October ingress data. The power law
and line plus absorption model was fit (Equation 4.2). Best fit parameters are

F = 128+ 0.16, log(/V}y) = 22.62 £ 0.20, Ipe = 1.42 = 0.Slcounts~\ equivalent
width= 460 = ITOeV, and Xjj = 0.72/25 d.o.f.
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Figure 107. Spectral fit for 017 from the October ingress data. The power law
and line plus absorption model was fit (Equation 4.2). Best fit parameters are

r = 1.27£0.28, log(7V#) was fixed at 21.2, the Galactic value, 1fe < U.41counts~1,
equivalent width< 310eV, and = 0.65/26 d o./.
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Figure 108. Spectral fit for OIHRD3 from the October ingress data. The power
law and line plus absorption model was fit (Equation 4.2). Best fit parameters
are F = 0.85+ 0.17, log(TV#) was fixed at 21.2, the Galactic value, I1fe = 0.89 +

0.Slcounts_1, equivalent width= 640 £ 370eV, and X/} = 0.59/26 d.o.f.
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Figure 109. Spectral fit for OHLT5I from the October ingress data. The power law
plus absorption model was fit (Equation 4.1). Best fit parameters are | —154 +

0.25, log(Ntf) = 22.54 +0.43, Ipe < OAlcount s_1, equivalent width< 320eV, and
Xtf = 0.76/26 d.o.f.
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Figure HO. Spectral fit for 05E1 from the October egress data. The power
law and line plus absorption model was fit (Equation 4.2). Best fit parameters
are F = 0.85+ 0.11, \og(njj) was fixed at the 21.2, the Galactic value, Ipe =

0.77 £ 0.23counts-1, equivalent width= 770 + 230eV, and Xr = 0.47/26 d.o.f.
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Figure 111. Spectral fit for OE6 from the October egress data. The power law
and line plus absorption model was fit (Equation 4.2). Best fit parameters are

F = 0.99 £ 0.21, \og(Nfj) = 22.31 + 0.47, Ipe = 0.98 + 0.44count s~1, equivalent
width= 530 £ 240eV, and x# = 0.71/25 d.o.f.
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Figure 112. Spectral fit for OES from the October egress data. The power law
and line plus absorption model was fit (Equation 4.2). Best fit parameters are

F= 139 £ 0.20, log(Nfj) = 22.61 th0.25, Ipe = 114 + 0.47counts_1, equivalent
width= 500 £ 200eV, and Xr = 0.82/25 d.o./.
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